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FOREWORD

New trends in science that crystallized in the post-war period and have
been rapidly developing during the last 20 years include the application of
satellites and rockets to outer space research (mainly the Sun) and to the
upper atmosphere. The terms ''rocket astronomy' and ''rocket geophysics"
have been coined for these two trends, respectively. The close relationship
between solar and geophysical phenomena has become particularly clear
through rocket experiments. General problems have emerged whose solution
required the concerted efforts of astrophysicists and geophysicists.

The interpretation of the short-wave solar spectrum is among the
problems which have come to the foreground following the observations of
the short-wave radiation (A <2900 A) outside the atmosphereoand direct
sounding of the ionosphere. The solar spectrum at A <1500 A wag found to
consgist of numerous emission lines, and the energy at A < 1000 A was
recognized to exceed many orders of magnitudes the photospheric emission
in the same wavelength region (see Figure 1). A qualitatively similar
picture had been expected long before the launching of space rockets. Once
it had been established that the solar corona has a high kinetic temperature
of up to a million degrees, Shklovskii showed (in 1945) that the corona would
emit lines with wavelengths of a few hundred angstrom. * Rocket observa-
tions, however, also revealed certain new properties of the short-wave
spectrum which had not been suspected before. This, in particular, includes
the energy distribytion in the spectrum and the estimates of the energy,
which at A {1000 A was found to be 1 — 2 orders of magnitude higher than
previously expected. Emission lines of ions in intermediate ionization
stages, i.e., existing in a wide range of temperatures from 10,000°K (the
chromosphere) to 1,000,000 °K (the corona), were discovered for the first
time in the solar spectrum. Numerous lines had to be identified, in order
to investigate the properties of the trangitional region between the chromo-
sphere and the corona and to establish the intensity distribution in the
short-wave spectrum and its time-dependent variations (i.e., variation with
the phase of the solar cycle). The most remarkable wavelength region is
that extending below the bright hydrogen line L, (1216 A). The great majority
of the lines emitted by the transition region fall in this part of the short-wave
spectrum and these wavelengths ionize the atmosphere.

Geophysical rockets have radically changed our concepts of the ionosphere,
We are now aware, in particular, that the vertical distribution of the
electron density in the daytime ionosphere does not show a distinct layered
structure ( the D, E, and F, "layers''); there actually exist wide regions of
increased electron density with smooth transitions between them. Our
notions of the ion composition of the ionosphere have also undergone

® To the best of our knowledge, the suggestion concerning the possible existence of short-wave radiation
was first voiced by Kiepenheuer back in 1935.
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revolutionary changes: rocket measurements have shown that the ionosphere
contains molecular ions in large quantities, which cannot be regarded as
products of photoionization by solar radiation but are actually produced by
ion-molecular reactions. This meant that the theory of the fundamental
elementary processes in the ionosphere had to be reconstructed on entirely
new foundations. Rocket data on fast electron fluxes in the lower atmosphere
have led to the corpuscular hypothesis of ionization of the ionosphere.

Direct measurements from rockets and satellites have established a
number of highly important physical characteristics of the ionosphere which
were previously inaccessible to observations from the ground. These para-
meters include the density, temperature and composition of the neutral
atmosphere at various altitudes, the electron and ion temperatures of the
ionized component under various conditions, etc. These measurements
provided sufficient information for a more consistent theory of the formation
of the ionosphere at any altitude and for the prediction of its variations
during the day and during a solar activity cycle. As a result, some conven-
tional established ideas about the ionosphere and the mechanisms of its
formation had to be revised. This, in particular, related to one of the basic
topics, the energetics and the rate constants of ionization and recombination
processes in the ionosphere, as well as the basic mechanism of daytime
ionization of the upper atmosphere by short-wave solar radiation.

"Pure ionospheric' problems are now known to be inseparably linked
with ""pure solar' topics, since a physical model of the ionosphere taking
full account of ionization by solar radiation cannot be developed unless the
origin and the properties of the short-wave solar radiation are known.

Some progress had been made toward the solution of this problem, but
further research into solar-geophysical relations is needed. This will
assist in tackling such applied problems as the forecasting of solar activity
and the state of the ionosphere. No specialized monographs are available
in the scientific literature on the subject of the short-wave solar radiation
and its interaction with the ionosphere.

Our book naturally does not pretend to provide a full coverage of the
problem. One of the reasons for this is purely subjective: each of the
authors naturally places the main emphasis on his own research. During the
10 years that the authors have been working on the various problems
treated in this boaok, certain ideas have crystallized which constitute the
backbone of the presentation. These ideas are not always shared by other
colleagues but, in all fairness, contradictory views are discussed in detail.

In our treatment of the relevant topics, we iried to cover most of the
available material, and especially the experimental data which may prove to
be of independent interest to the reader.

Chapters I through III (short-wave solar radiation) were written by
G. M. Nikol'skii and Chapters IV through VI (the physics of the ionosphere)
by G. S. Ivanov~- Kholodnyi.

Moscow, February 1969 The authors

vili



Chapter I

RESULTS OF OBSERVATIONS OF THE SHORT-WAVE
RADIATION OF THE SUN

The review of the observational data presented in the first chapter is by
no means complete, To simplify the reading, numerous observational
results are presented in conjunction with the theoretical treatment in
subsequent chapters, and the preliminary chapter is thus of necessity
fairly brief. Experimental data which have no immediate bearing on the
main topics of our interest have been omitted. The reader will be able
to form a more complete picture by consulting the various review papers
(see Bibliography).

1. Spectrographic observations

The spectrum below 2000 R is generally referred to as the vacuum
ultraviolet in spectroscopic laboratory work. In laboratory this spectral
region was studied down to 1200 & by Schumann back in the 19th century.
The solar spectrum, on the other hand, was extended beyond 2900 A, in
the direction of shorter wavelengths, only as late as 1946, The development
of short-wave spectroscopy in laboratory was characterized by a very fast
growth, As early as 1921, Millikan advanced the short-wave limit to
200 A. 1n the 1930's, Edlen used a grazing-incidence diffraction-grating
spectrograph to obtain the spectrum around 44, i.e., inthe region which
normally calls for the use of X-~ray techniques. In laboratory, the
spectroscopist is free to choose a suitable light source emitting a suf-
ficient quantity of energy in the short-wave spectrum. The light beam
easily can be transmitted through vacuum to avoid obstructive absorption.
The astrophysicist, on the other hand, is handicapped by the necessity
of launching his equipment to sufficiently high altitudes where the short-
wave radiation can be measured,.

After World War 1I, using captured German V-2 rockets, and sub-
sequently the Aerobee and Viking rockets of their own design, the
Americans began studies of the short-wave end of the solar spectrum,
which previously had been inaccessible to earthbound observers.*

The first launching of a rocket-borne spectrograph on 10 October 1946
gave a recording of the spectrum at 2100—2900A; the resolution was

* Rocket-borne measurements of the solar spectrum had been planned by the German scientists (Kiepenheuer
and Wegener), who built suitable equipment back in 1943. The Naziregime, however, was not interested
in "pure science,” and the research program did not materialize.



poor, however, not exceeding 44 /1/. In later years, the short-wave
edge of the observed spectra remained in the same position, but the resolu-
tion was gradually improved. These observations revealed a marked
decrease in the spectral intensity at shorter wavelengths: the Planck
(color) temperature drops from 6000°K around 3000 A to about 4500 °K
around 2000 A, In 1949, the solar spectrum was extended to 1900‘&,
although with very low resolution. In parallel with the development of
spectrographic techniques, filters defining wide wavebands were being
used for observations, in conjunction with phosphors or photon counters
as detectors. LiF and CaF; isolate the two spectral regions 1040 — 1340 A
and 1230— 1340 A, respectively, Similar measurements carried out at
the Naval Research Laboratory in the USA established that the solar
radiation in these spectral regions cannot be described by a Planckian
function. The altitudes in the Earth's atmosphere where the absorption
in certain wavebands beconr%es acceptably low were determined (around
100 km for the 1400— 1700 A region and over 20 km for 1700—2100 A).
Studies of the X-ray spectrum of the Sun began in the same period.
Wide-band filters were used, first in conjunction with photographic
techniques and subsequently with photon counters. In 1952, a Colorado
University group (Rense et al. /2/) obtained the first spectrum showing
the L. line of hydrogen (1215.7 A). This is the strongest emission line

in the short-wave region of the solar spectrum (below 2500 A),

Different research groups photographed the solar spectrum between
2900 A, the wavelength which suffers from considerable absorption in
the lower atmosphere, and 1500— 2000 A, where the continuum intensity
decreases and a line emission spectrum appears. Besides numerous
absorption lines, this part of thge spectrum contains the strong emission
lines Mg II 2795.5 A and 2802.7A. These are reversals in wide absorp-
tion lines, analogous to the famous K and H lines of Ca II. The total
emission energy in the Mg II lines reaches 18 erg/cm?sec /3/. The
most detailed identification of lines in this part of the spectrum is given
in /4,5/. However, astrophysicists and geophysicists are mainly
interested in the emission spectrum of the Sun between 2000 & and the
X-ray region (Figure 1),

Without going into the remarkable history of the rocket astronomy (see
Tousey /6/ on this subject) and without listing all the publications, we
will only observe that the principal experimental results for the short-
wave radiation of the Sun were obtained in the USA by three groups:
Rense et al. (Colorado University, Boulder, Colo.), Friedman and Tousey
et al, (Naval Research Laboratory), and Hinteregger et al. (Cambridge
Air Force Research Center).

Short-wave spectra have to be taken with diffraction-grating spectro-
graphs, since prisms are inapplicable in the far ultraviolet: no refracting
optics is transparent at these wavelengths. Gratings, however, have
their characteristic shortcomings: diffraction gratings, which double as
camera mirrors, produce strong scattered light, which is a considerable
nuisance in rocket spectroscopy. Two different grating systems are used:
oblique or grazing incidence gratings and normal incidence gratings.
Normal incidence gratings are generally used in conjunction with a pre-
dispersion grating which acts as a collector mirror; they are employed
for the relatively '"long-wave' region of rocket spectra (4 > 500 A).
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FIGURE 1. The observed energy distribution in the solar spectrum from
the X-ray region to the far infrared:

Energy density f per A& =1 A s given at a distance of 1 a.u. from the
Sun. The dashedline drawn through the dots plots the blackbody emis-
sion at T =6000°K. The dashed lines in the X-ray spectrum indicate
possible changes in flux level due to changes in solar activity. The
vertical line marks the cutoff in the Earth's atmosphere.

A normal incidence spectrograph is essentially free from aberrations,
whereas a grazing incidence spectrograph ensures a substantially higher
reflection coefficient and linear dispersion at the shortest wavelengths,
while suffering from aberrations and being difficult to adjust. According
to Edlen, the same grating used at incidence angles of 0° and 85°.6 gave
spectra with a short-wave limit at 320 and 53 A, respectively /7/.
Schumann-type gelatine-free emulsions are usually used as photographic
material. The spectrum is scanned with a photoelectric detector, whose
output signals are telemetered to Earth. Although it has obvious advantages,
this method suffers from low resolution and complex equipment.

The determination of the absolute intensities of short-wave lines is a
formidable undertaking, especially at wavelengths shorter than 500 A:
virtually no standard radiation sources are available in this spectral region,
so that calibration and measurements are conducted under different
conditions.

Measurements of short-wave radiation in relatively wide spectral bands
or measurements of dominant monochromatic emission (such as the L,
line) require an entirely different technique. lonization chambers or
photon counters are used as radiation detectors. Counters are more
popular, and the filling together with the entrance window act as filters
defining the short-wave and the long-wave edges of the counter response
curve, This equipment is generally used in recording the emission of
weak objects around 1000 A, in measurements of the solar radiation flux
in the L, line, and in X-ray observations.

Since unstabilized rockets change their orientation in space, automatic
training equipment is used to aim the instruments to the Sun. One of the
first systems of this kind was developed at the Colorado University /8/.
These tracking systems, however, cannot eliminate the undesirable effect
of rotation of the solar image about the rocket—Sun line, which may prove



quite harmful in certain experiments. The training accuracy in individual
experiments has already reached 1—2" /8/.

We can now proceed with a description of the rocket spectrograms,

The brightest emission line in the solar spectrum below 2000 A 'is the
resonance emission line of hydrogen L. 1215.7TA. The L, line is apparently
the strongest in the entire short-wave line spectrum of the Sun, since the
Mg II emission lines lie in the Fraunhofer spectrum. The Lqline was first
observed by Rense et al. /2/. The intensity of L. has been repeatedly
measured by various techniques (ionization chambers, counters, photo-
graphic spectra). The data obtained for the period 1955 — 1966 (a total

of 23 individual measurements) were analyzed by Weeks /10/, who obtained
an L. flux of 6.1+0.45 erg/cm? sec in epochs of maximum solar activity and
4.340.35 erg/cm?sec in epochs of minimum. The spectrum in the L, region
has been studied by various authors /11— 15/. The first absolute intensity
estimates for individual lines near L, were published by Aboud, Behring,
and Rense /15/, who determined the intensities of 24 lines in the

1206— 1817 A region from spectrograms taken at altitudes of 95— 150 km on
6 August 1957. Numerous spectrograms in this wavelength region were
subsequently obtained by other authors.,

Spectrograms extending to 84 A were obtained by Violett and Rense with
a Rowland-system grazing-incidence spectrograph launched on 4 June 1958
and 30 March 1959 /16/. A toroidal collector mirror was mounted in front
of the slit. A 1X2 cm?® grating was used for the first launch, but the grating
area was subsequently increased to 1,8 X3.6 cmm?, Both gratings were ruled
with 600 lines per 1 mm and had a radius of curvature of 50 cm. The dis-
persion at 1200, 600, and 300 A was 12.6, 9.3, and 6.6 A/mm, respectively,
and the resolvmg power reached 0. 4K in the L. region. The Colorado
University tracking system was used. A list of some 150 lines, giving
wavelengths and visual intensity estimates, was published in /16/. The
intensity of L. was estimated at 1000 units, and the weakest lines were
assigned an intensity of 5 units. The intensities of different lines can be
visually compared only if the wavelengths cluster fairly closely, since
these intensity estimates ignore the spectral selectivity associated, say,
with the wavelength dependence of the reflection coefficients of the optical
coatings and absorption in the Earth's atmosphere. About half the lines
on the list of Violett and Rense /16/ were identified with the ions of the
most abundant elements on the Sun (H, He, C, O, and others) in different
ionization stages. These photographs showed for the first time the resonance
line He II 303.8 A with a halfwidth of less than 0.5 A (this is an upper-limit
figure). Despite the relatively poor quality of the spectrograms in /16/,
the authors achieved a significant ''leap forward' into the short-wave
spectrum and discovered numerous lines, some of which unfortunately
proved to be ''fakes."

Purcell, Packer, and Tousey at the Naval Research Laboratory, using
an Aercbee High rocket, obtained the spectrum in the 500— 1800 A region
from an altitude of 198 km on 13 March 1959 /17/. A normal incidence
spectrograph was used, with 40 A/mm dispersion, analogous to the one
that had been employed in 1855, but with improved optics which reduced
the scattered light. The grating was coated with layers of germanium and
aluminum oxide. This combination guppressed the scattered light mainly
in the region of its maximum (4000 A) and gave a reflection coefficient of
15% which remained virtually constant to 600A. The diffraction grating
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had a reflection maximum around 1000A. The collector mirror in front

of the grating had been mechanically deformed so as to correct the
astigmatism of the grating. The system was thus stigmatic both in the
longitudinal and in the transverse direction. However, the tracking system
malfunctioned, so the Sun drifted across the slit and no information could
be obtained about the variation of line intensities over the solar disk. The
maximum exposure plate (30 seconds) showed about 100 lines, including

8 lines of the Lyman series and the continuum A < 912A,

Detwiller, Garrett, Purcell, and Tousey [18/ describe the results
obtained from a processing of the 19 April 1960 data /19/. The spectro-
gram taken with 60-sec exposure at altitudes between 206 and 157 km
(Figures 2a, 2b) underwent photometry and was calibrated in energy units.

FIGURE 2a. The spectrum of the Sun in the 1500— 10004 region, obtained by
Detwiller, Garrett, Purcell, and Tousey on 19 April 1960.
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FIGURE 2b, The spectrum of the Sun in the 1200— 500 A region obtained by Detwiller, Purcell, and Tousey

on 19 April 1960.



The calibration was conducted by tagging to the L, intensity, which had

been measured with an ionization chamber mounted on the same rocket.
These measurements gave an L, flux of 5.1 erg/cm?sec. To obtain the
spectral intensities, the authors also had to take into consideration the
absorption by molecular nitrogen and oxygen and also the absorption by
water vapor lifted by the rocket Strong H,0 absorption bands are observed
at the wavelengths of Ls, 1060A 1110A 1140A and L., The quantity
of absorbing H,O molecules in an elementary column was determined by
measuring the depth of these bands. It was found equal to 4.6+10'® em™,
N absorption bands crossing the Lyman continuum are also noticeable.
The L, line 972.5 A (whose intensity is intermediate to that of Ly and Ls)
does not show on the spectrogram owing to the strong absorption in the
N, band which extends from 972.1 A. The weak line 972.1 A near L, ap-
parently belongs to He II. Spectrograms taken at high altitudes show the
L, line distinctly, although it is weak. Recombination emission beyond
the limit of the Lyman series is very prominent: it extends to 800A

on the spectrograms. The total intensity in the Lyman continuum is
estimated at 0.24 erg/cm?sec, which corresponds to the blackbody
emission at 6600°K. The total radiation flux of the higher members

of the Lyman series is 0.12 erg/cm2 sec, We recall that all these energy
estimates correspond to radiation emitted by the entire solar disk and

to a distance of 1 a.u. A list of intensities and identification of the bright
lines is reproduced in Table 1.

TABLE 1. The flux F at a distance of 1 a.u, from the Sun in the bright lines
of the short-wave solar spectrum from photographic observations /18/

F, F,
A4 | fon erg/cm?sec A fon erg/cm?sec

1892.03 Silll 0.10 4265.04 Sifl 0.020
1817.42 Sill 0.45 1260.66 Sill 0.010
1808.01 Sill 0.15 1242.78 NV 0.003
1670.81 Alll 0.08 1238.80 NV 0.004
1657.00 CI 0.16 1215.67 HI 5.1

1640.47 Hell 0.07 1206.52 Silll 0.030
1561.40 CI 0.09 1175.70 CIII 0.010
1550.77 C1vV 0.06 1139.89 CI 0.003
1548.19 CIV 0.11 1085.70 NII 0.006
1533.44 Sill 0.041 1037.61 oVl 0.025
1526.70 Sill 0.038 1031.91 OVI 0.020
1402.73 SilvV 0.013 1025.72 HI 0.060
1393.73 Silv 0.030 991.58 NIIT 0.010
1335.68 CII 0.050 989.79 NIII 0.006
1334.51 CII 0.050 977.03 CIII 0.050
1306.02 oI 0.025 949.74 HI 0.010
1304.86 0l 0.020 937.80 HI 0.05
1302.17 0] § 0.013 835 OlI, 111 0.010

In subsequent years the Tousey group obtained a number of additional
spectrograms /20/ progressively advancing toward shorter wavelengths.
The spectral region at 170 A was attained on 21 June 1961 with a normal
incidence spectrograph (600 lines/mm grating, 40 cm radius of curvature).
The launchings of 22 August 1962 and 10 May 1963 shifted the short-wave region

evenfurther. Better spectra in this regionwere obtained in 1963 (Figure 2c).
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FIGURE 2c. The spectrum of the Sun in the 220 —150 A region, obtained by Austin, Purcell, Tousey,

10 May 1963,
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FIGURE 2d. The spectrum of the Sun in the 130—60 A region (1 February 1966) and in the 80—30 A region (20 September
1963), obtained by Austin, Purcell, Snyder, Tousey, and Widing.

The spectrophotometer tracing on top of the 130 —60 & spectrum was obtained by Manson (Cambridge, USA) on
3 September 1965 and is reproduced for comparison.




Finally, the spectrum at 33— 188 A was obtained on 20 September 1963
(a 2400 lines /mm grating, Figure 2d). The accuracy of wavelength
determination on these spectrograms is between 0,02 and 0.1 A, and the
resolving power is 0.15 A. The intensity of 30 lines between 33 and 70 A
was estimated by Austin, Purcell, Tousey, and Widing /21/. This is the
only spectrogram available for the 33 — 55 A region. A survey of the
results obtained by the Tousey group will be found in /22/,

Photoelectric measurements of the short-wave spectrum of the Sun were
conducted by Hinteregger's group. The first recording was obtained on
12 March 1959. This spectrum (250 — 1300 A) was described by Hinteregger,
Damon, Heroux, and Hall at the COSPAR symposium /23/. The spectro-
meter used a grazing-incidence grating at 86° (600 lines /mm, 2 m radius
of curvature). The entrance slit was relatively wide, 0.8 mm. The scanning
was done by a steel strip with exit slits which moved along the Rowland
circle. The radiation passing through an exit slit was recorded with an
open-type photomultiplier, The readings were telemetered to Earth,
Gratings with 1200 and 2400 lines /mm penetrate as far as 125 and 60 A.
Four lineg were recorded with this equipment: 282 A, 3354, 304 A (He II)
and 1216 A (L,). The monochromator had been calibrated in laboratory to
permit determining the absolute intensities. However, the emission of the
standard laboratory source was so weak, that at wavelength shorter than
500 A the calibration had to be based on extrapolated instrumental response
values. The data of /23/show that the 304 A line is mainly absorbed at
altitudes below 200 km.

Two subsequent launchings of the monochromator in January 1960 gave a
recording of the shorti-wave spectrum of the Sun at 60 — 1300 A. Hinteregger
/24/, while computing the degree of ionization of interplanetary gas from his
measurements of the solar radiation energy in the short-wave spectrum,
gives spectrophotometer tracmgs obtained on 19 January 1960 (300 — 1300 ./31)
and 29 January 1960 (60 — 300 A) at altltudes above 200 km. The resolving
power varied from 2 R at 60 A to 16 A in L.. A total of 60 maxima could be
counted on the curve, which corresponded to emission lines, including the
higher orders of bright lines. The total energy in the 60 — 1300 A region
in an epoch of high solar activity was 10 erg/cm?sec (15 erg/cm?sec
corrected for atmospheric absorption) /24/.

In summer 1960, Hinteregger applied the same technique to obtain g
recording ofthe 250 — 1300 A region with higher resolving power (3 — 5 A)
/25/, and in 1961, together with Hall and Damon, he improved on these
results, attaining resolutions from 1.5to 3 A /26/ (Figure 3). The total
energy flux outside the Earth's atmosphere in this spectral region is almost
a whole order of magnitude less than the previous estimate. This divergence
in flux data is atributed by Hinteregger first to the higher quality of the last
spectrogram (higher resolution, better suppression of scattered light) and
second to an overestimation of atmospheric absorption in his earlier work.
The second factor, incidentally, is not particularly significant, since the
total fluxes outside the atmosphere and at 210 km altitude in the first
experiment differ only by a factor of 1.5. A reduction in the level of solar
activity may also have had its effect on the new results (the radio flux at
10,7 cm dropped to 1/2),
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FIGURE 3. Photoelectric recording of the solar spectrum obtained by Hinteregger, Hall, and

Damon (Cambridge, USA) on 23 August 1961.
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The last experiments used a grazing-incidence spectrometer with a 2-m
Rowland grating (300 lines /mm). The errors in wavelength determination
did not exceed 2 A. According to /26/, energy calibratjon errors are £10%
at 540 — 1216 A, + 15% near 400 A, and £25% near 250 A. The spectrum
was recorded at altitudes between 90 and 225 km,

In 1963, Hinteregger's group achieved significant new results: they
obtained a photoelectric recording of the spectrum to 55 A with fair
resolution. In particular, Hinteregger, Hall and Schweizer /27/ published
a recording (55— 310 A) obtained on 2 May 1963. The spectrometer used a
1200 lines /mm grating with 2 m radius of curvature. The resolution reached
about 0.1 A, This remains the best available recording in this particular
region of the spectrum. The curve is reproduced in Figure 4, where the
vertical axis gives the logarithm of the counting rate. A conversion factor
of 1,4 -108 rnay be used to convert the counting rate into photon flux
(quanta/cm®sec at a distance of 1 a.u.) to within a factor of 2 — 3.

Friedman's group achieved excellent results using a new observation
technique. A Bragg system spectrometer using an APP crystal (acid
potassium phthalate) as the dispersing element was launched on an Aerobee
rocket on 25 July 1963. Fourteen lines were registered between 13.7 and
248 A. The wavelengths were accurate to within 0,1 A. The radiation flux
in the lines accounted for 80 — 90% of the total, and the balance was
concentrated in the continuum, which presumably also contained the weaker
blendinglines. Blake, Chubb, Friedman, and Unzicker /28/ published the
list of these lines and their intensities. Identifications with O VII and OVIII
ions were carried out using a laboratory spectrum (theta pinch). The
identification with Fe XVII and N VII was based on the data of Edlen and
Tieren (1938, 1947). The data of Friedman's group provide the only results
with absolute calibration for this region of the spectrum.

Highly interesting results were obtained by Mandel'shtam's group
(Institute of Physics, USSR Academy of Sciences). Zhitnik et al. /29/
describe spectrograms obtained with geophysical rockets at altitudes of
500 km on 20 September and 1 October 1965. A grazing-incidence diffraction
grating spectrograph was used (with 2° ""grazing' angle), with a gold-coated
grating (radius of curvature 1 m, 600 lines/mm, concentration of light
around 60 A) The slit was wedge-shaped with maximum width of 0,05 mm.
The shortest wavelength appearing on the spectrogram taken on 1 October
1965 was the 9.5 A line identified with MgXI. A total of 14 lines and blends
were recorded in the 9,5 — 34 A region. The only new lines were the
10.9—11.9 A blend, which was observed fgr the first time and identified in
/29/ with NeIX, NaX, NeX, and the 28.5 A line assigned to CVI. The
remaining 10 lines had been previously observed by the Friedman group /28/
and two lines (30,0 and 31.8 A) possibly correspond to the 14.9 and 16.0 A
lines inthe second order spectrum. Unfortunately the authors of /29/ give only
rough estimates of the radiation fluxes: 5-1073 erg/cm sec for the 10,9 —
11.9 A blend and 1072 erg/em?sec for the 14.9 A line (Fe XVII). These fluxes
correspond to solar radiation during chromospheric flares. Friedman et
al. /28/ estimate the flux of the 14.9 A line at 2 - 10~ erg/cm?sec.

The region 25— 33 A has not been studied with sufficiently high resolution.
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TABLE 2. Energy distribution in the short-wave spectrum of the Sun /30/

A—N O X, & Identification F, erg/cm?sec
1215.7 HI L, 4.4
1206.5 Silll 0.071
1220 — 1200 (no L,, Silll) 0.121
1200 — 1180 0.092
117 CIII 0.042
1180——1130 ( no CIII) 0.100
1130 — 0 0.079
1085. NII 0.009
1090 — 1040 (no NII) 0.078
1037.6 oVl 0.025
1031.9 oVl 0.036
1040 — 1027 ( no OVI) 0.013
1215.7 — 1027 5.1
1025.7 HI Ly 0.045
1027 — 990 (no Lg) 0.056
997.0 CIIl 0.081
972.5 HI L, 0.011
990 — 950 (no CIII, L) 0.021
950 — 920 0.031
920 — 911 o 0.028
1027 — 911 0.28
911 — 890 Lyman continuum 0.089
890 — 360 Lyman continuum 0.096
860 — 840 Lyman continuum 0.047
835 — 832 Oll, OlII 0.013
840 — 810 ( no OII OI1I) 0.048
0.017
911 — 796 0.3
790.1 o1V 0.003
787.7 o1V 0.008
780.3 NeVII 0.004
765.1 NIV 0.006
780 — 760 (no NeVIII, NIV) 0.019
760 — 740 0.003
740 — 732 0.005
703.8 Ol 0.007
732 — 700 ( no OILII) 0.015
700 — 665 0.020
665 — 630 0.017
796 — 630 0.153
629.7, 625 oV, MgX 0.056
630 — 600 ( no OV MgX) 0.039
Hel 0.053
600—580 (no Hel) 0.013
580 — 540 0.050
540 — 510 0.018
510 — 500 0.041
500 — 480 0.042
480 — 460 0.030
630 — 460 0.34
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TABLE 2 (continued)

Aa—A OF A, & Identification F.erg/cm?sec™!
460 — 435 0.022
435 — 400 0.047
400 — 370 0,029
460 — 370 0.098
368.1 MgIX 0.031
370 — 355 (no MgIX) 0.050
355 — 340 0.044
340 — 325 0.045
325 — 310 Hell 0.047
303.8 0.25
310 — 280 (no HellI) 0.113
370 — 280 ~ 0.58
280 — 260 0.062
257.256 SiX, Hell 0.023
260 — 240 ( no SiX, Hell) 0.064
240 — 220 0.081
220 — 205 0.059
280 — 205 0.29
205 — 190 0.163
190 — 180 0.250
180 — 165 0.31
205 — 165 0.78
165—138 0.092
138103 0.099
103—83 0.149
83—62 0.137
62—41 0.135
-3 0.083
31—22.8 0.004
22.8—15 0.003
15—10 0.001
105 0.001
5—3 1078
3—1 10-7
165 —1 0.70
1220 —1 (no Ly) 4.2

Table 2 summarizes the experimental data on the distribution of energy
in the short-wave spectrum of the Sun. It is based on Hinteregger's review
/30/. The accuracy and reliability of these data will be considered later,
in Chapter II. The radiation fluxes for the 1216 — 60 A region in Table 2
are given according to Hinteregger et al. /31/. At shorter wavelengths,
Hinteregger obtained upper-bound estimates for an epoch of minimum solar
activity on the basis of various sources. On the whole, the energy values
in Table 2 correspond to minimum activity.

The determination of line widths in the short-wave spectrum constitutes
a difficult problem, since the majority of short-wave lines are narrow: the
expected halfwidth of the He II 304 A lme, for example, is approximately
0.04 & (definitely not more than 0.07 A /32/), whereas the spectroscopic



equipment used in these measurements has a low resolution (generally
lower than 0.1 A) The determination of the line widths emitted by ions in
various stages of ionization is likely to yield valuable information on the
physical conditions in the solar atmosphere and on the exact nature of the
short-wave radiation.

So far only the profiles of the strong hydrogen lines (L. and L; ) were
determined: these are wide lines with halfwidths of about 1 A. One of the
first photographs of L, obtained by Rense et al.
/2/ revealed traces of self-reversal at the line
center, despite the low resolution (reported
at the 10th Congress of the International
Astronomical Union in Moscow, 1958)., The
existence of a narrow dip at the center of L.
was also predicted theoretically in 1958 /34/.
It was suggested /34/ thatthis dip was produced
by neutral hydrogen in interplanetary space,

Purcell and Tousey obtained a spectrogram
of L. with 0.03 A resolution using a double-

4————//3————'— dispersion diffraction grating spectrograph in
the 13th order (21 July 1959, Figure 5a)
FIGURE 5a. Spectrum and profile of /35, 36/. Another series of similar spectro-
the L, line obtained on 21 July 1959 by g g were taken on 19 April 1960 (Figure 5b).
Purcell and Tousey (Naval Research A microphotogram of the line profile is shown

Laboratory, USA). Resolving power
about 0,03 }’x Note the narrow absorp-
tion nucleus associated with the ab-
sorption in the geocorona.

in Figure 5a, The most prominent detail is the
narrow absorption nucleus at the line center,
which is 0.025— 0,04 A wide according to

/35, 36/. These widths correspond to kinetic
temperatures of 800 — 2000°K in the absorbing
medium. It thus follows that this radiation originates in the upper atmo-
sphere of the Earth, in the so-called geocorona. The temperature of the
interplanetary gas cannot be as low as this: the lowest temperatures in
interplanetary space are 10,000°K, Theoretical computations /34/ used
exaggerated concentrations of hydrogen in the interplanetary gas and ignored
the existence of the geocorona.

The L, line also shows a wide reversal, splitting the line into two ""peaks
separated approximatelyby 0.4 A. This reversal is of solar origin, being
a result of the high optical thickness of the chromosphere.

On 22 August 1962, the same group obtained spectrograms of L. and Lg
/20/ with lower resolution, which was selected so that the geocoronal
absorption nucleus disappeared (0,07 A) Figure 5c shows the L, profile
according to the 1959 and 1962 data for active and unperturbed regions of the
solar disc. The wide central reversal varies from one area of the solar
disc to another; it also shows variations in time, The profile of the Ls
line is similar to that of L., but the reversal is shallower and the separation
of the two "'peaks' is 2/3 of that observed for L,. This is not unexpected,
since the oscillator strength of Lg is 1/5 of the L. oscillator strength and
the wavelength is shorter. The central depression may be qualitatively
accounted for by the theory of noncoherent scattering of resonance radiation
in an optically dense medium /37 — 39/. A quantum undergoes multiple
emissions and absorptions and eventually escapes from the absorbing region
or is converted into heat (true absorption). For variety of reasons, each
absorption event takes place at a different frequency, which remains close
to the resonance frequency.
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FIGURE 5b. Stigmatic spectrograms of the L, line obtained on 19 June 1960 by Purcell and
Tousey.

Note the changes in spectrum along the slit, which crosses the solar disc: the line is brighter
in active regions, and its wings extend farther, Because of the precession of the rocket, the
position of the slit on the solar disc changed from one photograph to the next.

22 Aug.1962
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FIGURE 5¢. Specrta and profiles of L, and Lglines.

The relatively low resolution (0.07 4) was selected so as to suppress the geocoronal absorption,
These photographs were taken by Tousey, Purcell, Austin, Garrett, and Widing in quiet parts
of the solar disc.
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FIGURE 6. The short-wave spectrum of the solar chromosphere obtained by Burton, Ridgeley, and Wilson, 9 April 1965.

The spectrograph slit was aligned tangentially to the Sun's image at a distance of 7000 km from the limb. The stigmatic spectrum of the solar
disc obtained at the Naval Research Laboratory is given at the bottom for comparison.



The main reason for the changes in frequency is the Doppler effect due
to the movement of the atoms. Since the absorption coefficient diminishes
with the distance from the line center, the probability of escape of a
quantum increases, but the probability of production of such quanta
decreases (the effect of the velocity distribution of the atoms), This

mechanism is responsible for the appearance of the characteristic "two-
hump' profile. K

A theoretical analysis of the observation results for the L. line was
carried out by Morton and Widing /40/. These authors used the theory of
formation of optically thick lines in noncoherent scattering /38/to determine
the temperature of the regions where the wide central reversal originated.
The results ranged between 50,000 and 100,000°K. These are inordinately
high temperatures, especially if we remember that the major fraction of
the L, emission originates in regions with temperatures of about 7000°K
(the corresponding blackbody temperature). A number of critical comments
aimed at Morton and Widing /40/ were made by Obridko /41/, who pointed
to the inner inconsistencies in /40/ and estimated the upper-bound tempera-
ture for L. emission at T < (1—2) - 10*°K.

In conclusion of this section, let us consider the interesting results of
Burton, Ridgeley, and Wilson /9/, who obtained the spectrum of the chromo-

sphere at 977 — 2803 A using a Rowland
diffraction grating spectrometer with a slit
1_'1_1@3 oriented tangentially to the Sun's image at an
T ' altitude of 7000 km from the solar limb
ClVe (9 April 1965). Part of the spectrum is shown
ey ! 1 in Figure 6. A special guiding system
o maintained a fixed slit orientation to within
Silve, 4 1500 km. The spectrogram showed about

! 300 lines, and over 90% were identified. The
0Ve line intensities were determined in absolute
agsy Atllte 1 units. Unfortunately, no spectrum of the

cil // solar disc had been taken simultaneously
i o/ oGl with the spectrograms, and it was impossible
o °,7 °sil to carry out a precise comparison of the
H(J!]"/ intensities of corresponding lines in the
4 v %7 chromosphere and on the disc. The authors
log7, therefore had to compare their intensities
. ) withthe data of the Naval Research Laboratory
fiInG:i? Z;r;:::‘i’;‘gi‘:[[‘};’e"cfhsr};‘:‘;;;‘éfe which referred to the solar disc on 19 April
and on the dise from the observations of 1960 /18/. The limb-to-disc intensity ratio
Figure 6 vs. the fonization temperature varies for different ions between 0.01 and 0.1,
of the ions. and a fairly distinct growth of the ratio with
the ionization potential of the emitting ion is
observed. This dependence is shown in
Figure 7, where the ionization potentials are replaced with the ionization
temperatures based on our data (see Chapter IIT). The two points NV and
O VI, corresponding to the "hottest" ions, are somewhat puzzling. It should
be remembered, however, that considerable errors have crept in, as
different sets of initial data obtained in different periods were used.

Further development of these observations is of the greatest importance,
as they provide new information about physical conditions in the solar
atmosphere.
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2. Heliograms in the short-wave spectrum

Heliograms taken in the light of various lines and in various regions of
the spectrum constitute a highly important source of information about the
short-wave radiation of the Sun. The distribution of the short-wave radiation
brightness over the solar disc can be determined by a number of methods:

1) scanning with the spectrometer slit over the disc; 2) using a pinhole
camera; 3) using a grazing-incidence reflector; 4) using slitless diffraction-
grating specirographs.

The first heliograms in soft X-rays were obtained by Chubb et al. in
1960 /42/. Sybsequently, heliograms in other emissions (e.g., in Hell 304 A
and Hel 584 A lines) were obtained in the USA, USSR, and England.

Heliograms in the X-ray spectrum (A < 100 A) are particularly difficult
to obtain because of unavailability of suitable optics.

The first heliogram and a number of later heliograms in the X-ray
spectrum were obtained with a strikingly simple device — a pinpoint camera.
In 1960, an assembly comprising eight pinpoint cameras was launched on a
rocket. The diameters of the pinpoint apertures were 0.13 mm, and the
"focal length" was 160 mm; this gave a picture of the Sun 1,5mm indiameter
with a resolution of 3' (1/10 of the diameter of the Sun's image). The
cameras remained aimed at the Sun by a tracking system to within 1'. The
tracking system in the first experiment /42/ did not correct for the rotational
motion of the rocket about the camera axis, and all the features were
"smeared' during the exposure along arcs 160° long on the photograph,
These shots were processed by Blake, Chubb, Friedman, and Unzicker /43/.
The X~ray emission (20 — 60 A) was found to be concentrated in active
regions coinciding with calcium flocculi and in areas emitting centimeter
radio waves /42/. According to /42/, the contrast between the active and
the quiet parts of the solar disc ranged between 37 and 108, with an average
of about 55.* The total solar emission at wavelengths shorter than 60 A on
19 April 1960 (the date of the experiment) was 0.3 erg/cm?sec. Table 3 lists
some basic data on the distribution of short-wave radiation over the solar
disc. Unfortunately, no brightness contrast data between active regions and
the quiet "'background' are available, except for the first observations of
the Sun in the soft X-ray region and some observations in L.. And yet
calibration of heliograms is not a difficult undertaking. Heliograms can be
calibrated, say, by taking a number of small photographs of the Sun with an
assembly of equal length pinpoint cameras having entrance apertures of
different diameters (an analog of a tube photometer). In certain cases, a
rough estimate of contrast can be obtained by indirect methods, proceeding
from the data of some publications. The corresponding figures in Table 3
are enclosed in parentheses.

The most promising methods for obtaining high-quality heliograms call
for the use of slitless spectrographs and reflection telescopes using grazing
incidence /22, 33, 47, 51, 57/ (Figures 8, 9). Although pinpoint cameras are
attractively simple, the small area of the entrance aperture results in very
low sensitivity. Experiments with reflectors have already led to very
considerable advances: given the high resolving power, the exposures for
heliograms around 10 A were stepped up to a few seconds. Figure 10 shows
a schematic diagram of a two-element telescope /57/ and Figure 11 is a

* A high contrast (~100) between active and quiet regions in the X -ray spectrum of the sun has been predicted
theoretically /90/.
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TABLE 3, Summary of observation results of the Sun in the short-wave spectrum (heliograms)

Authors, references

Rense, Miller,
Mercure, Stuart /44/

Purcell, Pecker,
Tousey /45/

Blake, Chubb,
Friedman,
Unzicker /42/

Blake, Chubb,
Friedman,
Unzicker /28/

Tousey et al, /22,

Purcell, Garrett,
Tousey /47/

Zhitnik, Krutov,
Malyavkin,
Mandel' shtam /48/

Blake, Chubb,
Friedman,
Unzicker /28/

Purcell, Garrett,
Tousey /47, 22/

Russell /49/

Blake, Booker,

Burton, Jones,
Shenton, Wilson /50/

NN Contrast of
Date 0: N é‘ active and | Resolution Method, cormments
! quiet regions
8.V.1956 L, 1216 >1 2' Slitless spectrograph with an ob-
jective and 15° prism. Active
region qualitatively coincides
with Ca*flocculi, dg=2.8 mm
13.1IL 1959 L, 1216 =5 0'.5 Two concave gratings. L,
flocculi coincide with Ca*,
though larger. Prominences
on limb.
19.1v.1960 20 — 60 =55 3 Pinhole camera, dg=1.6 mm.
34— 108 Image diffuse because of rotation,
40 — 90 High 2' through 160°
21.V1.1961 23 — 40 Higher 3' Pinhole camera. Image diffuse
12—125 Even higher 6' because of rotation through
180°
4.1v.1963 8—15 22200) 1'.3 Slit scanning over the disc. Con-
25.VII.1963 | 44 —60 (35)* 0'.5 trast estimates based on size of
8 —20 (90) emitting active region and its
44 — 60 (30) contrast relative to the back-
*Contrast between weak and strong parts of an active ground
region. o
10.V.1963 L,1216 Spectroheliogram of a 7' wide
Lg 1025 strip of the solar disc. Growth 46/
OVI1032 — Low ~17 of brightness toward the limb,
1038 reaching maximum at 5303 2
CIII 977 (Fe XIV). Strongest in OVI lines
10.V.1963 FeXV 284 1 Slitless spectrograph with a
Hell 304 concave grating
28.VI.1963 FeXVI 335
361
MgIX 368
Hel 584
OV 630
6.VI.1963 [170 — 400 3! Pinhole cameras. Image oscil-
10 — 110 lates through 4 Rg,
10— 90
25.VII.1963 | 44— 170 High 2’ Pinhole camera used on 19
April 1960 and 21 June 1961
20. 1X. 1963 FeXV 284 High Concave-grating slitless
Hell 304 (>2—23) spectrograph. Brightness in-
FeXVI 335 crease toward the lirrcxb,
361 High particularly at 5303 A
256 (Fe XIV)
11, VIII. 1964 <25 } Pinhole camera. Brightness
44— 170 High increase toward the limnb,
. Active regions coincide with
17, XIL. 1964 <60 High ca® floceuli
22
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TABLE 3 (Continued)

Date

16.11.1965
4, I11. 1965

17, I11. 1965

9.1v.1965

12.1v.1965

20,1X.1965
1. X. 1965

20. X.1965

20, X.1965

1.11.1966

6.1v. 1966

28.1V.1966

20,V.1966

I, 1216
Hell 304

<8
<12
<44

60— 150
FeIX 171
Hell 304

Mgl12803+2

<10
<20

<25,170 —
200

L, 1216

<24
<40
<32,44 — 48

Hell 304
MgIX 368
FeXV 284
FeXV1 335
FeXVI 361

=14
=24
~45

150 — 700
MgIX 368
NeVII 465
SiXII 499
522
OlV 555
Hel 584
Hell 304
OV 630
FelX — XVI
(150 — 300)

<8
8—12
12—186
16— 20

Contrast of
active and
quiet regions

2—35
23

Very high

} Very high
Low

weak

Very high
High
(= 20)

Very high
Average

High

(50 — 50)

Very high

Resolution

1t
1

<1’

3' and

1' and &'

0.1

2'.4'

2t

10"

20"

Parenthetical figures are our contrast estimates.
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Method, comments

Spectrograph launched on OSO-2
satellite, Quiet Sun

Grazing-incidence parabolic
reflector, Coronal emission
softer than the emission from
disc flocculi

Pinhole camera and plane grating.
Marked limb brightening at
60— 150 A&

Cassegrain-Maksutov telescope
with Scholtz interference-
polarization filter, Low-con-
trast absorption details noticeable|

Pinhole cameras. Oscillation
through 1.5 R . Our contrast es-
timates from data of /29/

Cassegrain telescope with joni-
zation chamber. Details smaller

than 2" observed

Pinhole cameras. Details less
than 1'. High-quality image

Slitless spectrograph. Quiet Sun.
Mg IX brighter at the limb.
Underexposed in Fe light: only
flocculi visible

Pinhole cameras

Slitless spectrograph. Numerous
overlapping images of different
brightness. Active Sun. Spec-
troheliogram described in /33/.
All images except Hel, Hell,
ring-shaped. In Hel, Hell, rings
around the limb, vanishing
near the poles. Active regions
in MgIX show lower contrast
and are more diffuse than in
FeXIV — FeXVI

Grazing-incidence two-element
reflector, dg=>5.8mm. Photo-
graphs of exceptional quality.
Emitting regions extend beyond
the solar disc.

lAuthors, references

Tousey /33/

Giacconi, Reidy,
Zehnpfennig,
Lindsay, Muney
/51/

Burton, Wilson /52/

Fredga /53/

Zhitnik, Krutov,
Malyavkin,
Mandel’ shtam,
Cheremukhin /29/

Sloan /54/
Russell, Pounds /55/

Tousey /33/

Cauchois, Senemand,
Bonnell, Montel,
Senemand /56/

Purcell, Snyder,
Tousey /38/

Underwood, Muney

/57/
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FIGURE 8a. Heliograms in the light of various short-wave lines, taken with a slitless spectrograph (Tousey's group, Naval Research Laboratory, USA).

Top: 10 May 1963. Center, slitless comparison spectrum of the Sun; right, heliograms taken from the ground in K and Halines of Ca 1L The slitless
spectrograms clearly show three images of the entire disc: 257 &, a blend of Hell, SiX, $X, SXIII, and SiIX lines; 304A HeIl; 348 A, a blend of
SiX and SiIX lines. The spots represent flocculi (active solar regmns) in various lines.

Bottom, 28 April 1966. Resolution 10”. At the center, charts of the Sun showing the position of the flocculi.



reproduction of the heliogram taken with this instrument on 20 May 1966.
The stainless steel mirror with an entrance aperture of 1.6 cm? effect1ve
area increased the reflection coefficient to 70% at about 5 A (" grazmg
angle 54'),

R Mo X 3684

FIGURE 8b. Heliograms in the light of various short-wave lines, taken with a slitless spectro-
graph on 1 February 1966 (quiet Sun) /33/.

Note the difference in heliograms photographed in coronal lines and in the lines of the tran-

sitional region between the corona and the chromosphere. The schematic drawing at the bottom
shows the position of the various emissions on the solar disc.

The basic results which emerge from heliograms amount to the following.
The contrast between active and quiet parts of the solar disc in the soft
X-ray region (A< 100 A) is high and actually increases at shorter wavelengths.
The quiet areas on the Sun virtually do not radiate at 10 —20 A. In the X-ray
spectrum and in the lines of highly ionized atoms (FeXV, FeXVI, CVI, and
also OVI), the brightness of the limb increases so that the emitting regions
actually spread beyond the solar disc to altitudes of about 5 - 10% km (1')
and higher. Tt is this emission that remains unobscured during the total
solar eclipses, ionizing the E layers of the ionosphere. The measurements
of Friedman's group carried out durmg the total echpse of 12 October 1958
showed that the radiation at 8 — 20 A and 44 —60 A reached 10 — 15% of the
radiation of the uneclipsed Sun /58/,

Heliograms taken in the lines of ions of relatively low ionization stages
(He II, CIII, etc.) clearly show the entire solar disc, with relatively low-
contrast active regions standing out prominently against the background.

The increase in brightness toward the limb is either absent or very slight
in this case. The contrast of the active regions thus increases with the
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increase in the ionization potential of the emitting ions. This fundamental
conclusion based on analyses of heliograms explained the existence of strong
and weak variations of radiation in various short-wave lines. For example,
the total emission of the Sun in L. (contrast about 5, Figure 12) may change
by a factor of 1.5— 2 from maximum to minimum, whereas in the X-ray
region (A< 40 A), where the contrast is at least 30, the variation amplitude
is a factor of 10 or more.

3 W
) 2390 UT

.57 07 Ca-K \ Wi 4 23 3

o Hell 34 4 | 533807

28.1V. 1768

FIGURE 9. Comparison of the heliograms obtained on 28 April 1966 by Tousey /33/
in the Hell 304 & line with the heliograms taken in Call K light (McMath-Hulbert and
Mount Wilson observatories).

The overall dimensions of the active regions reveal a tendency to
decrease in "higher contrast'' radiation. This points to a relative decrease
in the volume of the active elements with increasing temperature.

The results of Sun's photographs taken with a reflector on 17 March 1965
were published recently /51/ (see Table 3). Reidy, Vaiana, Zehnpfennig, and
Giagconi /722/ gave density contour lines for Sun's photographs around 8 and
44 A. A calibration curve is given for the short wavelengths in /722/,
which can be used to show that the brightest part of the active region
(A=~ 8 A) measuring 40" across has a contrast of 30 relative to the nearest
"background" areas (the outermost density contour line with a_diameter of
some 0.5 Ry). A detailed chart of density contour lines at 44 A was also
published. The coronal emission extends up to altitudes of 0.2 Rg.
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FIGURE 10. Schematic diagram of a grazing-incidence
two-element Schwartzschild telescope.

Incidence angle 89°. Underwood and Muney (National
Academy of Science and Goddard Space Center, USA)
used this telescope to obtain the X-ray heliograms shown
in Figure 11, Sy, S;are screens which protect the emul-
sion from exposure to direct light. Fy, F, are the foci of
the parabolic and the hyperbolic mirror (diagonally
hatched surfaces in the figure).

3. Observations of the X-ray emission of the Sun in
wide spectral intervals

Let us briefly consider the observations of soft X-ray radiation from
the Sun. The very hard radiation at wavelengths shorter than 1 Ais
generated by certain nonstationary processes on the Sun, which are not
considered in this book. Moreover, radiation at these wavelengths does
not have a substantial effect on the Earth's ionosphere.

The first measurements of the solar X rays were conducted by
Friedman's group, who used photon counters with various gas fillings and
entrance windows made of various materials (beryllium and aluminum foil,
organic foils) as radiation detectors. This equipment permitted recordlng
radiation in various specteal regions (A< 4, A =0 —10, 44—60, 20 —100 A).
Thus, the very first measurements in the X-ray spectrum were carried out
back in 1949 by photographic methods (using foil filters) /59/ and with
phosphors /60/. These methods are hardly used at present because of the
difficulties of cassette recovery.

The Friedman group launched several rockets with this equipment during
an ll-year cycle of solar activity., The X-ray radiation flux from the quiet
Sun varies during the cycle with an amplitude of a factor of 40 between
maximum and minimum in the 8 — 20 & region and even larger in the 2— 8 A
region /61/. During bright flares, the X-ray flux may increase by more
than one order of magnitude (details of the X-ray emission of flares are
given in Section 24). Changes in X-ray flux are associated with sudden
jionospheric disturbances (SID) which accompany the solar flares.
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6C

FIGURE 11, X-ray heliogram ( <44 A) taken by Underwood and Muney, 20 May 1966.

Sun's image about 5.8 mm in diameter, resolution about 20", Right, photograph of the Sun in H,6563 A light (taken on the same day).



FIGURE 12, Spectroheliograms in resonance lines of hydrogen and ionized helium.

The spectroheliograms are based on telemetered transmissions from 0SO-2 NASA
satellite on which the Naval Research Laboratory spectrograph was launched. Left,
scale showing the brightness gradation in relative units. The contours of the active
solar regions (faculae) are marked on the spectroheliograms, from the observations
of the Fraunhofer Institute, The L.heliogram was taken on 16 February 1965; the
Hell 304 & heliogram was taken on 4 March 1965.
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An interesting procedure was applied by American scientists at the
beginning of the International Geophysical Year, before the two-stage guided
rockets became available. They used a so-called Rockoon system; a rocket
was held by a balloon at an altitude of over 20 km in the air until a launch
signal was received from Earth. The system was not quite convenient, since
the balloon with the rocket would often drift far from the launch point before
the appearance of a flare, thus rendering the raio launch impossible.

In subsequent years, solar X rays were repeatedly measured in the USSR,
USA, and England. The measurements were carried out with various
radiation detectors: photon counters, electron multipliers, scintillation
counters. Calibration was conducted by different methods, and a considerable
scatter of data therefore could be expected.

The greatest number of measurements are available in the spectral
intervals below 8 A below 20 A, and 44 —60 A. Table 4 summarizes the
measurement results prior to 1865; the table also gives the radio flux of the
Sun Fipq at 10.7 cm wavelength (from the data of the Ottawa Observatory),
which is adopted as a measure of solar activity. Note that the correlation
of the X-ray radiation with other activity indices, e.g., Wolf numbers, is
much worse /62/. Allen reached a similar conclusion /63/. If we trace the
dependence of the X-ray flux on solar activity, we notice a distinct correlation,
despite the substantial scatter. The growth of the radiation flux with activity
becomes more pronounced for harder radiation. The average amplitude
from a minimum (Figy = 60 10722 watt/m?Hz) to a maximum (Fig7 = 250+ 10722
watt/m2Hz) is a factor of 100 at wavelengths shorter than 8 A, a factor of 15
at wavelengths bhorter than 20 A, and a factor of 5 for 40 —60 A. The X- ray
spectrum or the "color" temperature of X-ray radiation thus changes during
a solar activity cycle.

The X-ray flux significantly increases during chromospheric flares: the
increase is by two and three orders of magnitude for A < 20 A anda<8 4,
respectively /77/. The case of a bright X-ray region independent of active
formations on the Sun was described by Mandel'shtam et al. /29/ who
observed this phenomenon on 1 October 1965 on a heliogram taken at A< 10 A.

The nature of the hard X rays in flares is discussed by Korchak /89/.

At wavelengths longer than 8 A, the X-ray radiation is probably of
thermal origin. The changes in energy distribution in its spectrum are
probably associated with temperature variation in the corona, and the
changes in the absolute X-ray flux result from variations in material density
in the emitting regions (more precisely, the square of the density integrated
over the emitting region, the so-called measure of emisgion, see ChaptersII
and III). The emission at wavelengths longer than 8 — 10 A is atiributed to
lines of highly ionized atoms: the contribution from continuous radiation is
small. This is evident from the X-ray spectrum recordings obtained by the
Friedman group /82/, who established that at 10 — 25 A the continuous
spectrum is 17% of the line emission. Similar results emerge from the
spectrograms of Mandel'shtam's group (A = 9.5 A).

It is interesting to establish how far the line spectrum extends in the short-
wave direction. According to Friedman /88/, lines of NaXI, Mg XI, Al1XII,
SiXIII, and SiXIV were identified between 6 and 8 A in a spectrum taken on
4 October 1966. Continuous emission apparently plays a leading role in this
region and at still shorter wavelengths.
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TABLE 4. Observations of soft solar X-rays

Radio emission

at 10.7 cm
Date . . ~ 22|
in units of 10
watt/m? Hz
29.1X.1949 114
1.V.1952 71
5.V.1952 75
15. XI1. 1952 88
15, X1.1953 62
25.X1.1953 61
1, XIL 1953 60
18, X.1955 85
17.X1.1957 228
21, VIL 1959 189
24.VIL. 1959 181
7.VII.1959 212
14.VIIL.1959 189
29, VIIL.1959 308
17.X.1959 170
18 — 23, 26.VII, 160
16, 19, VIII,
14, 1X. 1960
27.1V.1962 100
3.V. 1962 94
18, X.1962 89
25.X.1962 80
2.V.1963
23,VIL.1963
26.1.1964 60
22 — 24. 11,1964
14 — 22. 11,1964 70
1.VII. 1964 75
1~ 15. 111, 1964 75

7—29.1v.1964

Flux at a distance of 1 a.u.,

A<8A

1.5 .107°
1.7 -107%
<5 -107
<6107
< 107°
3-10-8
<1076
<1078

2.5.107*
1.5.107¢

(4—8).107*

1.7-107*

1.2-107°
1.7-10™

1.2+107%

<2107

=107°

5.1077

<20 &

0.2 (?)
<1,5+107°

<1.3-107°

4-10™
1.2°107°

9-1073
0.023
0.023

0.0117%
0.08

6-107%11
3.7-107°
0.014

2.5.107°

<9-107*

2-.1073

1073

erg/cmiec

40—60 &

0.06~
0.03)"*

0.024

(0.02)**

0.15

0,085
0.17

0.025
0.018

Authors and comments

Friedman, Kreplin /64, 65/

°
* 44— 100 A
** Qur estimate

Mandel ' shtam et al. /66, 67/

Friedman, Kreplin /64, 65, 68/

Pounds et al, /69, 70/
T 15 A

Kreplin, Chubb, Friedman /65,
71/; SR-1 satellite

Bowen, Willmore, Pounds, et
al, /81/, Ariel satellite

i a<15 A

Tindo, Shurygin /82/

Manson /83/

Thomas, 21-C satellite

Kreplin /84/; SR-4 satellite

Tindo /85/, Elekiron-2
satellite

Thomas et al. /86/, OID-1964
satellite

Landini et al. /87/, OID-1964
satellite

While working on this book, we were informed of the preliminary results
of Neupert, Gates, Schwartz, and Young, who took the solar spectrum at
1.3—20 A with a Bragg spectrometer launched on the American 0S0O-2
satellite on 7 March 1967. In their paper delivered at the 13-th Congress
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of the International Astronomical Union (Prague, September 1967) they
reported on their observations of a strength 2 chromospheric flare on

22 March 1967 (Figures 13, 14). The growth of the continuous spectrum in
Figure 13 is associated with an instrumental effect, which produced an
increase in scattered light intensity. The recording of the spectrum taken
before the flare does not show any lines at A< 6 A. Very strong lines
appeared during the flare, which were identified with the emission of very
highly ionized iron (corresponding to 7 > 107°K). The observations are
highly valuable for interpreting the physical processes in flares. Of
particular interest is the bright line or blend at 1.83 A, which is identified
by the authors with the emission of a ""helium-like'' ion Fe XXV (see
Figure 13). Their results were published in /723/.
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FIGURE 13, X-ray spectrum of the Sun taken on 22 March 1967 by
Neupert, Gates, Schwartz, and Young (Goddard Space Center) taken
with a 5-min delay during the initial phase of an X-ray flare.

New observations were published while the book was being prepared for
press. A highly interesting study was published by a group at the Naval
Research Laboratory /726/, who discuss the results obtained with a
telemetered solar spectrum at 1.9 — 25 &, taken with a rocket-borne Bragg
spectrometer on 4 October 1866, A total of 63 lines were recorded, of
which 55 were identified. Laboratory or theoretical data for 88 lines of
various ions are also given for this spectral region in /726/. These
results, unfortunately, could not be included in Tables I and II at the end
of our book.
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FIGURE 14. X-ray spectra obtained during a chromospheric flare on 21 March 1967,

Other spectra include 11 —25 & /724/, 9—25 4 /725/, 30 —128 & /727/.
New spectroheliograms were obtained from the satellites OSO-4 /728/
(3—18 A) and Cosmos-166 /729/ (2 — 14 A).

NASA scientists obtained high-resolution heliograms at 3 — 10 & and
44 — 60 A (2" resolution) /732/. A two-element reflector was used, with
34 cm? effective area and 132 cm focus. A chromospheric flare was
recorded on 8 June 1968, whose X-ray image coincided in all particulars

with the H, image.

34



Chapter Il

PREDICTION AND IDENTIFICATION OF SHORT-WAVE LINES

4. The general problem of identification of short-wave lines

The most important and in fact unavoidable problem in the investigation
of any line spectrum is the identification of the observed radiation with
certain spectral transitions of molecules, atoms, or ions. Identification
actually determines to what extent all further steps aimed at studying the
physical properties of the emitting medium will succeed. This is a difficult
task, however, especially if the physical conditions in the emitting medium
allow a considerable variety of energy states and atomic species, and
consequently lead to very numerous lines. It will become clear from what
follows that this is the particular case which applies to the short-wave
emission of the solar atmosphere.

Several tens of photographic and photoelectric spectirograms of the Sun
are currently available for the wavelengths between 10 and 3000 A (see
Chapter I). Most lines, especially the weak ones, remain unidentified.
Intensity estimates are unreliable and contradictory, primarily at wave-
lengths shorter than 300 A.

What are the guidelines for the identification of a given line with a
particular transition of some atom ? The main identification criterion in
spectroscopy is the matching of the observed wavelength of the unknown line
with the wavelength of some other line which hasbeenmeasured inlaboratory
or computed theoretically. A suitable correction for the wavelength shift
due to Doppler and other effects should naturally be introduced, whenever
they apply. The wavelength matching criterion, however, often proves to be
unreliable because of the inexact pinpointing of the line position of the
spectrogram (many of the observed lines are blends) and the errors inherent
in the theoretical wavelength determination procedure. Abetteridentification
procedure calls for a comparison of the relative intensities of a group of
lines belonging to one multiplet, i.e., lines associated with transitions
between two quantum states, each separated into individual terms. This
method is not universally effective either: first, the observed intensities
are fairly inaccurate (this applies even to relative intensities) and second,
relatively few atoms have strong lines with a ''good"’ multiplet structure.

A "direct'" method of comparison of the short-wave spectra of the Sun with
laboratory spectra of plasma machines assumes simulation of the solar
atmospheric conditions in the machine. The reproduction of the natural
conditions — temperature, chemical composition, excitation — is relatively
crude, however, since the ultimate aim of the identification is to establish
these parameters with maximum precision.
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The short-wave spectrum contains a dozen or two of reliably identifiable
strong lines with accurately rpeasured intensities. These lines generally
lie at wavelengths above 700 A, where the intensity calibration methods
reach their maximum accuracy for the short-wave spectrum. Therefore,
in view of the above considerations, it is advisable to apply the method of
theoretical "forecasting' of the short-wave spectrum based on reliably
identified lines and the minimum of assumptions concerning the emission
mechanism. Comparison of the actual observed spectrum with the
"forecast' spectrum will ensure fairly reliable identification.

The importance of identification for investigating the physical nature of
the solar atmosphere is quite clear., The point to consider is its importance
for purely geophysical purposes associated with the emission of the Earth's
ionosphere. At a first glance it would seem that we need not concern
ourselves with the question of the exact atomic or ionic species which emit
the short-wave radiation: we would only require the energy distribution in
the spectrum in order to allow for the interaction of this radiation with the
ionosphere. In fact, however, the situation is radically different: unless
we know what exact regions of the solar atmosphere emit the radiation in
different spectral regions and what physical conditions (temperature,
concentration, excitation mechanism, etc.) prevail in these regions, we
cannot intelligently discuss the variation of the short-wave energy and
spectrum with the phase of the solar activity or the changes which occur
during the shorter time intervals characteristic of such solar-activity
features as flares, faculae, and spots. It is therefore clear that no
thorough and far-sighted investigation of the interaction of the hard solar
radiation with the Earth's atmosphere is possible without accurate identifi-
cation of the principal (in terms of energy) part of the short-wave lines in
various spectral regions. Still another fairly important point should be
borne in mind. Since energy calibration of the short-wave spectrum is
reliable only for the ''long-wave'' part of the region, identification and
subsequent comparison of the observed line energy fluxes withthe theoretical
predictions will enable the energy fluxes to be determined in other parts of
the short-wave spectrum also.

5. Wavelength and intensity prediction for short-wave lines

Lines for which reliable identification is available include those emitted
by atoms from different ionization stages, e.g., MglIl, CIII, OIV, OVIII,
SiXII, FeXVI, etc. This points to a great diversity of temperature
conditions in the emitting regions. Therefore ions which exist in the entire
range of solar temperatures — from 6000° to (2 — 3) *10%°K — should be
chosen for the purpose of line prediction. This temperature range covers
various ionization states, from neutral atoms in the lower chromosphere
to Ca XV type ions in the "hot' regions of the corona. The corresponding
range of ionization potentials is approximately 10 — 1000 eV,

Since there is virtually no continuum radiation in the short-wave region
of the solar spectrum, line excitation may only be produced by collisions
of ions with electrons — the most mobile particles present. The contributing
collisions are those which involve an upward change of the quantum state
(electron impact excitation) or a downward change in the ionization stage
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with the formation of an excited state (photorecombination). Recombination
excitation in the solar atmosphere is generally three orders of magnitude
less effective than electron impact. The most effective mechanism for
downward transitions of excited ions is the spontaneous fransition, whose
probability (even for ''forbidden' radiation) in the solar atmosphere is
almost always higher than the probability of the ""quenching' process
associated with electron impact.

We thus come to the following conclusions: 1) almost all the ions occupy
the lowermost (ground) quantum state, 2) lines associated with the ground
state, and in particular lines characterized by the lowest excitation
potential (resonance lines) show the maximum intehsity among the various
emission lines of a given ion. These conclusions follow from the stationarity
equation which relates the ground level (1) to an excited level (2):

nun Wiy = nyg Ay (11.1)

here n, and n; are the electron and the ion concentration, ¥, is the coefficient
of excitation by electron impact, 4., is the Einstein probability of
spontaneous transition. The right member of the equation is proportional

to the flux of quanta from 1 cm?® emitted in the 2—1 line by an ion in
ionization stage i. Integrating this flux along the normal to the solar surface
(the height k) and changing over from the flux of quanta to the radiation

flux F in erg/cm?sec at a distance of 1 a.u., we readily find /90/

§ nipdndh =2.3.101FAcm™® sec 15 (11.2)

A is the wavelength of the resonance line, in A. Itis implied that the
radiation is emitted by a spherical, and not by a plane, layer. A bright ring
is thus formed at the limb whose emission is equal to the emission of the
entire solar disc.

Consider the left member of (II.1) which represents the numbers of
excitations of a given line in 1 sec in 1 em®. The coefficient of electron
impact excitation may be written in the Born approximation /90, 91/

Wiy = 0 [i:—#m(z)] - ;‘ W’ (2), (11.3)

where f;, is the oscillator strength, == y,/kT, ¥, is the excitation potential,
Ei(z) is the integral-power function, Tis the electron temperature. This
expression is known to be universally applicable apart from a factor of
2 — 3. The ion concentration in the ground state is virtually equal to the
total concentration, counting all the possible quantum states. If we write
ni/Zn; for the fractional content of an ion of a given ionization stage in
relation to the total number of different jons of the particular chemical
element (the degree of ionization), we fihd nune:::nfxé‘:—{, where % is the
abundance of the given element relative to hydrogen (expressed in the
number of particles). The sign of approximate equality reflects the fact
that hydrogen is not the only source of electrons (in the solar atmosphere
nuy = n, to within better than 20%).

The degree of ionization in the corona and in the topmost layers of the
chromosphere is entirely determined by electron collisions. In this case
(see next chapter for more details) the degree of ionization only depends
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on the temperature and the atomic characteristics of the givenion (Figure 15).
This dependence is represented by a sharply peaked curve with a maximum
at a certain temperature, which is strictly defined for each particular ion.
This point is known as the ionization temperature. Therefore, an ion in a
particular state of ionization is confined to a very narrow temperature
range around Tj.

Returning to the stationarity equation (II.1) and integrating the right-hand
side over the region of existence of an ion in the i-th ionization stage, we
obtained with the aid of the above considerations and relation (II.3)

{n2 2 widh = 5 ¥ (2 T, (1L.4)
P2 2

The factor 1/2 has been introduced because the maximum degree of
jonization attained for T = T, is approximately equal to 1/2, as we see from

an examination of the curves of ny/Sp; vs. T for various ions.
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FIGURE 15, Ionization of some elements in the transition region FIGURE 16. Ionization temperature T vs.
between the chromosphere and the corona. the ionization potential y;, eV (curve 1).
o L L A displaced curve (2) is obtained for ions
Roman numerals indicate the ionization stages. The ionization with a filled outer shell
curve becomes anomalously wide when a filled electron shell )

is broken.

The integral on the right in (II.4) characterizes the emissivity of the part
of the solar atmosphere where the particular ion exists (the temperature of
this region is close to T;). To distinguish it from the conventional "measure
of emission” §nldh used in astronomy, the integral on the right in (II.4) will
be called a ''generalized measure of emission,"* designating it by Ag;or

Ag (T3).

* This term has been proposed by L S. Shkiovskii.
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The generalized measure of emission may thus be expressed in terms of
parameters and observation data for any of the short-wave solar lines. We
have from (1I.1), (11.2), and (I1.4)

4.6-1012F)
A= T T - (11.5)

Using (11.5) and adopting the ionization temperature as the parameter,
we can compute the generalized measure of emission for the emission lines
of ions in the entire temperature range of the solar atmosphere. The function
A¢ (T;) is plotted from data for reliably identified and sufficiently strong
lines which lie in that region of the short-wave spectrum where the most
accurate intensity data are available. The ionization temperature was found
by computing the curves of n/Zn; as a function of 7 /90, 91/. The dependence
of T, on the ionization potential x; constructed using the data for 50 ions may
also be represented by a simple curve (Figure 16). Most of the points
cluster around one curve, with the exception of ions with filled outer shells,
which fall along another slightly displaced curve. The plot in Figure 16
may be used to interpolate for other ions as well.

To determine Ag;, we require the relative content or abundance of the
chemical elements in the solar atmosphere and the oscillator strengths of
"reference' lines. The abundance of the chemical elements is considered
in detail in Section 11, which deals with the chemical composition of the
solar atmosphere. Anticipating the results of this section, we give here a
table which lists the abundances of the common elements whose ions may
be used for line prediction (Table 5).

TABLE 5. Content of elements in the solar atmosphere

H 1 Na 2.107¢ Cl 7.1078 Mn 8.1078
He 0.1 Mg 4-107% Ar 3-107¢ Fe 2.197
C 2107 Al 3.107¢ K 5-1078 Co 6-1077
N 3.1078 Si 3.107° Ca %4107 Ni 2-107¢
O 6.10™ P 2.1077 Ti 5.107¢
Ne 3-107 S 1.107 Cr 21077

The figures for most of these elements are close to conventionally used
abundances for the Sun and the solar system /92/.

The data on oscillator strengths are highly inconclusive. Satisfactory
estimates of f,, for some ions and isoelectron series (mainly the HI, Hel,
alkali, and alkaline-earth series) will be found in the handbook by Allen /93/
and in the paper of Veselov /94/.

Table 6 lists some basic data and the values of Ag; {in CGS units) .
computed from (II.5) for 15 ions with emission lines between 700 and 800 A
and jonization temperatures between 1 + 10* and 6 *105°K. Unfortunately, no
reliably identified lines of ions with higher ionization temperatures fall at
these wavelengths, Therefore other data should be used for T >6 - 105°K,

The radiation fluxes in the lines of 10 ions in Table 6 are based on the
photoelectric observations of Hinterreger et al. /26/ and those for the lines
of the other 5 ions are based on the photographic observations of Detwiller
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et al. /18/. Hinteregger's observations refer to a solar activity minimum,
and they in fact determine the trend of the Ag (7) curve. Detwiller's data
correspond to a higher activity level, but they nevertheless adequately
follow the general curve. This is probably due to the fact that the relevant
lines belong to ions of low ionization stages (which are relatively insensitive
to the phases of the activity cycle).

TABLE 8. Generalized measure of emission computed from "reference” short-

wave lines
logT, F, loga
Ion g T A A fu erg/cmzsec g Ay
Mgll 405 | 2196 0.9 18 24.34
cit 4.25 R I CRVE 0.003 22.62
SillI 440 | 12085 1.1 0.085 21.71
SiIV 465 | 1394 0.7 0.070 20.33
ciil 4.67 977.0 1.38 0.082 19.77
1062.7
s1v se7 | 10627 0.6 0.007 20.13
cv s.00 | 28 0.3 0.170 19.00
o1v 5.05 790 0.23 0.015 18.10
NIV 5.08 765 0.8 0.007 18.40
sV 5.20 o 0.6 0.001 18.75
1238.
NV 5.28 | 1oo88 0.23 0.005 17.90
1032
ov1 5.40 | 102 0.2 0.074 17.70
NeVIlL 5.60 802 0.1 0.002 17.44
MgVII 5.75 843 0.1)1) 0.002 17.08
0.
NeVIIl | 5.82 s 0.15 0.015 17.82

* Approximate figures computed using Allen's rule (see p. 43).

Let us consider some additional data (for T > 6 * 105 °K) derived from
observations of ''forbidden'" coronal lines whichare accessible to observations
from Earth. The excitation mechanism for these lines is the same as for
the short-wave lines. Although the continuum emission in the visible
spectrum is quite strong, electron impact excitation prevails (see, e.g.,
/90, 91/).

The intensity of these lines in "quiet circumstances' on the ground canbe
determined with higher accuracy than the intensity of short-wave lines in
rocket experiments. This advantage is partly offset by our inability to
conduct observations of the very weak coronal lines directly against the
solar disc (they have to be observed beyond the limb). Special techniques
have to be used, which will be described below (also see /95/). Table 7
lists the basic data and the results obtained for Ag; from "forbidden' coronal
lines for an epoch of minimum solar activity.

Figure 17 is a plot of Ag (7;). Despite the fairly crude analysis of the
initial data, the values of Ag; cluster closely about a common curve. The
"coronal' points from Table 7 point to the existence of a maximum in Ag
around log T; =6.15. An additional check on the coronal values of Ae(T;) is
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provided by the computations based on the electron concentration distribution
in the corona (Chapter III). For T =1.4 '10%°K and n¥(%,)* =~ 3 (see also
Chapter III), we find Ap. = 7 - 10" in an epoch of minimum and Ag. =~ 5 108,
in an epoch of maximum. These figures are consistent with the independent
values of Ag (T;)obtained from coronal lines. The general trend of the Ae¢ (7))
curve points to a decrease of the generalized measure of emission with the
increase in temperature. This curve may be used as a point of departure
for the determination of radiation fluxes in short-wave lines.

TABLE 7. Generalized measure of emission computed from
“forbidden” coronal lines

logT, F00, log &

lon 8 Ty A A erg/cm?sec 08 4%y
FoX 5.78 6374 10 17.40
FeX1 5.90 7892 10 17.35
FeX1V 6.11 5303 60 17.75
NiX11 6.00 4231 1.8 17.24
NiXTIL 6.08 5116 2.3 17.38
NiXVv 6.20 6702 3.6 17.54
NiXVI 6.25 3601 1.8 16.90
CaXII 6.28 3328 0.9 16.25
CaXIII 6.42 4086 0.4 15.56
CaXV 6.55 5694 0.6 16.00

The following considerations are highly important for an assessment of
the flux predictions. The only starting data needed in order to find F by
the above method are the radiation fluxes in the '"reference' lines (Tables 6
and 7). Indeed, there is a single-valued empirical dependence of Ag, on T}
for the solar atmosphere with the points spread within + 0.5 of an order of
magnitude. The existence of this dependence enables us to determine with
the same accuracy (£ 0.5 of an order of magnitude) the radiation flux in any
short-wave line assuming known physical conditions in the solar atmosphere.

It follows from (IL.5) that /90/

g =220 8T aq (1, (11.6)
The ratio F/(xf,,) is thus dependent on two parameters: the relevant line
wavelength and the ionization temperature. We clearly may adopt a purely
empirical approach to the method for the determination of F. We may
assume that the result hardly depends on whether the excitation cross
section W, corresponds to the actual figure and whether the mainassumptions
regarding the emission and ionization mechanisms are valid. Indeed, when
determining F for a line of wavelength A, which corresponds to some ion of
ionization temperature T;, our procedure is the exact reverse of the
procedure for the construction of Ag(T;).

The determination of F for a line X of ionization potential y thus reduces
to the following steps:

<
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log Ap(7;)

log7;

FIGURE 17. The generalized measure of emis-
sion of the solar atmosphere for the region of
emission of ions of onization temperature Ty.

Epoch of minimum solar activity: 1 — from
rocket data for A> 750 A /26/; 2 — from rocket
data for A>1750 & /18/; 3 — from coronal
lines (Table 7). The dash-dotted lines plot
the data based on the coronal distribution of
n,for minimum and maximum solar activity.

1) using the curves in Figure 16, we find the temperature 7; from the
ionization potential y;;

2) W’ is computed from x and 7; (using (I1.3));

3) Ag;is determined from T; (the curve in Figure 17);

4) the ratio F/(xf,,)is computed from (II.6);

5) Fis computed for known % and f,.
A1l the lines listed in Tables 6 and 7 are resonance lines, If several

transitions may originate at the excited level 3 (3 =2, 3—~1), the flux in
the fundamental series line will be

As

24

Fgy==F

and in a subordinate series line

Fyp=F 22 tu (I1.7)

ZATaz

where F corresponds to the line A 3;, XA is the sum of the probabilities of
all the possible spontaneous transitions from an excited level,
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£,
L
log xf,g

log T,

FIGURE 18. A nomogram for computing the radiation fluxes (F[)in short-wave solar
lines in an epoch of minimum activity:

o
T;is the ionization temperature, X is the resonance wavelength in A, x is the con-
tent of the element in relation to hydrogen, fi, is the oscillator strength.

The computations can be markedly simplified by using nomograms which
plot the ratio F/(uf,)vs. T;for different values of the parameter A (Figure 18).

The most tedious stage in the prediction of short-wave lines is the
selection and the computation of the wavelengths for various transitions
which produce lines of sufficient intensity.

Table I at the end of the book lists the computed results for F for 700
multiplets belonging to 146 ions of 21 chemical elements. In these
computations 26 isoelectronic series ofrom HI to Fel were used. The line
wavelengths lie between 10 and 2800 A, The wavelengths were mainly
determined using Moore's tables /96/. A number of terms for some ions,
especially the high ionization stages, are missing. In these cases the term
energies were obtained by extrapolation along the isoelectronic series.
Extrapolation (or interpolation) was based on such combinations of wave
number v and ionization stage Z which do not change much along the iso-
electronic series (combinations of the form v.zZ%).

Mainly "allowed'' transitions were considered, i.e., transitions for which
Laporte's rule is observed and the selection rules for the orbital (AL=0,+1)
and the inner (AJ=0,+ 1, except 0—0 ) quantum numbers are satisfied.

As we have seen before, estimates of f,, are available for some
transitions. In addition to /93, 94/, there are the data of Varsavsky /97/,
who computed the wavelengths and the oscillator strengths for 205 short-
wave lines. Good data for j,, of the ions Fe X and Fe XIV will be found in /98/.
However, no f, are available for most lines in Table I. In these cases, a
very crude estimate of j, was obtained using Allen's rule /99/ which states
that j,, is determined by the type of the transition:

An 1 1 0 0
Al +1 —1 1 s2pf—sptl
fiz 0.5 04 0.2 0.05
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Here n is the principal quantum number; Al >0 if I is greater for the top
level than for the bottom level.

Intercombination transitions (involving a change in multiplicity) were
considered in some cases; for these transitions we took f,=0.01. The
parenthetical figures for f;, in Table I indicate that no direct data were
available and Allen's rule was applied. The ions in Table I are selected
according to isoelectronic series, where the leading terms are arranged
in the order of atomic numbers. The first symbol under "Transition"
corresponds to the lower level, and it is not repeated in the following lines.
For each ion, the lines of the principal series are first considered. The
wavelengths obtained by term extrapolation are enclosed in parentheses,

Table I contains lines with F>107® erg/cm®sec. Lines with lower
intensities are not included in the list, although they may be considered if
necessary.

The table of predicted lines is substantially more comprehensive than the
previous publications /115/. Additional data on wavelengths and oscillator
strengths were borrowed from various publications dealing with computations
of line parameters or line identification in the short-wave solar spectrum.
Data on some lines of NiX — Ni XIIT are contained in /100 — 102/, on lines of
Fe VIII —FeXIV in /101 — 104/, and on lines of NeIV in /105/. These
publications also give the lines of a number of other elements. Data on lines
in the soft X-ray spectrum were borrowed from Landolt-Bérnstein /106/
and from /28/ (which deals with line identification for A = 13,7 A&). The new
book by Striganov and Sventitskii /107/ proved most instrumental in the
preparation of the table: this book presents the exact wavelengths of virtually
all the transitions for relatively low ionization stages (not higher than
VI— VIII) of the most abundant elements.

Additional data have been published recently on oscillator strengths and
wavelengths for the lines of some highly ionized ions. The oscillator
strengths for the resonance lines of the NeI— Fe XVII isoelectronic series
are published in /108/. The wavelengths for some lines of the ions Ca XII —
CaXIV are published in /20/, Some lines of the ArI series will be found
in /110/. The oscillator strengths for a number of lines of Fe XVII, OVII —
OVIII, NVII, and NeIX were computed by Frose gunpublished data quoted
in /111/). Some wavelengths between 57 and 310 A are cited in /112/, which
primarily deals with the identification of short-wave solar lines.

We have already discussed the reliability of the predicted intensities of
the short-wave lines in Table I. Besides the inherent method errors (which
do not exceed 0.5 of an order of magnitude), additional errors may be
introduced by the "reference' lines used as the basis of the procedure
(see Table 6). A highly ingenious method was proposed by Shklovskii /113/
for estimating the flux F of some short-wave lines; this method was also
applied in /95/, Before the beginning of rocket observations of the short-
wave spectrum, back in 1945, Shklovskii /113/ proposed to identify the
coronal lines in the visible spectrum with the emission of highly ionized
atoms (see Table 7) and proceeded to establish that these ions should of
necessity emit short-wave lines with wavelengths of a few hundreds of
angstroms. In /113/ Shklovskii estimated the lower bound for the intensity
of the Fe XV 424 A line, which is the product of ''cascade' emission
following the subordinate ''forbidden' line at 7059 A. Semiquantitative
considerations led Shklovskii to an estimate of the total radiation energy in



the short wave spectrum (A < 500 A). Although his result (= 0.01 erg/cm?sec)
is low in the light of modern data, the basic idea of Shklovskii's work is
most promising.

If an ion has three levels such that the transitions 2 -1 and 3 —1 produce
a ''visible'' and a short-wave line, respectively, the flux ratio in these lines
should be equal with fair accuracy to the ratio of the excitation frequencies
of the initial levels. This follows from the stationarity equation (11.1). Thus,

Fa lﬁ Wia(hs, T3) 8
Fan A Wi (M2, Ty) (II. )

This method is independent of the abundance of the particular element. It
was essentially developed by the present authors for the determination of
fluxes in the short-wave ''coronal’ lines of iron, nickel, and calcium ions,
since the generalized measure of emission A¢; in the corona was constructed
from the data on the visible coronal lines of these particular elements.

6. Identification of short-wave lines

Given the table of predicted wavelengths and intensities for short-wave
lines (Table I), we can proceed with the identification of the observed lines,
which number a few hundreds in the spectral region A =1215.7 A. This
region, which has a natural upper limit in the form of the bright L, line of
hydrogen, is of particular interest in astrophysics and geophysical work.

Table II is a list of the predicted lines from Table I, rearranged in the
order of increasing wavelengths. The identifying numbers of the lines from
Table I are retained. In the principal cases, the wavelengths of the individual
components were computed for the multiplets for which Table I only gives
the upper and the lower values of x.

In matching the observed and the predicted lines we utilized both the
wavelengths A and the flux values. In this way, maximum reliability of
identification was ensured, and the weakest candidates were dropped from
the start. For example, among a group of observed lines with close
wavelengths A, the brightest line was identified with the line of the highest
intensity in the corresponding group of predicted lines.

The results of this matching are also given in Table II. In the last
column, + corresponds to a reliable identification, — to lack of identification,
and +7? to a doubtful identification.

In 1962 the authors applied this method /114/ and obtained identifications
for 180 lines from among the 225 lines observed by Violett and Rense /16/
and by Hinteregger /23, 24/. In 1964, one of the authors /115/ somewhat
extended the list of predicted lines and used the additional observation data
of Tousey et al. /20/ and Hinteregger, Damon, and Hall /26/. Of the 297
registered lines, 239 were thus identified /116/.

New observations have been published during the recent years. Our
identification is based on the most Jimportant results (see Chapter I) 1) the
spectral region from 13,7 to 24.8 A, 25 July 1963 /28/; 2) 33—80 A,

20 September 1963 /21/ (unfortunately, no new data are available for the
25— 33 A region); 3) 55— 310 A, 2 May 1963 /27/ (the counting rate is given
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in /27/, and F was obtained using the conversion coefficient from /117/:
number of quanta = 1.4 - 10° X number of counts; the wavelengths were read
directly off the mlcrophotometer tracing to within 0.5 A) 4) 250 — 1216 A
23 August 1961 /26/ (wavelengths and F determined from the microphoto~
meter tracing to within 12 A inX). Data on line wavelengths between 9.5
and 34 A were also used /29/. All the observed ) and F are listed in
Table II (at the end of the book).

In our first identifications we used Violett and Rense's data /16/ on
wavelengths and visual estimates of line intensities. These authors obtained
two spectrograms on 4 June 1958 and 30 March 1959. The list in /16/
covers 159 lines. Despite the numerous .critical comments regarding the
low reliability of this list, voiced by a number of observers, the Colorado
University group will clearly be remembered for its pioneering work which
markedly advanced our knowledge of the short-wave spectrum. Most of the
short-wave lines from /16/ (101 lines) were confirmed in later observations.
Of the 74 identifications given in /16/, 47 are quite reliable. Using this
spectrum, we managed to identify back in 1961 /90/ the lines of S VI (945
and 934 &), SiXII (499 &), and Ne VII (464 A).

Let us compare our results with the most extensive lists of identified
lines currently available. This category includes the work of Zirin /112/
who identified on Hinteregger spectrograms 88 lines in the 57.5— 308.4 A
region and 11 lines in the 313 — 558 A region. Virtually all the identifications
are correct. Only 16 lines are definitely known to have been incorrectly
identified. Tousey et al. /22/ carried out an identification of their spectrum
(33 — 500 A) The list covers 58 lines, with only 4 identified incorrectly. One
of the unidentified lines from /22/ was identified by us with C V.

At the shortest wavelengths (9.5 — 34 A), Soviet and American observers
have recorded some 201lines. Of the 14 lines observed and identified by
Friedman's group /28/, 10 identifications have been confirmed. Identifica-
tions of 15 lines in the 9.5 — 34 A region were also published by the Physics
Institute of the USSR Academy of Science, and of these 12 lines have been
confirmed (8 of these lines coincide with the previous identifications
published by the Naval Research Laboratory, USA). The wavelength
determinations in /29/ were probably less accurate than indicated by the
authors (< 0.15 &), since the observed and laboratory wavelengths differ
by 0.3 &

After the completion of the first version of our identification /114/, we
received the proceedings of the Liege Symposium where Allen had reported
his identification of short-wave lines /99/. Allen gave the resuits of
intensity computations for 96 multiplets, of which 76 lie in the 44 — 1216 A
region. Allen's computations were based on Oster's model of the solar

atmosphere /119/: he computed the measure of emission Snﬁ dh in anumber of

temperature intervals proceeding from the model values of n, (k) and T (&).
Allen published 31 identifications for A< 1216 A, of which 24 were confirmed
by our results and only one had not been available before (Sin 992 A)

Pecker and Rohrlich /120/ computed four coronal ' forbldden lines,
1058.7 A (A1X111), 1048.9 A (sivII), 952.4 A (SiIX), and 658.7 A (Ar X1II).
The first two lines had been observed by Violett and Rense /16/,
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TABLE 8. Log ionization temperatures of ions emitting in the solar aumosphere

Flec-| Ele- ! o :
N 1 II 111 v Y VI VII v111 IX X XI XITI|XIIIXIV] XV XVI XvIil
trons |ment
2 | He |4.25] 4.75
6 | ¢ [3.85] 425 | 468 [5.0000 | 6.3
7| N [3o1) 440 | 47 |5.055.25] 328 | 6.4
8 | 0 [3.85] 4.50 | 4.80 |5.055.26] 5.42 | -8 | 6.5
2
10 | Ne | —|4.6 | 490 [5.205.37| 5.52 | 5.6 |s.82 | 297 | 6.7
11 | Na | —|4.00]4.75 (5.2 |5.43] 5.58 | 5.7 | 5.86 | 5.97
12 | Mg |—|4.05] 470525054 |5.63|5.75 | 5.82 | 5.90 | 6.08 | o5
t3 | Al | —|4.10] 4.40 J4.90[5.51] 5.66 | 5.82 | 5.92 | 6.00 [ 6.1 | 6.2
14 | si {—|4.0 | 440 |4.75/5.55 | 5.70 | 5.82 | 5.96 | 6.05 | 6.08 | 6.14 [6.23
16 | s [3.7]4.23 | 4.48 }4.67]5.00] 5.18 | 5.92 | 6.00 | 6.1 | 6.20 | 6.25 [6.3 16.33]6.36
18 | Ar | —| — [4.59 |4.88/5.03| 5.15 [ 5.05 | 5.45 | 6.16 | 6.25 | 6.3 [6.4
20 | Ca | — |3.85] 4.5 |4.815.08]5.28 |5.39 | 5.47 | 5.63 | 5.68 ] 6.25 |6.286.42[6.48(6.55
3.52
26 | re | — |4t |45 |4785.2 |5.25 | 5.38 | 5.59 | 5.73 | 5.78 | 5.90 [5.95(6.04/6.12[6.18] 6.28 | 0-02
26 | Ni | —| — [4.57[5.805.0 {5.42|5.45 | 5.5 | 5.6 |35.75 ] 5.95 [6.00[6.1 [5.18]6.3 | 6.35 | 6.4
Chromosphere Transitional region Corona

Zirin, Hall, and Hinteregger /121/ analyzed the photoelectric tracing of
the short-wave solar spectrum from /26/ and also identified a number of
lines. Some of these identifications had not been covered by Detwiller et al.
/19/. In particular, the lines at 270, 344, and 365 A are identified with
Fe XIV. The first two lines had been previously identified by us /114/,
whereas the last line is identified with the bright line of SiXI. The lines at
332 and 361 A, which we identified with Fe XVI, were independently
identified by Edlen and Tousey (see /121/), Note that the work of Zirin et al.
/121/ provides a qualitative confirmation of the low content of N and Ne in
the Sun and the high content of Fe, in compliance with our determinations of
the chemical composition of the solar atmosphere (see below).

To test the photoelectric spectrometer intended for the OSO satelhte,
Behring, Neupert, and Lindsay /122/took a recording in the 120 — 380 A
region. They published a table listing 42 lines and 24 identifications. Of
these, 7 coincide with our results and the rest are incorrect. Thus, the
316 and 333 A lines should be identified with the strongest emission SiVIII
and AlX, and not with NiXV; the 284 and 274 A lines belong to Fe XIV and
SiVII, and not to Fe XV and CuXIX; the 263 A line belongs to Fe XVI and not
to Ar XIV; the bright line at 184 A can hardly be assigned to the low-
abundance Cl IX: it is better identified with OVI.

The spectrum published by Hinteregger et al. /27/ for the 55— 310 A
region gives 77 identifications, of which 44 coincide with our results.

Table 8 is a summary of the ionization temperatures for the various
stages of ionization of the 14 chemical elements mainly used in our
identification work. When a filled electron shell is broken, two ionization
temperatures are given, which determine an anomalously wide range of
existence of the particular ion, Table 8 also provides some information
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about the identification results: the jonization temperatures of ions whose
lines have been reliably identified are given in bold face.

To sum up: about 90% of the 450 lines observed in the 9.5—1216 A region
of the solar specirum were identified using the predicted intensities for
over 1000 lines. Only 40 of these identifications are doubtful.

7. Short-wave radiation energy

Line identification permits solving a number of important problems. For
each of the identified lines, we have two values of the radiation flux: the
observed flux (F,) and the theoretical or predicted flux (F,). These fluxes
often differ markedly, but on the average the differences between the two
sets of figures fall within + 0.5 of an order of magnitude. There are
numerous reasons for these discrepancies, but on the whole they may be
classified as "accidental" or "random," i.e., which make the ratio F./F,
greater or less than 1 with equal probability for any given line, and ''biased,”
which make the ratio F,/F, deviate consistently in one direction from 1.
Using a small set of identified lines, we obviously cannot differentiate
between the two "types'' of deviations. "Biased' deviations are primarily
caused by errors in the energy calibration of the observed spectrum (for all
the lines in the particular spectral region) and by inaccurate data on the
abundance of various elements in the solar atmosphere (for the lines of the
elements involved only).

Figure 19 plots the ratio F,/F, vs. X from the data for the 350 reliably
identified lines in Table II. The scatter of the experimental points around
the mean curve is quite substantial but most of the points (some 75%)
deviate at most by 0.5 of an order of magnitude. Some points, including
fairly bright and firmly identified lines of Fe ions, are very substantially
offset from the mean curve {more than by one order of magnitude). There
may be different reasons for these large deviations, viz., breakdown of the
stationarity equation (II.1) used in deriving the relation between the measure
of emission and the line intensity, inaccurate determination of the ionization
temperature, and some other factors.

It is highly significant that, despite the substantial scatter of the points,
the mean curve can be traced with fair certainty., The errors in F definitely
cannot be classified as biased, since a "unified" theory for the determination
of F has been applied to ions with widely differing spectral characteristics,
irrespective of A. The predicted flux is therefore expected to deviate in
either direction from the true flux. The mean curve F/F, = f (A) is essentially
a calibration curve for the reduction of observed radiation fluxes.

According to Figure 19, observations at A< 60 A give correct fluxes,
whereas in the 60 — 80 A region the ratio Fi/F, drops from 1 to 1/16. At
80 — 200 A, the observed fluxes are approximately a factor of 20 higher than
the theoretical figures, at 250 — 400 A the radiation factors are slightly
higher (a factor of 1.6), and at 400 — 1000 A they are again correct. Near
L., the radiation fluxes are somewhat high (by a factor of 2— 3, according

to Hinteregger /26/).

48



i

log f— T T T T T
[+ . .
e Coronal lines . .
tE o Lines of transitional region g
. -
ae
.. L] ..
L]
.
. [ 3
™
aF ——co-alle
| ale e *
XS e ©
° R o °
L] .... . o .o
(] © 4 8O ] °
¢ J‘f ° ° °%° o
-/ o N o0 LA 2L I - g - 4
o L-Te @ °
®e® o8 % . —
. - . .. .
X $ o o~ o
. senc N3 =2~ o
. ° - o
o :.o . . [ X
- - -]
Z o
o
o
] i ] i}
g I/ 190 150 200 250 Jo0
RA
]og& . S— .
£ ! ' ! ! ! ! .+ Coonal lines
F . . o Lines of transitional region A
. 1
* ° * . 2 a Chromospheric lines
.‘. o @ * o °
oo . * . a0 © ° ° ca
""‘I‘."‘—\-& wp *° a B o
aF o & ® Tmmeg e B — 0 m——— e mm 00m — o Bm —A— = 2 °m & a
2. o ° o° o © a
0o o e %o . o0 a o
B o oo o
. o e o o, . -
6 %a B
° ° o
7L o o o - R
7 .. o .
a
] 1 I 1 1 1 1

a
] 1 L
200 b7 L7 S 2/7 00 00 900 00 g /iﬂ%

3

FIGURE 19. Energy calibration of the short-wave spectrum of the Sun in the 0 — 300 & and
200 — 1200 A regions using the ratio of predicted (F,) to observed (F,) radiation fluxes in
lines from Table II.

Since the theoretical flux estimates may significantly deviate from the
true fluxes and they are applicable on the average only, the total radiation
energy in the short-wave spectrum (E) must not be computed by simple
summation of F,, as we did before /114/. The energy E should be obtained
from the calibration curve F./F, () reduced using the observed spectrum.,
This approach, however, implies absence of marked changes in the relative
intensities of the observed spectrum, and this assumption is not unlikely
for the main absorption mechanism of the Earth's atmosphere
(photoionization). Table 9 lists the reduction coefficients as determined from
Figure 19, the totals of the observed radiation fluxes in various wavelength
intervals of the short-wave spectrum, and the true radiation fluxes. Let
us consider this table in more detail. The observed energy distribution in
the short-wave spectrum is based on Hinteregger's data /30/. We did not
compute the observed energy distribution by summing the line intensities
from Table II, because in our identification procedure we naturally ignored
the low-intensity lines which merge and produce a significant background.
Hinteregger /30/, on the other hand, gives energy values taking into
account all the lines. A comparison of some line intensities from /30/ with
the intensities obtained from the spectrum tracings reveals small
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differences, not exceeding + 30%. The first column in Table 9 lists the
wavelengths, the second column the energy flux in the corresponding
wavelength interval according to Hinteregger, the third the reduction
coefficient F/F,, and the fourth the reduced energy flux. The table covers
the wavelengths extending below 1027 A, It is this part of the spectrum that
has the maximum effect on the Earth's atmosphere (the oxygen ionization
threshold lies near 1027 A),

TABLE 9. Calibration of the short-wave spectrum of the Sun

M s A Fo/302/ Fy/F, F e e & | Fo/30/=F.
erg/cm’sec erg/cm®sec erg/cm?sec
1-—-5 107 ? — 500 — 540 0.059
5—15 0.002 ? — 540 — 580 0.050
15 — 31 0.007 0.64 0.004 - 580 — 630 0.161
31— 4t 0.083 1 .083 630 — 700 0.037
41— 62 0.135 1 0.135 700 — 740 0.027
62 — 103 0.286 1/40 0.029 740 — 780 0.049
103 — 165 0.191 17256 0.008 780 — 810 0.051
165 — 205 0.780 1/16 0.049 810 — 860 0.108
205 — 240 0.140 1/3 0.047 860 — 911 0.185
240 -- 280 0.149 1.6 0.238 911 — 920 0.028
304 0.250 1.6 0.400 920 — 950 0.031
280 — 325+ 0.160 1.6 0,256 950 — 990 0.113
325 — 370 0.125 1.6 0.200 990 — 1027 0.101
370 — 160 0.098 1.2 0.120
460 — 500 0.072 1 0,072

* Excluding rhe HelI 304 2 line.
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FIGURE 20. Energy distribution in the short-wave spectrum of the Sun in an
epoch of minimum activity.

The solid line plots the reduced spectrum, The original observation data /30/
are plotted by a dashed line.
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Figure 20 shows the energy distribution 1n the short~wave spectrum: it
plots the spectral energy density in erg/( cm?sec -1 A) vs. wavelength,

The He IT 304 & line, because of its exceptional intensity, has been computed
for a 40 A waveband. The same figure shows the original spectrum /30/,
The most significant consequences of the reduction are the marked decrease
of the energy density at 85 — 180 A: the observation data pointed to a sharp
energy maximum at these wavelengths, whereas the reduced spectrum
reveals a broad minimum. The existence of this minimum becomes clear
after considering the identification table. Turning to Figure 19 and Table II,
we see that this spectral region is a characteristic '"zone of avoidance'' for
the coronal lines: more than half of the identified lines are emitted by the
ions of the transitional region (with ionization temperatures ranging from
3 +10% to 6 - 10%°K), whereas in the nearby spectral region A< 100 A
virtually the entire emission is due to coronal lines (T,>6 - 108 °K). Even

in the long-wave adjoining band (190 — 300 A) the coronal lines account for
about 75% of the total number. This feature is a result of the specific
arrangement of the terms of the ions of the most abundant elements. The
radiation in the 100 — 200 A is thus weaker because of the relatively low
efficiency of excitation of lines in a region which is colder than the corona.
This fact provides a qualitative confirmation of the validity of our reduction
procedure.

Let us consider the energy flux /2 emitted in the geoeffective part of the
short-wave spectrum (A< 1027 A) and its variations during a solar activity
cycle. We recall that the predicted fluxes (Tables 1, II) and the reduced
spectrum (Table 9) correspond to an epoch of minimum activity, since the
fluxes in the "reference' lines used to plot the function Ag (T;) and hence the
nomogram for F, are based on the data for 23 August 1961 /26/. The solar
activity at that period was low: sunspot area 48- 10 -8, area of Ca flocculi
0.017, radio-wave flux at 10.7 cm was 160 - 1072 watt - m™. Hz™'. The
total short-wave radiation flux in Table 9 therefore corresponds to minimum
activity:

Emin(A<1027 A) = 2.6 erg/cm? sec.

In order to cstablish the variation of E during the activity cycle, we will
need the fraction of energy emitied by the regions of the solar atmosphere
having different temperatures. To this end, all the identified lines were
divided into 4 groups: 1 ) lines originating in very hot regions (T >3 . 10%°K),
2) lines of the quiet corona (T = 6 - 105 — 3 - 10%°K), 3) lines of the
transitional region (T =3 - 10*—6 - 10%°K) and 4) chromospheric lines

(T < 3-10*°K)., The fluxes of the lines in each of these groups were added

up to give the data of Table 10. These are clearly highly tentative figures,
since the weak lines were ignored altogether.

Thus in an epoch of minimum activity the corona emits about 1/3 of the
total geoeffective flux, the transitional region emits slightly more than 1/3,
and the chromosphere accounts for 1/4 of the flux. The amplitude of flux
variation during the activity cycle is different for each group; it is further-
more different for each line and primarily depends on the ionization
temperature of the emitting ions. The observational material on hand is
still very poor: it includes photoelectric recordings obtained at different
times /123, 124/, OSO-1 satellite data (March —May 1962) /125, 126/, This
material has been analyzed by Ivanov-Kholodnyi. Table 10 gives some
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figures which show the extent of variation of the flux in each of the regions
having different temperatures (from minimum to maximum activity). Using
the data of Table 10, we conclude that the geoeffective flux in an epoch of
maximum activity is 3 times higher than the flux in an epoch of minimum
activity:

Emax (M<1027 A) = 8erg/cm? sec.

TABLE 10. Contribution from different regions of the solar atmosphere to the geoeffective radiation
at A< 1027 A in epochs of minimum and maximum solar activity

The region of the solar R - A
Contribution to radiation Variation Contrast of
atomosphere and the . . ;
| amplitude active and quiet
corresponding temperature . . X
min max max/min regions
range
Corona
>3-10°°K 5% 15% 10 30
6 -10°— 3 +10% °K 30% 50% 5 14
Transitional region
3.10%— 6 -10° °k 40% 25% 2 5
Chromosphere
<3 +10* °K 25% 109, 1.3 2
The entire solar atmosphere|2.6 erg/cmzsec 8 erg/cmzsec 3 8

The third column of Table 10 gives the fractions of the total flux emitted
by each region in an epoch of maximum activity. Note that the estimate for
the radiation in an epoch of maximum is probably close to the upper limit.
Indeed, if the relative area of the active region in an epoch of maximum
activity is taken to be 0.3, the amplitudes of variation of the hard radiation
component should correspond to the following brightness contrast estimates:
for hot regions (X rays) == 30, for the corona =~ 15, for the transitional
region = 5, for the chromosphere == 2.

8. Quantitative chemical analysis of the solar atmosphere
from the results of short-wave observations

The short-wave spectrum, with its abundance of resonance lines of the
ions of various elements and with its characteristic optically thin lines, is
exceptionally suitable for quantitative chemical analysis. The Fraunhofer
spectrum with subordinate lines has a much smaller potential in this respect.

In 1961, when constructing the generalized measure of emission Ag (Ty),
we discovered /90/ that the points corresponding to NV and NIV ions
markedly deviated from the mean curve. This pointed to a significantly
lower content of nitrogen (x = 107%) than what had been previously assumed.
A more careful analysis comparing the F, and F, values of several lines
(NII 1085 A, NIII 764.4 and 990 A, NIV 765.1 &, NV 1238.8 A /114/) gave
the final figure xy = 3 1075, which is 1/3 —1 /10 of the previously accepted
values.
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The content of a particular element can be found from a comparison of
the theoretical and the observed line intensities (see Figure 19) only if the
function Ag (T) has been constructed without using the lines of the ions of the
sought elements. In any case, the corresponding points must not alter the
shape of the curve Ag (7). In our construction, we used corrected values of
the elemental contents to plot the function Ag (7). In the ideal case, A¢ (T)is
best constructed using the lines of one element whose content is known from
independent data. Attempts of this kind undertaken by Pottasch and other
authors are discussed in what follows. Unfortunately, thig approach is
not quite accurate, since the ''reference" lines at A> 500 A used for the
construction of Ag¢ (T) contain relatively few bright and reliably identified
lines, not to mention lines belonging to one element. The initial dependence
Agp (T) (see Figure 17) at temperatures T <3 * 10%°K is adequately determined
by the lines of the C and O ions, and at 7 >6 - 10% °K it is determined by the
Fe/Ni ratio and by the measure of emission of the entire corona, as it
emerges from coronal observations in the continuous spectrum. The ratio
¥ro/%ni= 10 is obtained with fair accuracy from an analysis of the intensities
of the ''forbidden'' coronal lines which are emitted by ions of one isoelectronic
series, e.g., FeX and NiXII, FeXIV and NiXVI. At the same time, the
correct choice of the C and O contents is monitored by comparing the F./F,
ratios corresponding to "'cold" (T <3 - 10°°K) and "hot" (T >>86 - 105°K) ions.
The best fit of the points for the ions of C (12 lines), O (39 lines), Fe
(60 lines), and Ni (15 lines) in Figure 19 is achieved if we assume
abundances of 2 -107%, 6 - 107%, 2 .107% and 2 -107%, respectively. This
abundance was obtained for Fe back in 1962 from an analysis of fewer lines
/129/. All these points fix with fair certainty the average dependence of
F/F, on wavelength. Six hydrogen lines can be added to this group.

The abundances of these four elements and hence the average dependence
of F/F, on are in fact determined by the dependence of the generalized
measure of emission in the corona on temperature (the curve Ae¢ (7) for
T >6 -10 °K in Figure 17) which is obtained from ground observations of the
coronal continuum and the ''forbidden' coronal lines in the optical spectrum.

Let us consider some other elements whose lines have been identified in
the short-wave spectrum (A< 1216 A).

1. Helium . Six lines identified, good fit for xug,= 0.1.

2. Nitrogen. Fifteen lines identified; previous value sy =3 - 107 /114/
confirmed.

3. Neon. The content of neon in the Sun has not been determined,
because no neon lines fall in the visible spectrum. The astrophysical data
for hot stars, planetary nebulae, and meteorites give an average figure of
#ne= 5 + 107%, The short-wave spectrum of the Sun contains fairly strong
neon lines. The 19 identified lines give »uxe= 3 - 107 %

4. Sodium. Only one line has been identified, for which the upper
limit value of the observed flux is available. The usual abundance figure
una =2 + 107 may be slightly exaggerated.

5. Magnesium. Twenty-three lines identified. Relatively small
scatter of points, xug =4 + 1075,

6. Aluminum. Seven lines identified, %a =3 - 1075,

7. Silicon. Apparently an element with the largest number of (relatively
strong) lines in the entire spectrum below 1216 A. Sixty-five lines identified.
Reliable abundance figure xsi = 3 « 1075,

* Lambert /730/ analyzed the Ne IV — Ne VIII lines and obtained %y, =5 - 1075,
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8. Sulfur. Twenty-five lines identified. Small scatter of points.
Abundance xs = 1 - 1073,

9. Argon. Six lines identified. Best value »ar =3 * 1075,

10. Calcium. Nine lines identified. Uncertain abundance figure
nea = 41078,

In summing, note that the above abundances for the 14 chemical elements
{excluding sodium) are on the average accurate to within a factor of about 2,
For the remaining 6 elements, the abundances are taken from /92/. The
abundances of the elements relative to hydrogen obtained in this way were
used for predicting the short-wave line intensities.

The chemical composition data (ours and from /92/) are presented in
graphic form in Figure 21, which plots the abundance vs. the atomic number.

Let us consider other determinations of the chemical composition of the
solar atmosphere based on analyses of short-wave lines. Since 1963,
Pottasch has published a number of papers on this subject /130 — 133/,
Plotting the measure of emission M vs. temperature from rocket observa-
tions of the short-wave spectrum, as suggested by us, Pottasch /117, 130/
found the abundances of the 9 elements whose 28 lines had been used to plot
M (T). The abundances were determined relative to oxygen by displacing the
points along the log M axis until the best fit with the average #oM (T) curve
was obtained. Points corresponding to the same element were naturally
displaced by equal amounts. Equal displacements along the log M axis
multiply the abundance » in the expression for M by the same factor. Note
that this method is not particularly accurate, especially when the deviations
of the experimental points from the average curve are relatively small:
these deviations may be associated with inadequacy of the theory and errors
in line intensities, and not only with errors in the abundance of the element.

Pottasch applied a similar method to determine the abundance of various
elements relative to oxygen, The abundance of oxygen (relative to hydrogen,
%0) was obtained from various observations of the Sun in the radio spectrum
(at wavelengths between 1 and 100 cm), i.e., from the curve of the radio
temperature T, as a function of A. For various values of %o and hence
various M (T){which is proportional to the abundance of oxygen), Pottasch
obtained the function 7,.(A). Comparison of this curve with the experimental
findings gives xo. According to /130/, the theory provides the best fit of
observations for xo =7 * 107, Later /131/, Pottasch used a slightly different
figure, xo=4.5-107%,

In 1966 Pottasch /132/ analyzed the short-wave lines of the ions Fe VIII —
FeX IV and obtained (4 —6) 10~ for the iron/hydrogen ratio. In a later
work, he examined the line intensities of O VIII/Fe XVII and O VII /FeXIV
from /133/ and determined the abundances xo/xr., which were found to be
10 — 20 and 6, respectively (our result is around 30).* Pottasch also
obtained xo/xxy = 6.3 and xo/xwe = 29 (our data give 20 for both ratios).

Comparing the results of Pottasch /131/ with our abundances, we
conclude that the average abundance of 12 elements according to Pottasch
is double our figure. The only exception is oxygen (a factor of 1.2 less).

The conclusion of Pottasch that the content of the heavy elements in the
corona is higher than in the photosphere is questionable in our opinion, A
significant difference (by a factor of 5— 10) is observed only for Fe, but
the determination of the content of Fe in the photosphere from subordinate
absorption lines is highly inaccurate owing to difficulties in the transition

* Beigman and Vainstein /731/ obtained %q/xp, = 30 using OVIIland Fe XVII lines /28/.
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to the ground state and primarily lack of data on the degree of ionization of
Fe in the photosphere.

Let us briefly review the recent determinations of the photospheric
abundance of Fe. Goldberg, Kopp, and Dupree /134/ obtained xp, = 4.4 - 107°
from Fel lines (in the visjble spectrum). Withbroe /135/ obtained from the
Fel lines at 3100 — 3800 Aa figure which was 4 times less and proposed
possible explanations for this discrepancy. This result shows to what extent
the method of determination of Fe in the photosphere is unreliable.
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FIGURE 21. Content of elementsin the solar atmosphere relative to hydrogen
(log Ny =12).

Dotts — our data from short-wave spectrum; circles — standard data for the
Sun and outer space /92/.

Pottasch's considerations concerning the possible accretion of meteorite
matter by the outer corona and the enrichment of the heavy ions in the inner
corona by this mechanism /131, 136/ are hardly acceptable.

Van de Hulst's comment (see discussion in /131/) deserves particular
attention: he is of the opinion that the directional flow of matter from the
corona (the "solar wind") rules out downward diffusion of meteorite atoms,
even assuming that the concentration of meteorite matter near the Sun is a
factor of 100 higher than in the interplanetary space (a necessary condition
for effective accretion).

Following Pottasch's work, Jordan published a similar analysis of
the intensities of 15 short-wave lines of Fe VIII — Fe XV, 8 lines of NiX —
NiXIII, and 17 lines of Si VI —SiX and determined the abundances of these
three elements /137/. The intensity data were borrowed from Hall, Damon,
and Hinteregger /26/, and the ionization temperatures were computed with
allowance for dielectron recombination.

Jordan's result (Si:Fe:Ni =8:10:0.8) is little different from our results
(15:10:1). The maximum divergence (a factor of 2) is observed for Si, but
remember that this is the overall accuracy of the abundances of the chemical
elements on the Sun. The conversion to "absolute' abundances, i.e.,
abundances relative to hydrogen, was carried out in /137/ using Jordan's
figure xpe=6 - 1072,
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In another work /138/, Jordan analyzed the excitation of '"forbidden'
lines in the visible spectrum and '"allowed' short-wave lines of iron ions;
the results gave xr = 5 - 10%, Jordan's results are consistent with the
findings of Pottasch to the extent that there is a 10~fold excess of iron and
nickel in the corona compared with the photosphere.

Warner /139/ considered the relative abundance of elements in the corona
and the photosphere. A comparison of the coronal and the photospheric
abundances of the elements relative to Fe (taken as 100%) indicates that the
results for the corona are close to the data of various authors for the
photosphere (the only significant divergence is with the results of Goldberg,
Miiller, and Aller /1.40/). Warner found the abundance of Fe and Ni relative
to hydrogen in the photosphere from the "forbidden" absorption lines
{Felll and [NiIll; his results give 6 - 10 and 6 - 107%, respectively.*

By comparing the ratio of the coronal to photospheric abundances ( %cor/%,n )
with the excitation potential (y) of the lines used to compute x,, Warner
detected a growth of xco/%y; Wwith decreasing excitation potential: the ratio
increased from 1 for y = 10 eV to 10 for 3y =2 eV. The last two facts, as
it was noted in /139/, suggest that the conclusion concerning the coronal
excess of Fe and Ni was premature. A critical reassessment of the method
for the determination of the abundance of elements in the photosphere is
thus needed.

Pottasch's work is closely related to the paper by Dupree and Goldberg
/141/ in which the abundances of Si, O, and Fe are determined and the
distribution of T (k) is obtained. Let us analyze the results of this work in
some detail, The starting data are the fluxes in the following resonance
lines: OII— OV, Sill—SiIV, SiVI, SiVIII, SiX —S8iXIil, and FeXV, FeXVI
(primarily from Hinteregger's observations).

The abundances of Fe and O relative to Si were used according to the
data of Goldberg, Miller, and Aller /140/ for the photosphere. The content
of Si was found by comparing the computed curve (7,(A)) with observations. The
results give x5=3.2 -1 07, which coincides with our figure. The abundances of O
and Feare 9.3 -10* and 3.8 -105, respectively. The last figure is highly
questionable, as xp is fixed quite arbitrarily: two points used in /141/,
FeXV and FeXVI, may be displaced vertically along the M (I} curve (see
the corresponding graph in /141/) by up to one order of magnitude. The
abundance of Fe (2 - 107) that we obtained from 60 lines of various ions is
clearly nearer the true figure.

The method of computation of T, (A) used by Dupree and Goldberg cannot
be accepted without reservation, since in computing the optical thickness
in the radio spectrum, the authors simply summed the measures of
emission for each temperature range, without making allowance for possible
overlap. As a result, the optical thickness tv for some T may have worked
out to be too high. This point will become clearer in Chapter III, where
T, () is actually computed.

The distribution of T (k) obtained by Dupree and Goldberg /141/ is very
close to the T (k) curve in the old 1948 model of Allen and Woolley /142/,
which was rejected by Allen /99/ in his computations of the short-wave line
fluxes (see Chapter I1II). The conclusion of Dupree and Goldberg that the
transitional region between the chromosphere and the corona is thin (less

* Later, the same author /733/ obtained %, = 3 - 107% and x; =1 - 1077 from [Fe II] and [NiII] lines, but the
abundance ratio Fe: Ni =30 turned to be significantly higher than for the corona (5 —10).
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than 1000 km across) is based on an arbitrary assumption of constant gas
pressure in this region: n.-T'=6 - 10% em™ deg. Note that the temperature
of the chromosphere works out to be too high: 7=5 - 10%°K for & = 2000 km,
according to the erroneous treatment of Athay and Menzel /143/, *

9. "Unusual" identifications in the short-wave spectrum
P

In 1964, Gell-Mann and Zweig independently predicted the possible
existence of three elementary particles, ''quarks' (see /145/). These
hypothetical particles constitute the last element in the general theory of
elementary particles, explaining masonic and baryonic multiplets. "Quarks"
have a large mass (about 5— 10 m;) and should possess fractional charges
(+2/3)e and (—1/3)e.

Zel'dovich, Okun', and Pikel'ner /146/ considered different possibilities
of quark detection. Quarks of (=1/3)e charge should be stable both in
vacuum and after becoming attached to atomic nuclei. In particular, quarks
can be detected spectroscopically in the spectra of the abundant elements
(N, O, C, Fe) whose nuclei contain the quark (—1/3)e. As a result of the
attachment of a quark, the effective charge of the ion will change, altering
the energy of the spectral levels of the ion. This idea was developed by
Sinandglu, Skutnik, and Tousey /147/, who computed the wavelengths of
the strongest lines of ions with quarks: C'III - C'IV, N'II-N'V, O'III —O'VI.
The corresponding computations are very simple, as they are carried out
by interpolation along isoelectronic series (by Edlen's method). The
wavelength of a line emitted by a quark-containing ion increases approxi-
mately by 10% for an jon with Z=2—5, If such a line is discovered,
comparison of its intensity with the intensity of the analogous line of the
"ordinary'" ion provides an estimate of the partial concentration of quark-
containing elements. A search for such lines in the short-wave spectrum
of the Sun was undertaken in /147/. The wavelengths of 30 lines from 12
multiplets in the 200 — 1700 A region were computed for the elements listed
above. The accuracy of wavelength determination was between 005 and
0.2 A. Only transitions producing sufficiently strong (''ordinary'') lines in
the short-wave spectrum of the Sun were naturally considered.

Comparison of the computed wavelengths for quark-containing ions with
the observed spectrum of the Sun showed that 11 of the predicted lines
blended with strong "ordinary' lines, whereas no emission was detected
within the margin of experimental error at the wavelenghts corresponding
to the remaining 16 lines. The last factor provided an estimate for the
upper limit of the relative concentration of quark-containing elements:

C'/C < 107, N'/N<1073, 0'/O< 3107 These figures are substantially
higher than the cosmological estimates of the quark concentration after the
Big Bang: 10°—107!% /146/. Weak lines are observed at the wavelengths
corresponding to three lines in the main multiplets of N'II and C'IV /147/.
The relevant data are summarized in Table 11,

Soon after the publication of /147/, Bennett /148/ published a list of
36 lines emitted by subordinate transitions between the levels of ordinary
ions of O, N, C. Bennett remarks /148/ that these lines coincide, within
the accuracy of his computations, with the emission lines of quark-containing

* See the comments of Shklovskii and Kononovich on this work /144/.
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ions from /147/. The search for quarks in the short-wave spectrum of the
Sun thus seems to be a hopeless proposition, at least in the immediate
future. Indeed, the wavelengths of the extremely weak emissions of quark-
containing ions invariably coincide with some subordinate "ordinary' lines,
which become progressively more numerous as the intensity diminishes.

TABLE 11, Identification of lines emitted by quark-containing isotopes [+ ]
in the short-wave spectruim of the Sun

Probable identifi-

Transition A A n, AJ147/| Pabs + A
Ion 7141/ | Robs cation /148/

CIV | 215, —2°P; | 1549.20 |1689.0::0.2| Stable | CII 4p*P), — 47D,

line 1689.11
NIT | 23P,—23D,° | 1085.70 {1207.6-£0.2 ) 1207.77 | OILI 2pMD, — 4d’'Py°
1207.78

-~

NII | 23P,—28D,° | 1085.5

1207.440.2 | 1207.25 | OLII 3p°D,° — 3d3P,
1207.21

Table 11 lists the wavelengths of quark-containing ions which correspond
to weak unidentified lines in the solar spectrum /147/. Possibly some of
the "ordinary' identifications in /148/ can be questioned, but there will
always be another similar identification for these emission lines, as we
have noted before.

Let us ahalyze the subsequent conclusions of Tousey et al. /147/. The
authors determined the relative content of the quark-containing nitrogen
N'/N =5 - 107 by examining the 1207.8 A line. The flux in the observed
"quark'' line differs by the same factor from the flux in the ''ordinary'' line
NII 1085.54 A, which is equal to 0.01 erg/cm?sec according to Hinteregger
et al. /26/. Using our method, let us estimate the flux in the OIII 1207.78 A
line, which was proposed as a likely identification by Bennett /148/. Taking
~0.1 for the oscillator strength and using the excitation energy of the ground
state (260 A), we find F = 3 - 107¢ erg/cm?sec. The identification proposed
in /148/ is thus quite acceptable.

To sum up: spectroscopic detection of "extraordinary' quark-containing
elements in the Sun has very limited perspectives at this stage. Spectral
methods will be effective only if the relative concentration of the quark-
containing elements is higher than 107° — 1074,
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Chaptey III

THE PHYSICS OF THE SOLAR ATMOSPHERE

We have previously mentioned some gaps in our knowledge of the
short-wave region of the solar spectrum. One of the principal gaps
concerns the study of the physical conditions in the solar atmosphere.

In the 1950's scientists formed a false impression that the structure of
the solar atmosphere was fairly well known. Indeed, at a first glance it
seemed that we knew everything or almost everything that there was to know
about the Sun: this most immediately observable star regularly generates
energy in its interior by fusion reactions converting hydrogen nuclei into
helium, the bulk of this energy is conducted to the surface of the Sun in the
form of radiation with a continuous spectrum between 3000 and 10,000 A,
and a small percentage of the total energy creates a thin convective zone on
the Sun's surface, the photosphere. Material compression waves propagating
from the photosphere raise the temperature of the higher layers, thus
producing the chromosphere and the corona. The latter is an extended
rarefied part of the solar atmosphere which is characterized by high kinetic
temperatures (about 108°K) and low density (about 10® — 10° atoms/cm?).

In the same period, however, new important discoveries in the physics
of the Sun automatically posed new difficult problems. First and foremost
in this category comes the discovery of the short-wave solar radiation,
whose interpretation required a thorough revision of our concepts of the
structure of the solar atmosphere. In particular, the numerous emission
lines emitted by ions in so-called "intermediate' ionization stages in the
short-wave spectrum pointed to the existence of awide range of temperatures
in the solar atmosphere, ranging from 10* to 106°I§. Certain phenomena,
such as the fairly strong X-ray emission at A <10 A have not been adequately
interpreted to this day. The physics of the solar atmosphere correspond-
ingly attracts ever increasing attention on the part of the scientists.

10. Theory of ionization of the solar corona

The principal physical characteristics of the solar corona are the electron
concentration n, (the corona is a plasma consisting predominantly of ionized
hydrogen) and the kinetic temperature 7. The magnitude and the distribution
of n, may be determined from observations of the coronal brightness, and 7
is determined by indirect methods.

When the coronal emission lines had been identified with the emission of
highly ionized atoms, it became clear that the coronal temperatures reached
a million degrees. Numerous theoretical and experimental findings
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subsequently confirmed this result. The coronal gas is not maintained in a
state of thermodynamic equilibrium, as a result of the large difference
between the temperature of the radiation field (about 5800°) and the kinetic
temperature (about 10%°K). If we ignore the relatively rare fast processes
in the corona, the ion and the electron temperatures may be taken as
virtually equal. This equality of the two temperatures is associated with
the high efficiency of the particle interactions in the corona., In 1—10 sec,
each particle experiences several collisions,* the mobile electrons
transmitting about 1 /1000 of their energy to the heavier ions in each
collision. Hence it follows that about 1 hour is needed to attain a complete
equipartition of energy between the electrons and the ions. A Maxwellian
distribution of velocities among particles of one species (among the
electrons, say) is attained much faster, in 1 — 10 sec, since only few
collisions are needed to establish this velocity distribution.

A more detailed treatment of the corona as a plasma cloud is contained
in the books of Shklovskii /148, 150/, who is considered the father of the
theory of ionization of the corona. A theory of ionization was also developed
independently, though somewhat later, by Allen and Woolley /151/, who
reached similar results. In what follows, we will use the basic elements
of the theory of ionization from /149, 150, 152/, making the necessary
supplementary assumptions. The final purpose of our treatment is to obtain
data on the physical nature of the corona and to generalize the theory of
coronal ionization to other parts of the solar atmosphere.

Shklovskii and Allen and Woolley considered an equation of ionization
equilibrium

Zrec=Zion, (III.].)

which implies that, under steady-state conditions, the number of ionization
events in unit time is equal to the number of recombination events. Let ions
of i-th stage of ionization be present in the corona in a concentration n;,
Most of these ions are in the ground state. Electron impact provides the
most effective mechanism of ionization in the corona. Therefore,

Zon = 11 W oo, (111.2)

ien
where W, is the coefficient of ionization from the ground level, which
depends on T and on the ionization potential, Radiative recombination is
the most effective among the various recombination processes. Recombina-
tion to all the levels of the ion i + 1 should be considered in this case, since
the probability of recombination to the excited levels is considerable and
cannot be ignored:

Zrec =n; 1N, 2 Rmv (111.3)

m=1

where R, is the coefficient of recombination to level m, and the sum is
taken over all the quantum states of the ion in the (i + 1)-th stage of
ionization,

* Particle "collisions” in the corona are determined by Coulomb interactions, which have high effective
cross sections (about 10716 ¢m?,
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Equating (I11.2) and (II1.3), we obtain an expression for the concentration
ratio of ions in two adjoining stages of ionization,

Wi (111. 4)

= = ,
2 Rm
1

which depends on the temperature and the atomic characteristics of the ion

only. Using this expression, we can find the degree of ionization as a
function of temperature for any ion:

iy

ny

M= O(T)
ny
1

(the sum is taken over all the ionization states).

These are the elements of the theory of ionization of the solar corona,
first developed in /149 — 152/.

The derivation of (III.4), however, was incorrect. The processes affecting
the upper levels — electron impact ionization and the reverse process of
three-particle recombination (the result of the collision of two electrons with
an ion) — play the leading part in the equation of ionization equilibrium
Zion = Zic. According to /91/, these processes are 5— 10 orders of magnitude
more frequent than ionization and photorecombination, which involve the
ground level, Although the computations in /91/ were carried out for
hydrogen, the same observation is valid for all the elements. In this case,
the equilibrium equation Z;,, = Z.. leads to the ordinary Saha equation, which
describes the ionization under conditions of local thermodynamic equilibrium.
Thus the rate of ionization processes is determined by the upper levels, and
the majority of ions occupying the ground level do not actively exchange
electrons with the ionization continuum, forming an "inertial reservoir' of
ions which determines the degree of ionization. We can now proceed with a
rigorous computation of the degree of ionization.

Consider the basic elementary processes: electron impact ionization
(W), photorecombination (R,,), electron impact of first (W,,;) and second
(W) kind, "triple" recombination (R%) and spontaneous transitions ( 4.).

In the physical conditions prevailing in the corona, 4,;and R, can be
ignored in comparison with other processes starting with some level % (and
for all higher levels). In this case, the population of all levels with m > &
will be described by a Boltzmann distribution, which is related to the
continuum by the Saha equation. In other words, a state m >k is charac-
terized by local thermodynamic equilibrium, since the remaining two pairs
of processes are mutually reversible.

It is readily seen that the degree of ionization is determined by ionizkation

from the ground level W,», photorecombinations to all the levels m<k Z(R,,,)
1

me k
and spontaneous transitions from the "Boltzmann" region 3} (nim 2} A,,,j),

k j=1
where m, is the number of levels, and n, is an ion of the i-th stage of
ionization in quantum state m. The equation of ionization equilibrium has

the form

k m, k
W 1o = Riily D) Rt 2D Ay 2 Ami- (111.5)
M=l m=k =1
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To fair approximation, any ion is hydrogen-like for m>1, and we may
therefore use the previous result for hydrogen /90/:

me k
| = 3.1078Z8m 78 T-3l2¢%i i e m P _Eiz .
nék (n*"'j-zx A’"’)~3 107z T B[ (1 — [ | )] = B} meniass - (171.)
here z; = v/kT, % is the ionization potential, m; is the principal quantum
number of the ground levels, Ei(z;)is the integral exponential function,

Z is the effective ionic charge.
We will use Menzel's expression for the recombination coefficient,

which strictly speaking is true for hydrogen-like ions:
Ry, = 3.2-1078Z4T -3 3¢%im Ei (z4,); (111.7)

here Z may be taken numerically equal to the index of the ionization state.

For CIV, for example, we may take Z = 4,
Inserting (II1.6) and (II1.7) in (II1.5), we obtain for the concentration ratio

of ions in adjacent stages of ionization

k
Mo {Ei [I‘(i— [_m;—-}-mkl——i/ZJz)] / £ (zi)} Bt mngT . (111.8)

iy W oo

Here k is not particularly sensitive to the physical conditions: for the
chromosphere (r, = 102 cm™, 7= 10%°K) k= 5 and for the corona (r,=10%cm 3,
T =10%°K) k=103

Expression (II1.8) is close to (I11.4) and calculations of the ionization
temperature from the two relations give results which differ by no more
than 109%. In what follows, we will use the simple expression (II1.4), which
is obtained from (II1.8) if the expression in braces is set equal to unity.

We can now proceed with a computation of the degree of ionization. We
will first derive a convenient expression for n;/r;,. We compute ZR, by
replacing the sum with an integral (a computation of this kind for hydrogen
was carried out in /91/:

12

Rydm. (111.9)

L
2

2 Rm=Rm.+

my

+ e

The integral is taken to m,/2, and not tom, so as to allow for the faster drop
in R, in the caseof a finite number of levels for an ion in a real plasma /91/.
Expression (II1.7) can be conveniently used for R,,; in this expression the
potential of ionization from level m may be expressed as y, = X (m,/m)?,
where y; is the ionization potential from the ground level. This relation is
exact for hydrogen like atoms and gives adequate results for the isoelec-
tronic series of alkali elements. For all other ions, it is highly approximate,
Inserting (II1.7) in (II.9) and using the above approximation, we find
after integration

* According to /91/, k=55 T n;h,
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R, = 324072432 {m{%e i Ei (2,) + ——— " Fi (uz,) +
2

2miz;
+——In [1.78y1i]}, pe (nTsz/?) ) (111.10)

2miz;

If z; >3, we may take to fair approximation

__ 3-1078z¢ ny my 2 11
YR, = T {1+ "o [1.3(1—-,” . /Z)zi]}. (111.11)
The second term in braces gives the contribution of all recombinations to
all the levels, except the ground level.
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FIGURE 22. The effective cross section for the ioniza-
tion of hydrogen atoms by electron impact (in units of
tag)vs. the relative energy of the incident electron.

Curve 1 plots the "real” cross section /93/, the dots
represent the approximation based on (1I1.12); 2 —
Malik and Trefftz (for OV} /155/; 3 — Elwert /157/;
4 — Thomson("classical” cross section); 5— Schwartz
and Zirin (for Fe XIV) /156/.

To compute the probabilities of ionization by electron impact we use, as
in /90/, the effective cross section from /93/ (the Born approximation),
This cross section has its maximum for incident electron energy e equal to
four times the ionization potential: omax = nnaj (xi/xu)?, where n is the number
of outer electrons, majis the area of the Bohr orbit, yu= 1 Ry. Allen /93/
describes this cross section as "real', as it closely corresponds to
experimental data. Indeed, laboratory measurements of the effective cross
sections for single and multiple ionization of He, Ar, Hg /54/ show that the
cross section reaches its maximum for e = 4y;, and its value is close to the

theoretical figure.
Figure 22 plots various cross sections as a function of the relative

energy of the incident electron.
The real cross section is adequately expressed by the relations /58/

c=—§-na3(’%)2(1—'%‘)7 1<%<4' (111. 12)
omtmat (MP(2 2 2y, L
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The ionization probability obtained after integrating (111.12) over the
energies has the following form for a Maxwellian distribution of electrons:

. i 1 [ €T 1\ . e ,
Wieo = 1,8 7'”";:{ - —(3+Ti)e 4 B, (0% — 25;Fi (4oy)]),  (II1.13)
where z; = %w/kT. If we retain only the first term in braces, the simplified
expression will be applicable for z; > 0.5 with 10% accuracy:

Wi = 1.87-02 2L (111.14)

F

We have thus found n;/ni.;.
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FIGURE 23. Illustrating the computation of FIGURE 24. Dielectron recombina-
excitation and ionization by electron impact tion, The levels of a two-electron
in the transitional region and in the corona. atom,

The excitation coefficient is W {z) = [ 15*
T2 Wiz), z =xi2/kT, ni /Zn;is the degree
of ionization, Z =: i, my is the principal
quantwn number of the ground level of ion

i, 7y = Y/kT,

Figure 23 gives, as a computational aid, a plot of ni/(ni: 2% vs. z; for
various m;. The final purpose of the computations, however, is to obtain
the degree of ionization n/Zn; as a function of temperature, in order to
determine the ionization temperature T, corresponding to the maximum
degree of ionization,

The procedure for the construction ofthe curves n;/En; = f (T) is the
following. We first find the ratios I/II, I/III, ..., for various tempera-
tures T. From these ratios we can find I/i, 1I/i,..., and hence easily
i/2i (ny/Zny). Previous authors used to determine the ionization temperature
from the condition ni/n;; = 1, and only the latest publications adopt this
method. For CIV and OVI, the exact values of T are 8.7 - 10* and 2.5 - 10K,
respectively, whereas the approximate values are 7.0 - 10% and 2.2 - 10° °K.
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Ionization of atoms in the corona was indepedently treated by Seaton
/159/, who derived an expression for the coefficient of ionization by electron
impact, which virtually coincided with (III.14). For the recombination
coefficient Seaton used his earlier expression for hydrogen /160/, which
describes the total recombinations to all levels:*

DR =15210"1z]"[0.43 + 0.5Inz; + 0.47z;71%], (111.15)

Seaton applied this expression in a simplified form to the corona: he took
the square brackets equal to 1, and thus obtained for a hydrogen like ion

DR 24012212, (111.18)

Expression (111.16) contains an implied assumption that recombinations
to the ground level are equal to the total recombinations to all the other
levels. This follows from a comparison of (III.15) and (III.16). In certain
cases however, especially for the high ionization stages, the difference
between the recombinations to the ground state and all the other recombina-
tions may be quite significant. Moreover, R, according to Seaton /159/,
is proportional to Z?, whereas the recombination coefficient for hydrogen-
like ions is proportional to 2z (Menzel's formula, (II1.7)). This difference
apparently stems from the fact that the numerical coefficient, besides
various atomic constants, also contains the ionization potential from the
ground state (%), so that the numerical coefficient will change from one ion
to the next (Z >1), since x = ¥4Z%. Also note that for non-hydrogen-like
atoms IR should contain m,;, the principal quantum number of the ground
state (to allow for the non-hydrogen-like character of the ion). The problem
of the dependence of R on Z is approached differently by different authors.
In /93, 154, 159/, R oo 2?, and in /149, 150, 161/ R oc Z*, At this point, we
should note that since photorecombination is the reverse process of
photoionization, a universal relation is maintained between these two
processes, irrespective of the physical conditions. In thermodynamic
equilibrium, the number of photoionizations by Planckian radiation from
some level m is equal to the number of photorecombinations. Using Saha's
equation, relating the ion and electron concentrations to the concentration
of atoms in state m, we obtain an expression for which is proportional to
Z*: the probability of photoionization is the only factor dependent on Z, and
it is proportional to Z*. This procedure is equivalent to using Milne's
relation from the theory of elementary processes /154/.

A detailed discussion of the expressions used for the computation of the
degree of ionization in the corona is purely methodological, however. We
have noted before that the ionization temperature is not oversensitive to the
various parameters, so that basically the same results are obtained when
using different expressions for ni/niy;. As an illustration of this point,
Table 12 lists the results obtained for T;by Seaton /158/ and by the present
authors for some coronal ions.

A new theory of coronal ionization is being developed in recent years,
mainly in England. In 1961 Unsold called Seaton's attention to a possible
contribution from dielectron recombination in the solar corona. It seems

$ An expression similar to (II1.15) was derived for hydrogen in /91/:

MR =5.2-10"4z[0.784 + 0.5In z,].
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that Massey and Bates were the first to consider this elementary process. A
general expression for the coefficient of dielectron recombination was
derived by Bates and Dalgarno /162/. A free electron hitting an ion Xin
(stage of ionization i + 1) forms an ion Xi; with two excited electrons, one
of which occupies a level d lying in the continuum of the lowest limit of
ionization of the ion X+, i, e., on autoionization levels (Figure 24). The
second electron occupies an excited level e which belongs to the series with
the lowest ionization potential; this explains the existence of autoionization
levels. The ion X} in this "free-bound' state is characteristically unstable,
since there is a very high probability for autoionization to occur (4,=

1018 sec” 1), the electron from level 4 thus passing into the continuum.
"Stabilization' is therefore essential before real recombination can occur.
This "'stabilization' is attained in different ways as a result of a spontaneous
transition of one of the excited electrons with probability 4,. In symbols,
this process may be written as

Xl e X;d,_éxi_{_ hv. (111.17)

TABLE 12, Ionization temperatures of iron and calcium ions in the solar corona from the computations
of Nikol'skii and Seaton (T;in millions of degrees)

Fe Ca

X X1 XII | XII XIV | XV | XVI| XII | XIII XIV | XV

Nikol' skii (§10) 0.6 0.8 | 0.9 1.1 1.3 1.5 1.9 [ 1.9 2.6 3.0 3.5
Seaton /159/ (without
dielectron recombination)| 0.5 0.6 | 0.7 0.8 1.1 1.3 1.6 | 1.5 1.7 2.1 2.5
Seaton /159/ (with dielec-
tron recombination) 1.1 1.4 | 1.7 1.9 | 2.2

The coefficient of dielectron recombination z«; is obtained from the relation
NigaNedq = Mg 4, (111.18)

where n.,, is the concentration, ny is the "instantaneous' value of the
concentration of doubly excited ions X, which is very close to the

corresponding concentration ni; for a state of local ionization equilibrium
between the continuum and level d:

g (Aa + Al) = ﬁ'idAw

The "equilibrium'' concentration is determined in /162/ from the Saha —
Boltzmann equation

Edc

nid _ Wyg h3 kT
Mite . Zopa Crm Ty € = f(eae) ),

where e, is the energy difference between the limit of series ¢ and level d;
the other notation is standard. Taking the above remarks into consideration,
we obtain from (II1.18) an expression for the coefficient of dielectric
recombination (with allowance for '"stabilization' by a spontaneous transition):
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Aefs f(oge, T). (111.19)

%= 404,

Further development of the theory of dielectron recombination in
application to the solar corona is due to Seaton and Burgess /163 — 167/.
"Stabilization' is generally assumed to occur through a spontaneous
transition of an inner electron from level a to the ground level /165/,
Burgess computed the total coefficient of dielectron recombination for He II
and FeXV by taking a sum over all the possible levels d. Dieleciron
recombination at coronal temperatures turned to be much more effective
than photorecombination. For HeIl at T > 10%°K, the ratio is 100, and for
FeXV, it is 20. At relatively low T, dielectron recombination falls off
significantly: for He at T <5 - 10%°K the efficiency of this process is
1/1000 of the photorecombination efficiency.

The introduction of dielectron recombination led Seaton and Burgess to
the conclusion that the electron temperature of the corona is on the average
double the temperature predicted by ''classical'’ theory of coronal ionization
(this point will be considered in more detail in the following). The last line
of Table 12 lists the values of T; for iron ions, computed with allowance for
dielectron recombination.

Numerous theoretical aspects relating to dielectron recombination remain
unsolved at this stage, and the efficiency of this process under the conditions
of the corona and the transitional region is not known with any certainty.
Vainshtein and Syunyaev /153/ indicated at least one elementary process
which acts to lower the contribution of the dielectron recombination in the
corona. This process is photoionization from high autoionization levels by
photospheric radiation. After dielectron recombination and ''stabilization'’,
the d-level electron has a fairly long lifetime, until it drops spontaneously
to a lower level. Photoionization may occur during this lifetime. Thus,
in addition to process (Il1I.17), the authors of /153/ also consider the process

Xy + hvg— X" fe, (111.20)

The extent of suppression of dielectron recombination in this case is
determined by the ratio of the probability of the spontaneous transition from
level d (the principal quantum number m) to all the lower levels to the
probability of photoionization:

m—1 0 i

dv

q= 2 A'mi/ S chVTIT-
i=my Ym

Here o, is the photoionization cross section, 7, is the intensity of photo-

spheric radiation ( 7= 6000°), m,is the ground level. Assuming Planckian

photospheric radiation and hydrogen-like autoionization levels, we have /153/
R S _ _hvm

m )
T x
9 /sm_g/d

For an ion of charge Z and m,= 2 — 3, assuming a dilution factor of !/; for
the corona and Tg= 6000°K, we have

1 dz
7= 7log(0.4m) RBSZ' z(&—1) ° (111.21)

mr
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The relevant computations show that for ions with Z = 5-— 15 the efficiency
of dielectron recombination is halved only for levels with m > 100. Auto-
ionization levels have m > 10; photoionization, affecting the uppermost
levels, therefore cannot significantly alter the dielectron recombination
coefficient which is determined by all the autoionization levels jointly.*

The existence of upper levels with these high quantum numbers presents
quite a problem. Even in the relatively rarefied coronal plasma, significant
"broadening' of the upper levels may occur: these levels merge into a
characteristic ''quasi-continuum' adjoining the ionization continuum. This
effect has been previously considered /127/ for chromospheric hydrogen,
Using our results from /127/, we will now obtain a crude estimate of the
"lowering' of the ionization continuum in coronal ions.

The energy difference between two adjoining high levels in an ion of
charge Z is approximately 2Z?Xg/m®. The Stark effect splits each of these
levels into 2m® components, the relative energy of two adjacent Stark
sublevels being

Ae == XuZ?/m®. (111.22)

Each of the Stark sublevels is subjected to continuous perturbations by
electrons. The most significant perturbations are caused by impacts of
first and second kind between adjacent sublevels. If each sublevel is
smeared into a band of width Ae, the ionization continuum is "lowered' to
the level m,obtained from the Inglis — Teller relation (the relative energy
of the two extreme Stark components of the level m, is close to the energy
difference of the levels m, and m;+ 1). In the corona and the transitional
region (n, > 10% cm™3), m, =~ 100,

If the frequency of the perturbations is W, the Stark sublevel is "smeared"
into a band of width Ae when

Ael/W = hlbn. (111.23)

If we only consider impacts of first and second kind, we may take for the
adjacent levels of a hydrogen-like ion /91/

W = 2.107°T"Z *m?n,. (111.24)

Inserting (I11.22) and (II1.24) in (II1.23), we find the quantum number m,,
which identifies the new ''lower limit" of the ionization continuum:

me = 2.102ZAT"/n,. (111.25)
Expression (II1.25) shows that in the corona and the transitional region

(2 =10, n,=10%—10%, 7 ~10%) the number of upper levels is strictly
limited: m, =100 — 200,

* According to the authors of /153/, the coefficient of dielectron recombination decreases by a factor of
1.5 — 2 for various coronal ions.
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11, The temperature of the solar corona

A number of methods are available for determining the coronal
temperatures.

1) Tcan be found from the observed distribution of the electron concen-
tration with altitude in the corona, assuming a hydrostatic equilibrium
/168, 169/. The values of T obtained in this way fall in the range (1 —2) -
-10%°K depending on the particular part of the corona (polar rays, ''fans')
/170, 171/. The modal value is apparently I'=1.5 - 108°K. The shortcoming
of this method is the assumption of hydrostatic equilibrium, which
definitely does not apply to the corona. This '"barometric" method never-
theless gives the upper limit value of T, since the outward motion of the
coronal gas (expanding corona) reduces the gradient of n,. The "barometric'
values of T characterize the electron temperature of an extensive part of
the corona.

2) The corona contains highly ionized atoms (Fe X, FeXIV, CaXV, etc.)
which emit conspicuous coronal lines. Using the ionization theory, we can
thus determine the ionization temperature corresponding to the optimal
conditions of existence of the different ions., The ionization of atoms in the
corona is produced by collisions with fast electrons. The ionization
temperature therefore coincides withthe kinetic temperature of the electrons.
The main shortcoming of this method is the paucity of data on the effective
cross sections of ionization and recombination processes at high tempera-
tures. The temperatures T obtained from the ionization theory fall between
the limits (0.6 — 3.5) - 105°K, depending on the particular ion treated.

Since the temperature T obtained by this method is a logarithmic function
of the effective cross sections, a factor of 2 error in the cross section will
result in an error not exceeding 20 —20% in T,

3)°The natural width of the coronal line is exceptionally small (about
0.01 A) and the corona is optically thin (v <0"‘) for radiation in the forbidden
lines. The coronal line widths are therefore entirely determined by the
movement of the emitting ions. Assuming purely thermal motion, we can
find the ion temperature. If the particular region of the corona for which
the ion temperature is to be determined may be regarded as stationary
(i.e., it does not exchange matter with the surrounding coronal medium),
the temperature T obtained by this method should coincide with the electron
temperature. However, relatively large-scale random (''turbulent") motions,
as well as thermal velocities of the ions, contributed the observed widths
of the coronal lines, Quite substantial widths (about 1 A) can be accounted
for by nonthermal velocities of a few tens of km/sec. Therefore, as a rule,
the ion temperature T is higher than the electron temperature. The values
of T obtained by this method fall between the limits (1 —6) - 10%°K.

4) Observations of the solar radio flux at centimeter and meter wave~
lengths may give the electron temperature. It is necessary, however, to
isolate the thermal radio emission component associated with the decelera-
tion of free electrons in ionic fields (''free-free' transitions), The main
difficulty of this method is how to isolate the thermal component of the radio
flux. The Sun always contains active regions which emit strong radio fluxes
of nonthermal origin (plasma oscillations or synchrotron radiation in a
magnetic field),
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FIGURE 25. Degree of ionization of three elements in the solar corona
ny/ Znyvs. 7.

The radio temperatures apply to an extensive part of the corona and may
fall on either side of the true temperature, depending on the particular
distribution of the electron concentration. The common values fall between
the limits (0.8 — 3) - 10%°K for various wavelengths., At wavelengths around
1 m, Tis generally close to 10%°K.

The brightest lines in the visible coronal spectrum are emitted by four
elements. The curves n;/Zn;were determined for various ionization stages
of these elements. Some of these curves are shown in Figure 25. Examining
these curves, we note that there is no one common temperature (nor even
two temperatures) at which all these coronal ions can exist in sufficient
quantities to make their lines observable (ny/Enr; > 0.1 —0.05). The lines of
these ions may be observable simultaneously in one part of the corona
provided the line of sight intercepts coronal volumes of different tempera-
tures. Dollfus /172/, using appropriate interference- polarlzatlon filters,
managed to film the corona simultaneoysly in the lines 6374 A (FeX),

5303 A (FeXIV), 6702 A (NiXV), 5694 A (CaXV), 6563 A (HI). The films
show distinct differences in the fine stiructure of the corona in the light of
various wavelengths, despite the overall similarity of the large-scale
features.

The model of different-temperature regions in the corona was developed
by Shklovskii /173/in 1851. Shklovskii compared the theory of coronal
ionization with observation data and came to the conclusion that there existed
"hot" (1.2 —1.4) - 10%°K and "cold" (0.5—0.6) - 10%°K regions. However,
starting with the work of Walmeier and Petrie /174/ and up to this date,
various authors try to determine the coronal temperature by comparing the
intensities of lines emitted by ions with widely differing ionization potentials
(mostly Fe X and Fe XIV). For example, Aly, Evans, and Orrall /175/,
who studied the temperature distribution in an active coronal distribution
whose excellent spectrum had been taken by Aly during the 1952 eclipse
/176/, considered T as a function of the following line intensity ratios:
FeXIV (1.3)/FeX (0.6), NiXVI (1.8)/NiXII (1.0), ArXIV (2.9)/ ArX (1.2).
The parenthetical figures are the ionization temperatures in millions of
degrees according to their calculations. We doubt if any two ions on this
list are present in sufficient quantities in one coronal region.

What then is the coronal temperature ? Moreover, if different volumes
have different temperatures, what is the ratio between these regions?

The "'forbidden' coronal lines in the inner corona are all excited
virtually by the same mechanism — electron impact, Scattering of photo-
spheric radiation occasionally makes a certain contribution, but is
noticeable only in the higher layers of the corona, The emission in coronal
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lines, like that in short-wave lines, is determined by the measure of
emission of a region with a sufficient concentration of appropriate ions (»;).
The expression for this measure of emission canbe derived without difficulty.
The number of ions in the principal quantum state, which also determines
the total number of ions, is n; =~ xn,-n/Sn;. The last factor is equal to 0.5
with fair accuracy (see Figure 25).
The stationarity equation (II.1) applies to "'resonance' coronal lines:

A = nn,W. (111.26)

Impacts of first and second kind acting on excited levels may be ignored,
since their probability is approximately 1 — 10 sec™), and 4 =100 sec™.
We will now find the electron excitation coefficient of forbidden coronal
lines, taking into consideration the critical comments of /177/ concerning
the [O1II] cross section previously used by Chubb and Menzel /178/, We will
correspondingly use Blaha's figures /179/, which are one order of
magnitude lower. A Hartree —Fock quantum-mechanical treatment in /179/
gave o = 0,485/ cm? for the transition 3s% 3p 2P, — 2P, Fe XIV (5303 A line);
here » is the velocity of the incident electron in cm/sec. Integration over
a Maxwellian velocity distribution gives

W =10 T"% cm3sec™l (I11.27)

This expression coincides with Seaton's result /180/ and, to fair approxima-
tion, it may be applied to any '"forbidden' coronal line. The intensity of a
coronal line is

I = Sn,Adl (111.28)

where kv = ch/A is the quantum energy and the integration is over the line
emission regions. Inserting (I11.26), (II1.27) into (I11.28), we find

I.=5407hwr "2 nidl. (111.29)

The temperature in the region of line emission is approximately equal to the
ionization temperature and may be factored out from the integrand. The
intensity of coronal lines measured in eclipse observations are generally
determined in angstroms of the coronal continuum produced by Thompson
scattering of photospheric radiation by free electrons in the corona. The
equivalent line width is thus 4, = I_/I,, where

(-]
Iy=olg ﬂ nedl = clgN.,. (111.30)

Here o is the Thompson scattering coefficient, /gis the intensity of photo-
spheric radiation per 1 A incorporating a dilution factor of 1/2 for the

inner corona, N,is the total number of electirons along the line of sight per
1 cm?, Relations (I11,29) and (I11.30) give an expression for the measure of

emission of coronal regions of temperature Ty

§ n2al

—C AT
N, [

T, € =17.407, (111.31)
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TABLE 13. Measure of emission of the solar corona from observations of "forbidden" lines

4. A Ftoos (M (THNJ 0 em=®
s | e e G ] o | | |
33281 CaXIl 2.0 0.7 — 0.6 1.5 0.60 4.1078 0.33 — 0.28 0.7
3600.97 NiXVI 1.8 1.1 — 1.0 1.8 0.75 2.107s 1.4 — 1.3 2.3
3801+ CoXII 1.0 — 0.7 — 0.25 1.0 ?
4086.29 CaXIIl | 2.8 0.3 0.2 {0.15 1 1.2 4.107¢ 0.42 0.28 0.21 1.4
4234.4 NiXII 1.0 0.8 0.7 0.6 0.45 1.3 2.10°8 1.5 1.34 1.1 0.88
5116.03 NiXIITF 1.2 1.2 —_ 0.6 0.4 1.5 2-1078 3.6 — 1.8 1.2
5302.86 FoXIV 1.3 | 27.5 | 18.3 20 9.3 1.5 2.10™% 8.8 5.8 6.4 3.0
5536 ArX 1.2 — - 0.1 — 1.4 3.107® — — 0.20 —
5694,42 CaXVv 3.5 — — 0.2 0.4 1.4 4.107¢ — — 0.52 1.0
6374.51 FeX 0.6 2.8 9.4 4 2.45 1.3 2.1078 0.64 2.1 0.91 0.49
6701.83 NiXV 1.6 2.0 1.8 1.5 t.1 1.1 2.10°6 6.5 5.9 4.9 3.6
7891.94 FeX![ 0.8 — — 6 — 0.90 2.107° — —_ 1.2 —
10746.80 FeXIII 1.1 — — 5.0 — 0.45 2-107° — — 0.91 —

*Not a resonance line.

Let us investigate the behavior of the measure of emission as a function
of T,, Table 13 lists the necessary data for computations and the results,
We analyzed the observation data of Grotrian /181/ ( the eclipse of 1929),
Shain /182/ (the eclipse of 1936), and average data for the corona derived
from the numerous observations of various authors (see Allen /93/). The
coronal condensation /183/ will be considered in the following. Figure 26
plots the curve of {nldl/N, as a function of 7. This curve reveals a fairly
steady distribution with regions having temperatures around 1.5 - 105°K
predominating in the corona. This figure may be adopted as the average
temperature of the corona. It is remarkable that the mean temperature
coincides with the ''barometric'' temperature (see above) which to first
approximation characterizes the distribution of », in a ''quasi- equilibrium"
corona.

How many regions of different temperatures are therein the corona ?
Three different values of T are sufficient to cover the entire "coronal
temperature range'' from 0.6 * 10% (FeX) to 3.5 *10%°K (CaXV), since the
"half-width" of the ionization curves #,/Zn;is approximately 0.6 T; (see below,
(I11.34)). The partition of the coronal temperature range into three subranges
can be applied to obtain a classification of the coronal lines, which then can
be compared with a purely empirical classification. Table 14 lists the limit
temperatures for the three subranges, assuming that the minimum
temperature is the T, for FeX, and the mean temperature of groupIl is
approximately 1,5 - 108°K, Ions falling "between'' adjoining groups are
enclosed in parentheses. This theoretical classification coincides with that
of Lyot and Dollfus /184/ and with that of Shain /182/.
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TABLE 14, Theoretical classification of the coronal ions

Group T-10— Ty 10—,
"k ' ® Ions
number K K on
1 0.6 1.1 FeX, FeXI, NiXIl, (FeXI1II)
11 1.1 2.0 NiXIII, FeXIV, FeXV, NiXV,
NiXVI, (FeXIII), (CaXII)
111 2.0 3.6 CaXIII, ArXIV, CaXV, (CaXIIl)

At a first glance, the stable form of the distribution M (T;) may appear
to rule out any line classification based on changes in relative line intensities
These changes, however, are not large: they fall within a factor of 2 and
thus lead to certain difficulties in classification, whereby the same line is
often assigned to different groups by different observers /184/. These
changes will naturally affect the shape of the curve M(T,), but its general
form and the position of the maximum will be preserved.

2
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FIGURE 26. Distribution of the FIGURE 27. Measure of emission of
. 2 regions of different temperatures in a

measure of emission S"‘dl of coronal condensation for the eclipse

various regions in the solar co- of 1952 /183/.

rona as a function of tempera-

ture,

N, is the total number of elec-
trons along the line of sight per
1 cm?, Dark circles — average
data for the equivalent widths

of coronal lines /93/, light
circles — the 1929 eclipse /181/,
dotted circles — the 1936 eclipse
7182/,

To ensure a good fit of the average dependence M(T;), the values of
for the three temperatures 7.5 - 105, 1.5 .10% and 3.5 - 10® should be in a
ratio of 0,1:1:0.1,

Considerations relating to line classification or, more precisely, to the
classification of the emitting ions, naturally set only a lower limit to the
number of regions with different temperatures in the corona: there clearly
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should be at least three such regions. However, we can hardly expect very
numerous regions with different temperatures in the corona, as these
regions would then be exceedingly small, which is not likely.

Let us now consider the distribution M(T;) for an active coronal conden-
sation. We will use the results of the photometric analysis of the 1952
spectrogram of Lyot and Aly, carried out by Pecker /183/. The spectrogram
was taken with a slit concentric to the solar limb at a distance of 1'.
Equivalent line widths are given in /183/ (see Table 13). The ratios M(T})/N,
are listed in the last column of the table. Figure 27 plots the curve M(T))
which, in distinction from the corresponding curve for the quiet regions of
the corona, has a wide "hot" maximum (7 = 2.8 - 10%°K). Note that the
maximum at 7 = 1.5 - 10%K is also observed. Detailed photometry of the
Lyot and Aly spectrogram was carried out in /175/, where a curve is given
plotting the linear dimensions of the condensation at the wavelengths of
various lines as a function of the ionization potential of the emitting ions.
The curve has a maximum around 400 eV, which qualitatively fits the curve
of M(T;) on Figure 27. According to /17 5/, the condensation emits continuous
radiation with intensity of 15 erg/(cm?sec sterad A), so that the total number
of electrons along the line of sight is N,= 2 - 10® cn®, Given N,, we can
readily find the M(T;) for any ion in the condensation, e.g., 1 - 102" ¢m™ for
FeX, 6 10" em™ for FeXIV, 2 -10%" cm™® for CaXV.

Since all the ions in the condensation may be provided in sufficient
quantities by the three temperatures listed in Table 14, two of which
correspond tothe maxima, the total measure of emission M of the entire
condensation is in fact a sum of three values of M(7;). As we have noted
before, there may be more than three different temperatures, but this is of
no relevance in our case, since the three values of T cover the entire
coronal temperature range. From Figure 27 we have

M|N, ~10® cm™ 3

Let v be the degree of inhomogeneity of gas distribution characterizing the
condensation. This parameter clearly may vary from one region to the next,
and we should therefore use an average value only. By definition,

r=nl/ (R >1. (111.32)

It can be shown that M/N,=1%,. At a distance of 1' (about 40,000 km) from
the limb, the mean electron concentratlon in the corona in an epoch of
maximum activity is n,= 3 - 10% cm 3, and we may take #, >n, for the
condensation. Thus, by (II1.32),

1<r<3

The actual value of the parameter is apparently closer to the upper limit,
since observations of condensations through narrow-band filters reveal their
highly inhomogeneous structure.

The characteristic shape of the M(T,)curve for the corona with the
permanent maximum around 7;= 1,5 - 108°K (the '"hot' regions in condensa-
tions have an additional maximum) indicates that the number of regions with
each of the three basic temperatures should be sufficiently large to ensure
the fixed shape of M(T;). The different regions in the corona and in the
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condensation should therefore be relatively small, smaller than (1—3)- 10%cm.
Interesting results were obtained by Wlerick and Ferenback /185/ during the
total solar eclipse on 15 February 1961. They obtained a high-resolution
spectrogram in the red and the near infrared part of the spectrum. The

lines and the continuous spectrum on this spectrogram reveal a fine struc-
ture with characteristic dimensions not exceeding 2" (1.4 - 10% cm).

An alternative approach to the existence of regions of different tempera-
tures in the corona is provided by the possible deviation of the velocity
distribution of the coronal electrons from the Maxwellian distribution., This
should result in a different dependence of the degree of ionization n;/Sn,on T
and, in principle, any particular ion may exist in a wider temperature
interval. This is quite improbable in practice, however, since the time to
establish equilibrium in the corona is short.

Let us consider one practical application of the M (T;) curve. Shain,
during the 1936 eclipse, observed a fairly strong line at 3801 A with equi-
valent width 4, = 0.7 A /182/. He found that the ionization potential of the
corresponding ion should be relatively low.

In 1962 Rohrlich /186/ identified the 3801 A line with the D, — *P, emission
of CoXII. A similar quantum transition in the isoelectronic series of
Co XII is observed in the corona for Fe XI (3987 A and Ni XIIT (3643 A)
According to our computations, 7;=1 - 10%°K for Co XII.

The results obtained for a coronal condensation in 1952 /175/ also indicate
that the 3801 A line is one of the "cold" lines, since the distribution of the
3801 A emission acrogs the condensation is analogous to the "bimodal"
curves of Fe X (6374 A) and FeXI (3987 A), whereas the lines of Fe XIV
(5303 &) and Ca XV (5694 &) have characteristic "unimodal" curves. On a
previous occasion /158/ we estimated the intensity of the CoXII °P, — P,
resonance line, which should follow the 3801 A line by cascade emission.
The wavelength of this line was determined approximatelyby interpolating the
splitting of the *P term between the known split{ings for Fe X1 (7892 A) and
Ni X1II (5116 A) For CoXIIwe obtained A~6330A. A moreaccurate (A=6300 A)
result canbe obtained if we consider the variation of the product 1Z3 along the
isoelectronic series. Wlerick and Ferenback /185/ discovered a previously
unknown line at 6304.60 A on the spectrograms of the corona taken during
the 1961 eclipse. The intensity of this line was approximately 1/10 of the
intensity of the red line 6374 A (FeX). Making allowance for the inevitable
errors which arise in the interpolation of the ?P term, we should identify the
6304.60 A line /185/ with the emission of CoXII /187/.

The equivalent width of this line, if it is regarded as cascade emission
following the 3801 A line, is Aussp > (I90/T50d) (3801/6304) -Azpy =~ 0.4 - Ay, .
Note that the true value of Ag,, (assuming that the identification is correct)
will be fairly close to this lower limit.

For the 1952 condensation, A, = 0.25 A whence Ag; > 0.1 A The
ionization temperature of CoXII (1 - 10%°K) is equal to that of NiXII, and
the emission regions of the two ions therefore coincide; the corresponding
measures of emission M (T) are also equal. Turning to expression (III.31)
for the measure of emission, we can readily find a relation between the
abundances of Co and Ni:  xge/%ni = Aeses- L0 6304/ Ani - I®i-Axi. The "quasi-
resonance'' line Ni XII 4231 A was observed in the spectrum of the conden-
sation (A = 0.45 A) Inserting the relevant numerical data in the last
experession, we obtain xco/sw 30,3 or %co > 6 * 1077, Using Shain's data,
we obtain Aasws > 0.3 A and %co > 8+ 107,
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Analysis of the photospheric spectrum (by the method of the curves of
growth) gives xco=6 + 10 /92/. Our estimate is approximately a factor of
10 higher. It is therefore highly important to study the coronal line 6304.6 A
and the identification of cobalt lines in the short-wave spectrum of the Sun.

In conclusion of this section let us again consider the topic of dielectron
recombination. As we have noted before, this process is of the greatest
importance for correct understanding of the nature of the corona. If the
dielectron recombination is indeed as efficient as it is thought to be, the
coronal temperature should be double ‘the traditional value, i.e., the mean
temperature of the corona should reach (2.5— 3) - 108°K, rising to (5—17) -
10%°K in isolated regions where ions with high ionization potentials emit
(CaXV). This problem is not readily soluble if we concentrate on computa-
tions of the dielectron recombination coefficient. In other words, it is
difficult to show with sufficient certainty and reliability that dielectron
recombination in the corona predominates over radiative recombination or
to disprove this assertion. Numerous phenomena in the corona, however,
are related to its temperature, and a substantial change in this parameter
by as much as a factor of two cannot fail to have a marked effect on these
phenomena.

1) "Thermal" radiation of the Sun or, to use an alternative apellation,
the radio emission of the "'quiet" Sun at meter and decimeter wavelengths
is generated by the bremstrahlung of electrons in the field of ions in the
inner corona. The radio flux characterized by the radio temperature T, is

proportional to the electron temperature T and T, = ST-exp {(—t)dt. As we

have seen, various T, observations indicate that 7, 1 10%°K, and it
virtually never exceeds 2 108°k,

The attempts to derive a high electron temperature from relatively low
radio temperatures /188/do not stand up to close scrutiny /189/. The
observed distribution of the radio temperature over the solar disc (meter
wavelengths) led Fokker /189/ to the conclusion that there was a good fit
with the results of computations based onthe modelof "hot" (T =1.5 - 10%°K)
and "cold" (T = 0,5 - 10°°K) coronal regions.

2) For average coronal temperatures of (2— 3) - 10%°K, the density gradient
in the corona turned out to be much less than in reality. We recall that the
hydrostatic model of the corona yields 7 = 1.6 - 108°K /169/, This is the
upper limit value since in the real corona the density gradient is lower than
the barometric value for the same T,

3) The mean temperature of the corona, which significantly affects the
ejection of coronal matter, the so-called "solar wind." Comparing the
computed power of the ''solar wind' with observations of electron concen-
tration in the interplanetary space, one can estimate the temperature of the
inner corona T,.

The latest determinations of the electron concentration near the Earth
{(5— 16 Earth's radii) were conducted on Explorer-21 (IMP-2) in October
1964, in an epoch of relatively low solar activity. The results of the
processing of the observation data give n.= 25— 50 ecm™ /190/. These
figures are apparently sufficiently reliable and provide the upper limit
value for the concentration of interplanetary electrons due tothe "solar wind.'
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Computations of ''solar wind' parameters assuming various temperatures
at the '"base of the solar corona,' i.e., various temperatures of the inner
corona T;, were carried out by Parker. An extensive discussion and results
for the expanding corona model are given in his review /191/. Parker took
n,= 10% em™ at the '"base of the corona," which is too low even for the corona
in an epoch of minimum activity. A better estimate, according to Van de
Hulst /169/, is 2 - 108 cm™, Table 15 lists, for different T,, the values of ,,
the rate of "expansion' of the corona at its ''base'" and r,, the electron
concentration at the Earth's orbit (with allowance for the last comment) due
to this expansion /191/.

TABLE 15. Temperature of the inner corona and solar wind parameters

Te Te
o o,
Tye10-4, °K . at the Earth’s [ 7,.40-, °x at the Earth's
o km/sec |~ orpit, cm "3 km/sec | " orpir, om ™
1.0 0.2 1 2.5 50 300
1.5 4 40 3.0 100 400
2.0 25 120

Comparison ofthe figures in Table 15 with the observed values of n, shows
that the coronal temperature should be close to 1.5 - 10%°K and it is definitely
less than 2 - 108°K. This conclusion is supported by additional arguments
which indicate that the "expansion' speeds in the inner corona come out too
high for T,>1.5:10%°K. Spectroscopic /174, 192/ and direct /193/ obser-
vations of the corona show that the directed velocities in the inner parts do
not exceed 5 km/sec on the average, and velocities greater than a few tens
of km/sec are very rare. The values of », in Table 15 characterize the
mean velocity of directed motion in the corona.

The hydrodynamic theory of the corona which treats the ""expansion' of
the corona as a continuous medium is supplemented by the "exospheric”
theory of the ejection of matter from the corona. The "exospheric' theory
considers the escape or dissipation of individual atoms from the outer corona.
Dissipation is the result of the presence of fast particles in the corona which
form the '"'tail" of the Maxwellian distribution, The velocities of these
particles exceed the escape velocity (the parabolic velocity) for the Sun. The
theory of thermal dissipation for the solar corona was developed in 1950 by
Pikel'ner /194/. We will consider qualitatively the principal aspects of this
theory.

Thermal dissipation acts as a regulator of the coronal temperature,
imposing definite constraints on the temperature: irrespective of the power
output of the sources, the coronal temperature never exceeds the parabolic
velocity, i.e., it is limited by the mass and the radius of the Sun. This
restriction applies to any other star as well. A simple analogy clearly
illustrates the physics of this ''thermostating' mechanism. In many
respects, dissipation is analogous to the boiling of water whose temperature
at atmospheric pressure never exceeds 100°, The role of atmospheric
pressure in the corona is taken by gravitational forces. The ''boiling"
temperature obtained for the corona in this way is around 1.5:10% °K. Note
that termperatures T =~(2 — 3) - 108°K in Pikel'ner's theory correspond to a
star of 1.5— 2 solar masses or with a radius of 2/3 —1 /2 of the Sun's radius.
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Our arguments are somewhat simplified, however. We must not compute
the temperature of the corona from thermostating considerations by assuming
the energy of a proton escaping with a parabolic velocity to be equal to the
mean thermal energy. This would result in exceedingly vigorous "boiling"
of the corona, since the great majority of the protons would immediately
escape from the corona. In a thermostating process, the coronal gas is
maintained in a quasi-equilibrium state, i.e., the Maxwellian distribution is
restored fairly fast without being distorted by the dissipating particles.

TABLE 16, "Turbulent” velocities in the solar corona from coronal line widths

v, km/sec
Author Observation method 26374 X5303 A5694
Fe X Fe XIV CaXV
Lyot /197/ Photographic, extra- 25 19 — 36 -
eclipsing
Dollfus /199/ The same 18 — 23 — —
waldmeier /198/ * " - 0—40 —
Pecker, Billings, Roberts " " 28 — 40 23 — 37 0 —29
/200/
Prokof' eva /202/ " " 10— 30 0— 30 —
Billings /201/ " " — —_ 17
Nikol® skii, Sazanov /203/| " " 20 1.-—-18 -
Jarrett, Kliiber /204/ Interferometric, 1954 — 14 — 32 —
eclipse
Jarrett, Kliiber /205/ Interferometric, 1959 20 — 29 9—23 —
eclipse
Wlerick, Dumont, Perche | Photoelectric, extra- 30 21 — 31 —
/206/ eclipsing

TABLE 17. “Turbulent” velocities in the solar corona under two different assumptions concerning
the ionization temperature (Billings' observations /207/)

6374 Fe X 5303 Fe XIV
r
v, km/sec v, km/sec
Zl/EImax | 15.1078, f——-— -l Ty 1078,
°K “classical" dielectron °K "classical” dielectron
theory  |recombination theory ecombination

1/2 1.33 14.8 8.2 2.13 15.8 0
1 1.80 19.0 16.2 2.40 18.2 7.8
1/2 2.27 22.4 18.4 2.74 20.8 12.5

4) Let us consider some data on coronal line widths. The observed line
widths AA are known to be almost double the line widths corresponding to
the "classical' ionization temperatures, The solar atmosphere, however,
is characterized by fairly large scale random motions, so-called turbulence.
The velocities of the turbulent motion in the chromosphere reach » = 20 km/
sec /195, 196/. The values of » naturally can be found if the kinetic
temperature of the emitting region is known. The coronal line widths have
been measured on different occasions. Table 16 lists the turbulent velocities
v computed assuming that the temperature of the emitting coronal region is
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equal to the ionization temperature of the corresponding ions. The limits
of », are attributed to differences in the results of line width measurements
in different parts of the corona. Table 16 indicates that '‘turbulent"
velocities in the corona may range between wide limits, while the mean
velocity is » =~ 20 km/sec for any ion.

To provide a more rigorous proof of the last conclusion, we need a
statistical analysis of a large volume of observations. This analysis was
carried out by Billings /207/ who determined about 1000 profiles of the red
and the green line from 1957 — 1958 observations at Climax using an extra-
eclipse coronograph (2.5 A/mm dispersion, 0.15 A resolution). Billings
plotted the distribution of the observed intensity totals (27) of these lines as
a function of the temperatures T, corresponding to the line half widths. The
resulting histograms are not unlike random error curves with maxima and
half-value widths of approximately 0.8 * 10°K. The maxima naturally
represent the typical values of I, We computed the » for the T, correspond-
ing to the maximum and to the half-value point. The initial data and the
results are given in Table 17. Two values are listed under »: those
corresponding to the "classical" theory of coronal ionization and those
adjusted for dielectron recombination. In the former case, T;were
borrowed from Table 13 and in the latter, from /164/, where T;=1.1 -10%°K
and 2.2 - 10%°K for Fe X and Fe XIV, respectively.

The results of these computations are most indicative. The ''classical"
theory of ionization presents a natural picture. The ions FeX and FeXIV emit
in regions which have temperatures close to 7;. The "turbulent' velocities
in the corona are independent of the local temperature and are on the average
equal to 20 km/sec. The temperatures obtained with allowance for dielectron
recombination, on the other hand, present an odd picture: the "turbulent"
velocity varies between wide limits and increases in regions with lower
temperature (the "red" regions).

Analysis of observations and theoretical findings thus indicates that the
mean temperature of the corona is definitely lower than (2.5— 3) - 10%°K,
the most probable value being T= 1.5 105°K, This supports the ''classical
theory of ionization of the corona and indicates that the process of dielectron
recombination does not contribute to the ionization balance of the corona /208/.

12, Distribution of temperature and matter in the transitional
region between the corona and the chromosphere

One of the basic results of the analysis of short-wave lines in the solar
spectrum is the determination of the ''generalized measure of emission"

A = \ nlT-idh, which characterizes the region of existence of a given ion as
a function of the temperature corresponding to this ion (see Chapter II).
Indeed, the function Ag¢ (T;) relates the two important physical parameters —
concentration of matter and temperature, whereas A¢ itself describes the
binary processes in the solar plasma.,

In our computations of the radiation fluxes in the predicted short-wave
lines (Chapter II, Table 7), the function A¢ (T;) was used ona purely empirical
basis. We did not concern ourselves then with such pressing topics as the
validity of expression (I1.5) relating Ag to the intensity of the emission line

79



and the characteristics of the emission ion or the differences between the
Ag for quiet and active regions of the solar atmosphere.

In our analysis of the observed intensities of short-wave lines in
Chapter II it was further assumed that the solar atmosphere is transparent
to the emission in these lines. This, however, is not a valid conclusion,
since self-absorption is quite significant for a number of emission lines in
the chromosphere. Let us consider this topic in more detail, along the
same lines as in /90/.

The optical thickness in the resonance lines is T = kA% =xk,n,Ah, where k,
is the absorption coefficient and Ak is the thickness of the absorbing layer
(the rest of the notation is as before). A short-wave quantum moving in a
scattering medium is analogous to a diffusing particle which changes the
direction of its motion after every collision (in our case, the collision events
correspond to resonance scattering). By analogy, the "diffusion coefficient"
of a quantum is D = ¢/kyn; = ¢ Akj/r. The time for the quantum to traverse a
layer Ak is t4= (Ah)}/D =~ Ah . tjc. Irrespective of the actual number of
scattering events, the quantum will escape from the layer if its energy is
not completely converted into heat. Total conversion into heat is possible
as a result of an inelastic collision of an atom which has absorbed the
quantum with some other particle. The quantum remains in the "absorbed
state' during a time t, = #,Z/4, where Z =ckn,is the number of absorption
events in 1 sec, and 1/4 is the lifetime of an excited atom. Finally, t, =~ 19/4,
If an atom which has absorbed the quantum undergoes an inelastic collision
during the time t,(electron impact of 2nd kind is the most effective
mechanism in this connection), the quantum will not escape from the layer.
The number of impacts of 2nd kind per second per atom is »r W, (W, =~
W, exp (z)). Thus, there will be virtually no true absorption if

1< ’ﬁ;;“ . (111. 33)

As an example, let us consider the emission of CIV in the 1550 A line.
Somewhat exaggerating, we may take A =10 sec™?, n,=~10°cm™®, W, ~
108 cm?¥/sec, ko =~10™8 ecm?, % =107, nAh =~ ApT % = 1018 m~2, Hence,
tery 10, and dg/nW, =107, so that mequahty (111.33) is satisfied.

A more careful analysis of the transfer of resonance radiation in an
optically thick layer was carried out by Ivanov /37/, who considered
completely incoherent scattering and derived the condition

Asy.
Tint<€
<iv= 4 V_—”tWﬂ ’

which is satisfied even with a more comfortable "margin."

Inequality (1I1.33) does not apply to subordinate lines, but the number of
absorbing atoms (ions) in this case is substantially less, as most of them are
in the ground state, and v will be close to 1 or smaller. Computations for
these ions emitting short-wave lines show that there is virtually no self-
absorption in any of the cases.

Our next problem is todetermine n,and I as a function of height in the
solar atmosphere. This amounts to constructing a model of the solar
atmosphere. Although this model will be quite crude, ignoring the inhomo-
geneous structure of the solar atmosphere, it will nevertheless allow for
the large "inhomogeneities," such as the active regions on the Sun,
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Both the temperature and the density distribution in the solar atmosphere
are highly inhomogeneous. Nevertheless, the first basic step is the
development of a model of the solar atmosphere as a homogeneous medium
with radial gradients of n, and I'. This "extrafocal' treatment enables us to
study the most general properties of the solar atmosphere. This approach
has proved to be quite effective for the solar corona /149, 150/, whose
principal features have been elucidated in this way.

log 7,
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FIGURE 28, Various models of the solar atmosphere.

1 — Allen and Woolley /142/; 2 — shklovskii and Kononovich /144/;
3 - Oster /119/; 4 — Piddington /215/; 5 — Athay and Menzel /212/;
6a, 6q — Koyama, for active and quiet regions, respectively; 7a,7q
— our model for active and quiet regions. Top (a) electron concen-
tration distribution; bottom (b) temperature distribution,

Several models have been constructed for the intriguing transitional
region between the chromosphere and the corona, but different authors came
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up with widely different meandistributions of n, and T'. A quick glance
at Figure 28 will show that this is indeed so. This figure plots the curves of
n. (k)and T (k) in accordance with different models which are discussed below.

Before proceeding with the construction of a model of the solar atmosphere,
we have to justify the use of the generalized measure of emission Ag (7))
which was derived semiempirically in Chapter II. Photoionization by short-
wave radiation emitted from the overlying (hot) layers may be significant in
the lower part of the transition region, so that expression (IL 5) relating
Ag (T) to line intensity and the parameters of the emitting ion will be invalid.
The efficiency of the hard radiation of the corona as an ionizing agent for
the lower layers of the solar atmosphere was first theoretically predicted
by Shklovskii /113/. The decisive role of the hard radiation in the excitation
of helium in the upper chromosphere was established by Nikol'skaya /209/
who compared the observation data with her theoretical estimates. Note that
Shklovskii's idea had been regarded as erroneous for some 20 years
following the critical comments of Athay and Menzel, which were eventually
shown to be unfounded /209/.

Photoionization by short-wave radiation may be estimated quantitatively,
since the energy distribution is known (Figure 20). Let us compare the
number of ionization events by electrons Z, and by hard quanta Z;. As an,
example, consider the MgIl ion which emits the resonance doublet 2796 A
and 2803 A. MgII is ionized by radiation with & <{826 A. The solar radiation
flux between 826 and 700 A is approx1mate1y 0.3 erg/cm?®sec (see Chapter II).
In the region of Mg II emission n, =~ 10" cm™, T =~10%°K. The photoionization
cross section of Mgl is ¢ ~~2.4 107 cm? /93/. After simple computations,
we find Z,/Z, =10 — 100, Photoionization is thus quite significant in the
upper chromosphere (or in the bottom part of the transitional region),

Since the kinetic temperature increases in higher layers of the solar
atmosphere, the ionization potential of the ions in these layers increases
and the flux of hard radiation capable of ionizing these ions correspondingly
decreases. This leags toamarked drop of the ratio Z,/Z, with increasing
height, Our computations show that for ions with ionization potentials

x>25 eV (A<{500 A) Z,/Z. =1, and for regions of the solar atmosphere with
T > 50,000° ionization by electrons predominates. Thus, as a result of
photoionization, ions with ionization temperatures 7; < 5 - 10*°K may exist
in regions with kinetic temperature 7T <7, (the chromosphere, prominences),
and the values of Ag (7T,)obtained by the method developed in Chapter II
(see (I1.5)) work out too high for T <5 - 10%*°K,

The limit temperatures T,, T, of the emission zones were determined for
25 ions with different 7T; /90/. The ionization curves of n;/Sn; vs. T were
plotted, and T,, T, were obtained by taking nyZn;equal to half the maximum
value. T, T,as a function of T, are shown in Figure 29, which gives to fair
approximation

T, =0.797;, T, =1.3T,. (II1.34)

The temperature in the solar atmosphere increases fairly rapidly with
height, reaching its maximum (1.5 - 108°K) in the inner corona and declining
fairly slowly thereafter, This indicates that Ag (T; =~10°) has two components:
one belonging to the transitional region and the other to the corona. The
coronal component may prove to be dominant, despite the decrease in the
concentration of matter with height. Indeed, the curve Ag (T;) (see Figure 17)
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shows a characteristic maximum corresponding to the mean coronal
temperature T = 1.5 - 108°K. This maximum lies in the temperature range
(1.1 —1.8) - 10%°K and occupies one '"'zone," i.e., the temperature interval
between the limit values T, and T, related to the mean temperature of the
corona by (I11.34). Theheight of the maximum canbe estimated independently,
from the distribution of n, in the corona, The mean electron concentration
distribution %, in the corona in an epoch of minimum activity is given by
Van de Hulst /169/. The measure of emission of an elementary column of
1 cm? cross section at the center of the solar disk (when the line of sight

coincides with the normal to the solar surface) is A7, =S nidr. Mis a function of

the angular distance from the center of the disc. The ofean value of the
measure of emission is M = 2M,. At the edge of the disc M (p) (where p is
the distance from the center of the solar disc in the plane of the sky) has a
discontinuity, dropping to 1/2 of its value, since one half of the elementary
coronal column is obscured by the Sun, Forp <1R., M (p) =M,(1 — p?) *A.
Similar computations were previously carried out by Shklovskii /149/, who
used a different distribution of n..

log TI,€

4 1 1
4 g 6 aq ar gz a3 04 d.7 a6
log 7; log r
FIGURE 29, Limit temperatures 7y, T, FIGURE 30, Distribution of electron con-
of the emission zone of an ion which centration n, as a function of distance r
determine the half-width of the ny/Zn; (in fractions of the solar radius) in an epoch
curve vs. the ionization temperature 7;. of minimum solar activity according to

Van de Hulst /169/ at the pole (light cir-
cles) and the equator (dark circles). The
solid line is our approximation.

Numerous comparisons of Van de Hulst's model /169/ with observations
reveal a fairly close fit. Approximating =. (r) by a binomial power function
of r (Flgure 30) and integrating, we find M =4 - 1028 em™ and M =3X%

10*" ¢m™ for epochs of minimum and maximum solar activity, respectively.
These figures should be multiplied by #;/(%,)?, which is equal to 3 according
to the results of Sec. 11l. Since the mean coronal temperature is T. =~ 1.4 X
10%°K, the generalized measure of emission of the corona takes the final
form

Ap, = T{T;"” .;L—f/(ﬁe){

83



For a "minimum' and a "maximum'' corona we obtain Agp.=7 - 107 and
5+ 10%, respectively. The "minimum" value fits the results obtained for Ag
from observation data of coronal emission lines (see Figure 17).

Let us now proceed with the construction of a generalized measure of
emission characterizing the entire thickness of the solar atmosphere above
any given level k2, as distinct from the generalized measure of emission Ag
for the emission zone of a single ion,

@(T) =N Ao = ni7 %an, (111. 35)
D

¢ (T)is readily seen to be more convenient for various computations and in
particular for the construction of models.

We partition the entire temperature range into nonoverlapping sub-
intervals with limit temperatures satisfying condition (II1.34) and add up the
values of Ap for these subintervals, The resultsare presented in Table 18.
Note that the values of Ap have been read off the A¢ (T) curve after elimination
of the coronal maximum (see Figure 17), since we are mainly interested in
a model of the transitional region below the corona,

TABLE 18. Conversion from the generalized measure of emission
of the emission zones of individual ions to the generalized measure
of emission of the entire transitional region above the level k

h(Ty) o > )
log T Ap= | mTT VR T o= [ o
h(Ty) I (T)
4.70 1.10% 4.54 11100
4. .
4.97 7.1018 481 8.45.10%
1. K
5 08
5 94 R 5.08 1.8.10
5 s 26101 5.35 6.7.1007
5.5 3.6 7
9101 5.62 3.1 100
5.77 07
6.05 8. 1010 5.89 1.1-10%
.. . )
/.32 2.5. 101 6.15 31,1018
i
6.52 6. 104 6.42 6.10%
. AP

The function ¢ (T)obtained in this way, like Ag, is an average for the
entire solar disc. ¢ (T) should be partitioned into components which correspond
to active and quiet parts of the solar atmosphere. If the area of active
regions relative to the area of the solar disc is §, and the surface brightness
of the active regions is I times the surface brightness of the quiet regions,

we have
=S80+ (1 =5  Gu/Pa=L. (111. 36)

This relation is applicable to optically thin emissions. The contrast I
should be a function of temperature, since it is the temperature that
determines the level at which a particular emission originates. For
temperatures of the order of 10°°K, rocket heliograms in the X-ray
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spectrum give ! = 30 (see Chapter I). The outline of the active regions in

X rays and in L, light corresponds to the calcium flocculi observed from
Earth. On the average, as we have noted in Chapter II, § = 0.02 on the days
on which the rocket data used in the construction of Ap (7) were obtained /210/.
We may approximately take S =0, since even with a high contrast the
generalized measure of emission in quiet regions does not differ from the
mean value § (7).

The computation of the generalized measure of emission in quiet regions
¢qfor T <5 - 10%°K from short-wave line intensities meets with considerable
difficulties, as we have noted before, due to the high efficiency of photo-
ionization, which distinctly predominates over the electron impact
mechanism, Therefore, to find § in the lower part of the transitional region,
we will use the measuremepts of the continuous radiation of the Sun in the
Lyman continuum (A <{912 A). Photoelectric /25/ and photographic !18/
estimates give a fairly reliable figure for the flux: F, = 0.24 erg/cm® sec.
Thus, 1 cm? of Sun's surface emits a flux of ®,= 10* erg/cmzsec. This
emission is mainly determined by the "'semitransparent’' layers adjoining
the level of optical depth t,=1, The temperature 7 of the layers with T.>1
may be approximately estimated using Planck's law, which gives the upper
limit value of 7. for the quiet regions, 7T = 6600°K., The recombination
emission of the "semitransparent'' layers with T <1 is related to ¢ (7) by the
simple equality 4,= 2.2 - 1022 T¢(T), where T is the average temperature in
the emitting region. With fair accuracy we may take 7 =~10%°K, so that

Q(T) =5-107D,, (111.37)

Thus for a quiet region ¢q (I) =5 + 102!, The best estimate for the contrast
of active and quiet regions in the Lyman continuum is [ =5, the contrast of
L. flocculi. After all, the effective levels at which L, and L. emissions
originate virtually coincide. Indeed, for the Lyman continuum m =1, and
the absorption coefficient is k. =107 cm?, whereas for L, quanta t =~10%—
10* (see above), k = 10713 ¢m?, so that the number of hydrogen atoms in an
elementary column above the effectively emitting level is almost the same
in both cases, vk = Ny =107 em™.

Extrapolating the curve ¢, (T)to the "Lyman" point ¢, (7)), we can easily
find the distribution @4 (7)in the entire temperature range (Figure 31).
Significantly, the point ¢,(35,000°) is offset almost by a factor of 2 in the
upward direction; at temperatures below this point, the effects of photo-~
ionization apparently begin to be felt. To construct the generalized measure
of emission in the active region (a(7)), we start with the Lyman point
@2 {7100°) = 3 - 10%? and with the known contrast values (see Chapter I).

Radio observations of active and quiet regions give ¢ (7)quite independently.

The brightness radio temperature is expressed by

T, = Teau. (111. 38)
[

where T is the electron temperature and the integral is taken over the path
of the radio beam. If the emitting region lies near the center of the solar
disc, the direction of propagation coincides with the normal to the Sun's
surface. In this case, the '"optical” thickness in the radio spectrum is
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Tz 2 . 1078 ghig (T), (111.39)

where g= 1.3 log (1.6 TA) is Gaunt's factor /157/. T, was found by numerical
integration, which gives accurate results for 7,. This method had been
previously applied in /90/. It calls for the construction of curves of T vs.
exp [—1 (p, M)} and measuring the areas under these curves. The areas are
numerically equal to T,. The computations made use of the data from
Newkirk's review /211/, which contains interferometric radio observations
of quiet and active regions, The function ¢, and ¢, were plotted using
different assumptions regarding S and [ for T >10%°K from the data on the
mean generalized measure of emission § (see Table 18 and Figure 31).
Note that the contribution of the corona to ¢ (T)was taken into consideration
in these calculations. This is a significant correction, since the corona
contributes at all wavelengths in the radio spectrum.
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FIGURE 31. Generalized measure of emission

FIGURE 32. Radio temperature of the solar
atmosphere vs. wavelength in active (dark

o0
oT)= S nt 7-"hdh characterizing the entire circles) and quiet (light circles) regions
Ty from interferometric measurements.

thickness of the solar aunosphere above a

. . . . . s plot the
certain level % in active and quiet regions. The curves plo T, () compured from

o(T).
Dark circles and the continuous curve are

based on the figures of Table 18, light cir-

cles plot ¢ (T)from the Lyman continuum

data; the dark square identifies the value

of ¢ for an active region in the corona;

the dashed curve is extrapolation with al-

lowance for the contrast !.

After a number of approximations, ! =30 and S =0 were found to provide
the best fit of the radio observation data for T >10°°K. The computed
curves of T, (A) adequately match the observations in this case. Figure 32
plots the brightness radio temperature of the Sun vs. wavelength. It shows
the T (A) curves computed from our ¢, and ¢,, together with the experimental
points /211/.
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No accurate data on the contrast of X-ray floccull were available at the
time when the T, (A\) were being computed. The requisite data were only
obtained at a later stage /43/, confirming our figure = 30 /90/.

The final plot of the generalized measure of emission vs, temperature is
given in Figure 31,

Note that regardless of the absolute values of § and §, correct values of
radio intensities (i.e., values which coincide with observations) may be
obtained only if the magnitude and the general trend of the generalized
measure of emission in active and quiet regions are roughly the same as in
Figure 31.

Let us now proceed with the computation of the vertical profiles of r, and
T. So far, we have used data relating r,to T which did not incorporate an
explicit dependence on height ("'short-wave'' and ''radio' data). We will now
turn to optical observations, which establish a relation betweenrn,, I, and 4.
Observations of the continuous radiation beyond the limit of the Balmer
series (A< 3647 A) at different heights give the generalized measure of
emission as a function of height:

Y () = § 27 snan. (111.40)
The function 4 (k) for a quiet region was computed in /212, 213/ from the
results of the American expedition which had observed the total solar eclipse
on 25 February 1952 in Egypt. Unfortunately, the heights on the slitless
spectrograms of this expedition are limited to 2 6000 km. Using the same
observation data, we computed the function y,(#) for an active region
(k 5000 km). The generalized measures of emission y, and ¥, are
exponential functions of height, and they are shown in Figure 33. Our
purposes, however, require knowledge of y (k) uptothe heights corresponding
to the inner corona. The values of ¢ in the inner corona are numerically
equal to the values of ¢ (T) for T = 1,5 - 10%°K, this being the mean tempera-
ture of the corona:

Yo (heq) = @q = 3-1078,
Pa (hca) =@, =7-107,

(111.41)

According to various observations, in particular the systematic observations
of Lyot and Muller /214/, the emission maximum of the inner corona in
quiet regions lies at the height .= 20,000 km. For active regions, this
maximum height is somewhat greater, k., = 30,000 — 40,000 km. The
function ¢ (k) thus may be extrapolated to these points. The resulting curves
of ¢ (k) are shown in Figure 33.

The distribution T (k) can be obtained from the equation

@ (1) =¥ (h);

then we have to find the product »iT-" = dy/dh, which in conjunction with T (&)
enables us to determine », (k). These operations were actually carried out,
and the results gave the distributions », () and T () which are shown in
Figure 34.
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The model of the transitional region obtained in this way is purely
empirical, since it was constructed using experimental data only, without
making any significant theoretical assumptions. Joint use of the functions
¢ (T)and (k)enables us to eliminate errors associated with the effect of the
factor n?/(n?); the curves in Figure 34 are the distributions of the root-mean-
square values (and not mean values).
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FIGURE 33. Generalized measure of emission FIGURE 34, A model of the transitional region between

® Jh vs. height & for active and the chromosphere and the corona in active (1) and
(k)= ’S; n T™:dh vs. hielg quiet (2) regions.

iet i h tmosphere, . ‘s
quiet regions of the solar atmosphere Curve 3 is the model of Christiansen et al. /217/;

The solid curves are based on observations of curve 4 is Oster's model /119/. Top (a), tempera-
the Balmer continuum /212, 213/, the dots ture distribution; bottom (b), distribution of electron
plot the measure of emission in the corona, concentration,

the dashed lines are the results of interpolation.

The eclipse observations of ¢ () used in our computations constitute the
weakest link among the initial data on which the model is based. Observa-
tions of the Balmer continuum are quite adequate for the determination of
P (h), but they are limited to low heights, and extreme extrapolation to
coronal heights is clearly uncertain. Similar criticism was voiced, in
particular, by Pottasch /130/. The crucial point, however, is not the
extrapolation (or more precisely the interpolation) itself, but the implied
suggestion that the corona begins only at heights of (2~ 3) - 10% km,
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American researchers maintain that the corona sinks to much lower heights,
as low as (1 —2) - 10% km. This factor will be further discussed at a later
stage. Another possible source of errors affecting the temperature distri-
bution at low heights is the interpolation of ¢ (7) to the Lyman points. A
straight line has been drawn for the sake of simplicity in Figure 31 for

T <3 -10*°K, but ¢ (T) may have a different gradient near the Lyman point
(there are indications that the gradient increases at lower 7). As a result,
the gradient of T (k) will change at altitudes h =~ 5000 km. It will become
clear from what follows, however, that the use of additional data for the
determination of the trend of T in the chromosphere renders the errors in
¢ (T) relatively insignificant for I <3 - 10%°K,

Let us compare our model of the transitional region with some other
models. First, a few remarks concerning the computation of radio tempera-
tures. T, () was computed by numerical integration, which markedly differs
from the method proposed by Piddington /215/ and used by Shklovskii and
Kononovich /144/, who worked with a functional dependence T, (A} which
enabled them to conveniently solve the integral equation (II1.38) between T,
and T for the electron temperature 7. A detailed analysis of the solution
shows that the approximation of T, (A)employed in /215/ is acceptable at
low temperatures, and the models derived in /215/ and /144/ are therefore
incorrect for T > 10%°K.

As we have noted before, Allen /99/ published predictions of the intensities
of 96 short-wave lines. Allen's intensities coincide, within one order of
magnitude, with the values of ¥, from Table I. Since our intensities were
computed from observation data for bright "reference'’ lines (see Chapter II),
whereas Allen used Oster's model /119/ (2nd version) for his prediction,
we can make a comparison between the two models. Turning to Figure 34,
we readily see that n,, according to Oster, has an excessively large gradient
and does not fit the distribution of n, in the corona /169, 214/, and the
gradient of T (k) according to Oster is larger than in our model. At the same
time, the Ag(7) which can be derived from Allen's initial data,*arecloseto
our values of Ag (7) almost in the entire temperature range. The values of
Ap (T = 10%°K) in Oster's model are 1 — 2 orders of magnitude less than our
figures, so that the theoretical intensities of the chromospheric emission
lines are lower in Allen's list /99/. The radio temperatures computed by
Oster and Brooks /216/ from Oster's model with certain corrections do not
fit the observations. The relation of n, to T for the transitional region in
Oster's model is thus very close to that in our model, whereas the vertical
distributions of n, and T have unacceptably large gradients. Oster's model
uses a number of a priori theoretical assumptions. In particular, Oster
assumes 'hydrodynamic equilibrium' in the transitional region and the
overall pressure P is regarded as a sum of the gas-kinetic pressure »k7 and
the hydrodynamic pressure associated with turbulent motions (pv{/2). The
distribution » (k) used in /119/ does not fit the observations: Oster's v, falls
with the increasing height, whereas in fact » increases or remains constant
(in the corona v = 20 km/sec, in the chromosphere », < 20 km/sec).

It is also interesting to compare our model with the purely empirical
model of Christiansen et al. /217/ based on an analysis of interferometric
radio observations at four different heights (A = 7.5— 176 cm) (see Figure 34).
Unfortunately, the calculations leading to the distributions of 7 and », are

*In /99/ the solar atmosphere is divided into temperature zones approximately corresponding to our zones
(Te/Ty ==2). For each zone the measures of emission over the entire volume are given.
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not reproduced in /217/. Using these data, we determined the generalized
measure of emission ¢ (7') and then computed the radio temperature T, (A).

A slight discrepancy was detected between the initial data for 7,in /217/ and
the final result, According to the observations used in Christiansen's model,
Tr(A="T7.5cm)=6 " 10%, whereas the model values of n,and T give T, =

4 . 10%, The model in /217/ apparently provides a relatively crude approxi-
mation, so that the identification of the various height levels is inaccurate.
For example, the effective height of the layer emitting at A="7.5cm is
estimated as 2 - 10* km with an error of £10* km. Comparison of our model
with the model of Christiansen et al. indicates that the heights in /217/ are
too low by 10% km,

After the publication of our papers /90, 129/ which described the
technique of construction and gave particular numerical results, Koyama
applied the same technique and the same initial data in 1963 /218/to derive
a model of active and quiet regions in the solar atmosphere which differed
from our model. This difference, as it later became clear, stemmed from
certain computation errors in /218/. Thus Koyama assumed equal densities
and temperatures for the active and the quiet corona. In computations of the
generalized measure of emission he assumed electron impact ionization in
the lower part of the transitional region. This assumption led to excessively
high temperatures in the chromosphere. The erroneous solution in /218/ is
also evident in the anomalous variation of n.: a flat maximum is obtained for
h==(10 —15) - 10® km and the densities of the active and the quiet regions
differ by as much as 1 order of magnitude.

To go one step further, we will extend the model of the transitional
region to the chromosphere. This problem was tackled in /219/, and we will
therefore only give the final results, briefly touching on the construction of
a model of the chromosphere. The degree of ionization of hydrogen is
relatively low in the lower chromosphere, and to determine the total
concentration of matter we require the concentration of neutral hydrogen =.
It is difficult to determine ny from observations of hydrogen lines, since
the mechanism of formation of strong lines is very complex, whereas weak
lines are produced by electron — proton recombinations and their intensities
are proportional to »n!. For these reasons, nyxis generally determined from
observations of weak (i.e., optically thin) lines of some low-abundance
element. Convenient lines of this type are the resonance doublet SrII
4078 and 4215 A (528 — 5°P° transition). The intensity distribution of these
lines in the chromosphere was observed during the eclipse of 25 February
1952 by American /213/ and Soviet /220/ astrophysicists, The observations
of /213/ covered both active (500 — 4800 km) and quiet (500 — 1800 km)
regions. These observations give the distribution of the concentration of
ionized strontium ngn between the corresponding height 1limits. The first
ionization potential of strontium is 5.7 eV, and strontium in the chromo-
sphere is definitely ionized at least once since the solar radiation flux at
A <2200 A is sufficiently high, The second ionization potential is 11 eV,
whichis 2.6 eV lowerthantheionizationenergy of hydrogen. This does not
indicate, however, that the ionization of Sr Il is more efficient than the ionization
of HI. In either case the ionization is caused by solar radiation beyond the
limit of the hydrogen Lyman series. Since the absorption coefficient of
Sr Il is 1/6 of the absorption coefficient of HI, both HI and SrII are ionized
almost simultaneously. We may thus take
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ny (h) = nsmr (k). %s, (111.42)

where xs, = 4.6 - 107° is the abundance of Sr relative to hydrogen /92/. Above
the level where SrII lines are observed, we can find nyg from the previously
considered distribution of n,. The dominant ionization mechanism for

Rk >10% km is electron impact, and we may therefore write nu = nf(T),
where f(7T) is a known function of temperature. At intermediate heights,
nyis determined fairly reliably by a simple interpolation. The distribution
of neutral hydrogen obtained in this way is plotted in Figure 35.
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FIGURE 85. Distribution of neutral hydrogen con-
centration in active and quiet regions of the solar
atnosphere.

At low altitudes nyy is determined from observations
of SriI lines and in the corona from computations

FIGURE 36. A model of active and quiet regions
of the solar atmosphere from short-wave, optical,
and radio observations.

The dashed curves plot T and n, in the lower part
of the transitional region (see Figure 34).

using our model. The horizontal line marks the
level corresponding to an optical depth of 1 in the
Lyman continuum. This level is the "boundary” of
the upper chromosphere (where the transitional
region "begins'). The dashed curves were obtained
by interpolation,

The variation of n,and 7T in the chromosphere can be computed from the
values of niT *: as a function of height, which we considered before in
connection with the model of the transitional region. These functions enable
us to derive the distribution of the electron concentration and temperature
in the chromosphere if taken in conjunction with the Saha equation

n = 4131079037 92 oxp 1L | (111.43)

which is applicable to an optically thin medium for radiation beyond the
Lyman limit. The method used to compute ry, n,and 7 in the lower chromo-
sphere is essentially analogous to Van de Hulst's method /214/. Van de
Hulst constructed a model for » <6000 km, using, however, somewhat
unreliable initial data.
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The r,and T obtained by this method for the lower chromosphere
adequately coincide with the model of the transitional region, as we see
from Figure 36, The T(k) curves were matched using ''Lyman" points
whose height is determined by the condition v (A 912 A)' 2 1 and the
temperature is equal to the Planckian temperature of the Lyman continuum.
A contrast of 5— 10 was assumed in the Lyman continuum (» 912 A)
between active and quiet regions.

Note that the gradients of n, and T change markedly at those heights were
the solar atmosphere becomes transparent in the Lyman continuum. We can
thus introduce the following definition: the boundary of the upper chromo-
sphere (or the lower part of the transitional region) is located at the level
whose optical depth in the hydrogen Lyman continuum is 1. Above this
level, the ionization of hydrogen markedly increases, and this definition is
therefore a reflection of the fact that the upper chromosphere is highly
ionized compared with the lower chromosphere, which largely consists of
neutral atoms.

13. Specific features of the transitional region between
the chromosphere and the corona

The distribution curves n, (k) and T(k)in Figure 36 show that the active
region is a dense layer of the solar atmosphere shifted upward along the
scale of heights. A characteristic feature of our model is that, virtually at
any given height, the temperature in an active region is lower than in a
quiet region. At a first glance, the lower temperature in the active region
appears to be quite paradoxical. Note, however, that the active region can
be treated independently from the quiet region. Indeed, the very existence
of an active region markedly differing in its physical parameters from an
adjoining quiet region is an indication of weak or nonexistent interaction
between the two regions. This mutual isolation is generally thought to be
a result of "adiabatic partitions'' imposed by magnetic fields. Magnetic
fields restraining heat conduction and diffusion are apparently a decisive
factor in the solar atmosphere which contains temperature and density
inhomogeneities. As a result, there is no need to assume equal gas
pressures in the active and the quiet regions at the same height.

Figure 37 plots the electron concentration as a function of temperature,
constructed from our model, The correlation between n, (k) and T (k)is quite
obvious: in the lower chromosphere, the rapid decrease of r,corresponds
to a relatively small change in T; in the transitional region T falls off
rapidly and r,changes very little; in the corona, the temperature reaches a
maximum and declines fairly slowly, as ~r"%, whereas the electron concentra-
tion drops much faster, as~ r®. The most remarkable consequence of our
analysis is that the same relation between n, and T is obtained for active
and quiet parts of the transitional region /129/:

Tni® = C, (111.44)

where C is a constant, which is different for active and quiet regions
(CafCq = 10).
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see Figure 36). Figure 36).

The temperature in the active region is higher than in the quiet region,
for the same electron concentration. This result is consistent with the views
of Pikel'ner /221/ on the origin of active regions. According to Pikel'ner,
the energy flux per unit mass in active regions is higher than in quiet
regions, so that, for the same material density, the active region will heat
up to higher temperatures than the quiet region. Pikel'ner's conclusion
that the chromosphere in the active region ''merges' into the corona at
lower heights than in the quiet region /222/is incorrect, and yet itis a
necessary consequence of the theory in /221/.

Consider the vertical variation of gas pressure. Figure 38 shows the
plot of nT ~p (n =n, +nuris the total number of atoms in 1 cm?). The
pressure is nearly constant in active and quiet regions in the lower chromo-
sphere. As we move higher up, the pressure falls off rapidly and "excess"
pressure is formed in the active region, which reaches its maximum in the
upper chromosphere (where the ""excess'' is about 1 order of magnitude).
Approximately at the same heights, a pressure minimum is observed in
regions of both types. The pressure increases with height in the transitional
region, the rate of change being significantly the same in both active and
quiet parts of the region. This indicates that "adiabatic barriers' are not
needed in the transitional region. It is quite possible that the transitional
region has no pronounced structural features, like the chromosphere or the
corona. We hope that the entire question of the structure of the transitional
region will be resolved in the near future by means of ground observations
using the large 53-cm coronograph /118, 128/.

The results of this chapter and Chapter II point to a considerable extent
of the transitional region. This conclusion, in general, may be reached
without constructing any full scale models, simply by analyzing the short-
wave lines and the generalized measure of emission A¢ (T). The transitional
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region with its temperatures of 10* — 10%°K emits a significant proportion of
short-wave radiation (see Table 10) and its measure of emission is therefore
high. If the transitional region is assumed to be geometrically thin, the
concentration of matter in this region works out to be anomalously high.

Some authorities do not share the opinion that the transitional region is
thick, reaching (5—10) - 10% km across. Zirin and Dietz /223/ regard the
transitional region as a verythin layer (about 500 km), with the corona
dropping to very low heights (h ~~1.5 - 10® km). The latter conclusion is
based on the observations of Athay and Roberts /224/ who recorded the
coronal line Fe XI 7892 A at heights 4 > 2 - 10% km. This result (which so
far has remained unsupported from other sources) is probably attributed
to the effect of projection of bright emission regions emitting at 7892 A
which make a certain angle with the plane of the sky. As we have noted
above, systematic observatlons of the corona in the green and red lines
reveal the existence of a 5303 A emission maximum around 2 - 10* km,
Interesting data about the heights of the emitting regions were also obtained
from the analysis of rocket observations. The first estimate of Blacke et al.
/43/ based on X-ray heliograms of 19 April 1960 show that X-ray (coronal)
emission extends up to heights of 43 - 10° km. According to Tousey's
estimates /225/, the OVI emission (7 = 2.5 - 10%°K) attaing its maximum
at heights around 5-10% km. Observations of the solar emission at 8 — 15 A
and 44 — 60 A carried out by Friedman's group /28/ in 1963 (see Chapter 1)
also yield heights of the order of 4 -10% km,

Another weighty argument is provided by the spectra of the solar atmo-
sphere obtained by British authors /9/. The description of this experiment
is given in Chapter I and the spectrum is shown in Figure 6. The Sun's
image was projected onto the spectrograph slit so that the line of sight
intercepted different parts of the solar atmosphere above the 7000 km level.
The exceptional accuracy of the guiding system (+ 1000 km) prevented the slit
from being inadvertently aimed at the solar disc during the exposure. The
results based on these interesting findings are shown in Figure 7 (Chapter I).
We see from this figure that the lines of neutral elements, e.g., HI, CI, OI,
are relatively weak: their intensity relative to the disc emission in the same
lines does not exceed 0.01. We recall that the temperature of the regions
emitting in these lines is <X10*°K, The relative intensity is a factor of
5— 10 higher for lines emitted by ions with 1on1zat10n temperatures higher
than 5 - 10*°K. The very strong doublet 1548, 1551 A, which reaches
relative intensity of 0.11, is emitted by the ion CIV which exists at tempera-
tures of 10°°K. According to our model, the temperature in quiet parts of
the solar atmosphere at heights of 7000 km is around 10%°K (see Figure 36).
The spectrum thus should not contain lines of ions with lower ionization
temperatures. Our model, however, characterizes the mean temperature
distribution and the real atmosphere, because of its inhomogeneous structure,
will contain elements with other temperatures at the same heights, although
their contribution should diminish as the deviation from the mean tempera-
ture increases. This is indeed the observed picture (see Figure 7). If the
corona begins at heights of (1 —2) - 10° km, there can be no strong emission
of the transitional region ions at heights of 7 - 103 km. The various data on
hand thus tend to support the model with an extended transitional region.
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Zirin and Dietz /223/ operate with a thin transitional region proceeding
from the erroneous notion of an "avoidance zone' for the intermediate
ionization stages among ions emitting the short-wave lines. According to
/223/, the only iron ions observed are Fel, Fell, FeXV, and Fe XVI. This
notion is fundamentally wrong. It suffices to examine Table II which lists
identifications of lines with the emission of ''intermediate' ionization stages.
Moreover, line intensities do not provide a single-valued indication of the
concentration of the emitting ions: the atomic characteristics of the ions
also play a considerable role. A good example is provided by the corona
whose visible spectrum does not contain any lines of the ions Fe XII, NiXIV,
and Ca XIV, whereas lower and higher stages of ionization are all present,
The curve of the generalized measure of emission Ag(7)in Figure 17 does

not show any minima at temperatures between
3 .10* and 3 - 105°K. Only the corona displays
logdp a narrow maximum attributable to its great
24 extent,
Pottasch plotted the measure of emission

2 S nidh as a function of temperature from

short-wave line data /117, 130/ and obtained

a curve with a minimum around T = 10%°K.
The emission in the short-wave lines,
however, depends on the generalized measure
of emission which contains an additional
factor T-: missing from the ordinary measure
of emission. If this dependence is taken into
consideration, Pottasch's curve loses its
minimum (Figure 39).

20

16 Let us now briefly consider the heating of
¢ 510g 7 the transitional region between the chromo-
sphere and the corona.
FIGURE 39. The generalized measure The formation of the transitional region
of emission according to various au- may be described as follows. The energy of
thors. the upward moving shock waves is dissipated
Curve 1, our data (see Figure 17); in the upper chromosphere, which is charac-
curve 2, Oster's model /118/ used terized by relatively low densities (compared

by Allen /99/ to predict the inten-
sities of short-wave lines; curve 3,

with the photosphere). The dissipated shock
Duptee and Goldberg /141/; curve wave energy excgeds the energy lossgs and
4, Portasch /117, 130/. The deep the temperature increases fairly rapidly to
minimum in the transitional region coronal values (about 108°K). At high tempera-
(T =105°K) is missing. tures and large temperature gradients,
however, the intensive downward heat
conduction smooths out the temperature
discontinuity. The energy radiated from a given level in the transitional
region is thus made up of two components: the dissipation energy of the
shock waves arriving from the subphotospheric layer — the convective zone,
and the energy transported from the overlying layers by thermal conduction.
This energy balance, taken in conjunction with the conditions of hydrostatic
equilibrium, determines the structure of the transitional region of the quiet
Sun /228/. )
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The energy blance between shock waves and hydrogen H. emission in the
lower atmosphere was considered by Dubov /227/, who was the first to
formulate the principle of energy balance for each level in the chromosphere,

These ideas were developed and verified by Livshits /228/ who used our
model of the transitional region for active and quiet regions of the solar
atmosphere. Livshits considered the energy balance in the transitional
region by calculating the radiant energy at different levels (the emission — e,
erg/cm?sec). The dissipation energy of shock waves (E, erg/cm?®sec) was
computed using a somewhat modified theory of shock wave propagation /229/,
The values of £ and & were found to coincide within the margin of accuracy
of the computations. Downward conduction of heat from the coronaapparently
does not make a significant contribution to the energy balance, since an
improbably large flux of shock waves required to account for the existence
of a corona with a mean temperature T = 1,5-10% °K if the thermal conduction
is taken into consideration. The heat conduction effect, according to
Livshits, is probably offset by the slow outward motion of the solar atmo-
sphere: velocities of about 1 km/sec are quite sufficient for this purpose.
This approach matches the theory of the expanding corona /191/, which
gives velocities of a few km/sec at the '"'base of the corona" (see Table 15).

According to /226/, the transitional region is extremely thin (about
1000 km), the mean temperature of the corona is T. = 6 - 10°°K, and the
corresponding temperature gradient is from 1000° to 100° per 1 km. Livshits
notes /228/ that these figures were obtained in /226/ from considerations of
thermal conductivity. If the temperature is raised to 1.5 - 106 °K, the down-
ward energy flux in a model with a thin transitional region will grow by a
factor of 10 and the outgoing energy will no longer be sufficient to maintain
the high coronal temperatures. (The thermal conduction energy flux is
~7%2qT/dh). This is an inherent difficulty in any model with a narrow transi-
tion region. Another difficulty isthatthe energy influxintothe lower layers of
the atmosphere becomes excessively large and can no longer be balanced by
radiant losses alone /230/. A possible way out of this dilemma according to
/230/ is that the excess energy is spent for.the excitation of dynamic insta-
bilities in the chromosphere (so-called chromospheric spicules).

If the emissions of hydrogen and helium provide the only mechanism of
radiative cooling, the vertical distribution of temperature will be dominated
by two characteristic regions 7 10,000 °K and T < 50,000°K, i.e., a
distinct temperature discontinuity is observed. The next discontinuity is
associated with ionized helium. Athay and Thomas /213/ used this model.

Another approach uses the emission of "impurity”" elements, such as C,
O, Si, Mg, Fe, and other elements which rank third and lower down in
abundance after hydrogen and helium. The importance of these "impurities,"
as it emerges from the analysis of short wave radiation increases in high-
temperature regions and becomes dominant in the transitional region and in
the corona, This factor has led Livshits /228/ to the conclusion that our
model is consistent with an extended transitional layer /129/ and with the
mechanism of heating of the solar atmosphere by upward moving wave
perturbations. The heat conduction effect in this case, as we have seen
before, is offset by the outward motion of solar matter with velocities which
do not exceed the characteristic velocities of the ""solar wind" theory /191/,
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In the light of the above considerations concerning an extended transi-
tional region between the chromosphere and the corona, let us consider one
of the recent publications which advocates a thin transitional layer. Athay
/231/ analyzed the data for short-wave lines of 47 ions of 10 different
elements. These data were used by Pottasch /117/, who derived an
expression for the intensity F of short-wave lines, analogous to (IL6).

After certain simplifications, Athay obtained

F e n (n,T) 2 @ (D),
where @ is a function of temperature only. Then quite arbitrarily assuming
the gas pressure to be constant (2,7 =const =6 - 10 deg/cm?), Athay
constructed the function dh/dT = f (T) from these data. Introduction of
dielectron recombination according to /231/ (T;doubled as a result) and
improved chemical composition changed the curve of f (T) very slightly and
quite insignificantly. The function f (T) between 10° and 10%°K corresponds
to the expression T™dT/dh = const, i.e., the energy flux transported by heat
conduction mechanisms is constant. The temperature distribution
T =T} —hy)recovered from f(T)is characterized by very steep gradients,
reaching 300 deg /km! To establish a scale of heights, Athay took 7 = 10%°K
for A =~2000 km.

Athay's work /231/ provides an excellent illustration of the crucial
importance that the assumption of constant pressure has on the final results,
Using the same observation data, but without any a priori theoretical
assumption, one could easily obtain a model not unlike ours, with an extended
transitional layer.

The relation between density and temperature characteristic of our model
(ry°T =const) /129/is naturally explained within the framework of the theory
of heating of the transitional region. The volume emission of the transitional
region is determined in /232/ from model data: e~ nil %8, Analysis of shock
wave damping indicates that the energy dissipated per unit volume is
E ~ T-te-19, The energy balance at any level in the transitional region
(E =¢) gives

n**OT — const,

Within the margin of error of the theory, this expression coincides with
relation (III.44) which is derived from our model. It has been shown in /232/
that a relation of this type is also applicable to transitional regions of stars
of different spectral classes.

In concluding this chapter, let us briefly consider the future prospects of
observations of the transitional region between the chromosphere and the
corona. Investigation of the transitional region from its short-wave spectrum
involves considerable difficulties, because the equipment has to be launched
beyond the absorbing layers of the Earth's atmosphere, to altitudes 2 > 100—
200 km. Further studies require observation data with high spatial and
spectral resolution, which is exceedingly difficult to ensure in rocket
observations.

In our opinion, ground observations of the transitional layer in the
"visible" spectrum should be attempted both during total solar eclipses and
by extra eclipsing methods. After all, ground observations have enabled us
to establish virtually all the physical properties of the solar corona. One
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of the lines of the transitional region is well known and it has been repeatedly
observed. This is the He Il line 4686 A corresponding to the principal
transition of the Paschen series. Unfortunately, the information about this
line is still fragmentary. Moreover, the 4686 A line is generally observed
only in the spectrum of active regions, i,e., condensations and flares.
Astrophysicists know of a large number of other lines corresponding to the
temperatures of the transitional region; these lines are observed in the
spectra of stars with extended envelopes. The "allowed' lines of sufficiently
abundant ions (O, N, C, Si) with low initial ionization potentials should
apparently be the strongest. These lines can be found in Moore's list /96/
and in the tables of Striganov and Sventitskii /107/. The intensities of these
lines may also be estimated by the method used in Chapter IIfor the prediction
of short-wave lines or, more precisely, by matching with known intensities
of short-wave lines in cases when the initial level is commonfor the emission
of a short-wave and a ''visible" line. Table 19 lists some data obtained by
this method for a number of strong lines. The radiation fluxes listed in
Table 19 correspond to an epoch of minimum solar activity. The values of

F may be substantially higher in the active parts of the transition region.

TABLE 19. Some lines of the transitional region between the chromosphere and the corona accessible to
ground observations

F Mitchell /233/, chromosphere
o 0 Fe105, [ ) )
fon T;, °K Transition X, A erg/cmzsec intensity
A A identification| (Rowland®s
scale)
Hell 1-10% 3d2D—4] 2F° 4685.68 1 4685.7 Hell 2
Cciv 1+10° |3s25—3p2P°| 5801,33 9 5798.00 Fe, Si 4
5811.98 } 5804.28 Fe, Ti 2
5811,39 Fe 1
NV 1.8- 105 | 3s25—3p?P°| 4619.4 } 2 4619,50 Fe 2
4603.2 4602,95 Fe 5
OoVI 3. 10° 3s2§—3p2P°| 3811.35 } 3 3811.40 Ti, Ni 2
3834,24 3834.46 Fe 15
oI 6 -10* 3pip°—3plP | 5592.37 2 5592.28 Ni 1

Energy estimates correspond to quiet regions of the solar atmosphere.

The region of emission of these lines is limited to heights of (5 — 20) -
-10%km, so that instruments forming a sufficiently large image of the Sun on
the spectrograph slit will be required. The determination of the emission
heights is one of the basic problems in the detection of these lines. The
large extraeclipsing coronographs /128/ are quite adequate at this stage for
ground observations of the transitional region.

Mitchell's list of chromospheric lines based on the observations of four
total solar eclipses (slitless spectrographs) /233/ contains some 3500 lines,
Unfortunately, the list contains no coronal lines, and it can hardly be
expected to include lines from the transitional region, especially in view of
the specific properties of the slitless spectrograph which is best adapted to
discovering lines characterized by a small scale of heights (narrow crescents).
Table 19 also lists a number of lines from Mitchell's list /233/ whose wave-
lengths are close to those of the lines of the transitional lines; the
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corresponding identifications and intensities on the Rowland scale are also
given. To every line of the transitional region there corresponds a chromo-
spheric line and the two lines form a blend. This naturally markedly
interferes with the search for lines of the transitional region.

High-resolution spectral observations make it possible to determine
whether a given line belongs to the transitional region or to the chromo-
sphere. The line widths in the transitional region are larger than in the
chromosphere (this is naturally so for weak optically thin lines only) but
smaller than in the corona, The lines listed in Table 19 should have half-
widths of no less than 0,3 A.** The determination of the line widths for the
transitional region constitutes one of the most important observational tasks.
Satisfactory solution of this problem will yield the temperatures and the
"turbulent' velocities in the transitional region.

* For example, the CIV lines 5801.3 and 5812.0 A should have widths of around 0.5 —0.8 A for the
characteristic "turbulemt” velocities of the solar atrosphere (10 —12 km/sec).
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Chapter IV

BASIC OBSERVATIONAL DATA FOR
THE IONOSPHERE

The ionosphere is characterized by fairly complex behavior. The state
of ionization of the gases in the ionosphere is maintained in daytime mainly
by the ultraviolet and the X-ray radiation of the Sun. This short-wave
ionization radiation varies with the level of solar activity. Solar activity
cycles (11-years and 27~days variations) and disturbances associated with
solar flares are superimposed on regular diurnal variations in the ionosphere,
The ionosphere, being part of the upper atmosphere, also faithfully repeats
all the changes and fluctuations of the neutral atmosphere. The properties
of the neutral atmosphere, its composition, density, and temperature are,
in their turn, functions of the time of day and year, latitude, and other fac-
tors, including the solar activity level.

Despite this complexity, the variations in the ionosphere mainly present
a regular picture, since after all the state of the ionosphere is determined
by comparatively simple physical processes. Knowledge of these processes
and experimental data about the upper atmosphere and the ionizing radiation
of the Sun are needed to understand the regular variations in the ionosphere
and to identify the nature of some irregular disturbances. In this chapter
we shall mainly discuss the results of observations relating to the regular
behavior of the ionosphere, which have been obtained by different methods.

14, Results of radio sounding from the ground

Although the existence of a conducting ionized layer in the upper atmo-
sphere was suspected back in late 19th and early 20th century, a direct proof
of the existence of the ionosphere, as a permanent feature of the upper atmo-
sphere, was only obtained in 1926, when Appleton and Barnett recorded
vertical reflection of radio waves. The method of vertical sounding of the
ionosphere was subsequently developed, and it remained the only experimen-
tal method of atmospheric research for a quarter of a century, until the
advent of rockets. Basically, this method operates with reflections of radio
signals of various frequencies from the ionosphere. By measuring the
transit time of the pulse, one can estimate the effective reflection altitude;
the maximum reflected frequency f, (the critical frequency) provides afairly
reliable estimate of the electron concentration 7, in the layer maximum,

ne — 1.24.100. 12, (Iv.1)
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where f, is in MHz. The numerical relation between r, and f, is presented
in Table 20,

TABLE 20. Relation of electron concentration to critical frequency

n,, cm™® | 3.10% ‘10‘ l 108 108 5:10°

fo. MHz 0.5 ‘ 0.9 ] 2.85 9 20

The wide use of the method of vertical sounding proved of the greatest
importance for the development of radio communications and broadcasting.
It supplied a wealth of information about diurnal, seasonal, and latitudinal
variations of the electron concentration at three fixed levels in the iono-
sphere, the so-called E, F, and F; ''layers' or 'regions,'™*

TABLE 21. Basic parameters at the maxima of the different ionospheric regions

ne, cm’?
day
Regi .k T; - ,em™? i
egion hmax+ XM K mcm solar activity night
maximum { minimum
D (70) 220 2-10% 150 ~10
E 110 270 2-10%2 3.10% 1.5-10% ~4-10°
Fy 180 800—1500 1.5:10% 5-10° 3.10° -
F, (winter) 220—280 | o0 g0 | @910 25-10° g-10° ~10%
Fa(summer) | 250—320 (1—3)-10° 8- 10% 2-10% (2—5)-10°%

Table 21 summarizes some basic information about the three regions of
the ionosphere. They lie at altitudes between about 50 and 300km (Figure 40),
whereas the ionized part of the atmosphere extends to much greater altitudes,
up to the outer boundary of the magnetosphere with the interplanetary space
(10—15 Earth radii).

The atmospheric conditions widely vary in different parts of the ionosphere.
The temperature changes from around 200 to 1000—2000°K; the neutrals
concentration n changes by a factor of 10%, from about 10™ em™? in the 0
region to about 10° cm™? in the # region.

The electron concentration n, depends on the phase of the solar cycle and
the time of the day. The peak concentration of ions and electrons is attained
in the topmost layer, in the F, region at an altitude of #~300km. At night,
the electron concentration in this region diminishes to 1/3~1/10 of its day-
time value, whereas in the E and F, regions it drops by 1.5 and 2.5 orders of
magnitude, respectively. Table 21 lists some mean values of n,, which
ignore the dependence on latitude, time of year, geomagnetic activity, ete.
The seasonal variations are reflected for the F, region only, as they are

* We will use both terms. The term "layer" will be used when a distinct maximum of electron concentration
is observed in the region,
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A, km particularly large there. The F, layer is
1000 regularly observed at daytime only, for
relatively small zenith angles of the Sun,

2g, & 45°, For these reasons it is mostly
detected in summer. The F, layer is more
apparent during minimum solar activity; it
is not observed altogether during the winter
maximum of solar activity.

The main regular variations in the elec-
tron concentration can be classified into
diurnal, latitudinal, and seasonal, The most
remarkable feature is that for the E and F,

500

90 regions they are all determined on the aver-
Vi fon i - age by the variation of the Sun's zenith
A A A distance zg. The mean concentration 7, is a
flgs om simple function of zy:
FIGURE 40. A typical vertical distri-
bution of the electron concentration in 7, 00 (08 Z@)'. (Iv.2)
the ionosphere for daytime and night-
time conditions. The different regions which proves that the ionization in this region
of the ionosphere are identified for is determined by the electromagnetic radiation
each profile. of the Sun. Observations during solar eclipses

seem to confirm this conclusion. Indeed, as

the Moon advances to eclipse the Sun, n, di-
minishes in the E and F, layers, only to start increasing after the maximum
phase of the eclipse.

Simple theoretical considerations (the so-called theory of the simple layer)
givel=0.5 in (IV.2). However, the power exponent [ is not constant: itvaries
with location and time of year. Moreover, > 0.5 in the £ region and 1< 0.5 in
the F, region. The deviation of I from the theoretical value of 0.5 reveals
the approximate nature of the simple layer theory, whereas the seasonal and
latitudinal variation of ! indicates that geophysical, as well as solar radiation,
factors must be taken into consideration. The same conclusion emerges
from the fact that (IV.2) is valid for the mean concentrations 7, only.

In the F, region, not even the mean electron concentration follows the
simple relation (IV.2). The diurnal maximum of r, definitely does not fall
at noon, and the magnitude of its displacement is a function of latitude,
season, and also longitude. In some cases, maximum rn, is observed at
night /234/. This constitutes what is known as the anomalous behavior of
the F. region. Nearly a dozen of various "'anomalies' are distinguished:
diurnal, seasonal, December anomaly, equatorial anomaly, etc. These
factors strongly suggest that the variation of », in the F, region is deter-
mined by geophysical factors, and not by the solar radiation,

Examination of the actual daily variations of n, in the E and F, regions
(instead of the mean values) may also reveal deviations from relation (IV.2)
associated with various geophysical factors. Solar radiation, however,
invariably remains the decisive force. This conclusion is further corrobor-
ated by the clear dependence of the long-~time averages of various ionospheric
parameters on the solar activity level.

The dependence of the ionospheric parameters on the solar activity also
emerges from the 27-day and 1ll-year periodic variations. As we have
mentioned above, it is only the mean values of the ionospheric parameters
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that reveal the dependence on the solar activity. The particular solar activ-
ity index selected does not markedly affect the results.* Ratcliff and Weeks

/234/ in their famous review give the following functional relations between

n. and the sunspot number R:

(%e)? = 1.8-10% (1 4 aR) for the E region, (Iv.3)

where a = (7—9.5) . 107%

(@)? = 5-10%0 (1 4 0.016R) for the F,region; (IV.4)
#oc (1 4-0.02R) for the F, region. (IvV.5)
logn, The most pronounced dependence of 7, on the

solar activity is thus characteristic of the 7,
region. This is clearly seen from Figure 41,
which plots the three functions.

Another clear manifestation of the dependence
on the solar activity is provided by ionospheric
disturbances during solar flares. These dis-
turbances constitute a complex of various iono-
spheric phenomena, which mainly occur in the
lower part of the ionosphere, in the D region,

sot - ) [ although 7. is occasionally observed to increase
4 a3 inthe E and F regions also /235, 236, 807/.
During chromospheric flares, the hardest com-
FIGURE 41, Variationof the mean ponent of the solar radiation is markedly inten-
values of the electron concentra- sified, and it penetrates throughout most of the
tion nein E, Fy, and F, regions .
ionosphere,.

vs. the sunspot number R, : X i . B
Ground ionospheric stations yielded a rich

crop of observational data. Observations of
regular phenomena are supplemented by irregular effects (sudden iono-
spheric disturbances SID, sporadic E_ layer, F scattering, inhomogeneities
and moving disturbances, etc.) which have to be studied for practical rea-
sons: proper understanding of these effects is important for elucidating the
conditions of formation of the ionosphere and its changes. Although iono-
grams provide a fairly clear classification of these phenomena, they do not
always shed enough light on the variocus processes which take place in the
ionosphere.

The difficulties associated with the interpretation of the ionograms stem
from one basic factor: although the value of n. can be determined with fair
certainty from (IV.1), the actual altitude to which this n. is to be assigned is
highly uncertain. Ratcliff and Weeks /234/ note that superficial examination
of ionograms reveals with great clarity the penetration of radio waves through
E and F, layers. It would therefore seem that the corresponding critical
frequencies are amenable to simple interpretation. However, radio wave
propagation through the £ layer is a highly complex effect in reality, and
the penetration of radio waves through the F layer, although easily detected,
is not so simple to interpret. Even the numerous regular features detected
in ionograms were interpreted only after a fairly detailed picture of the

¢ In Chapter I we mentioned that the decimeter radio emission of the Sun provides a better index of the
intensity of the short-wave solar radiation.
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physical processes in the ionosphere had become available., Some of the
irregular phenomena observed in the ionograms also have been identified:
they are linked with changes in the intensity of ionizing agents or with varia-
tions in the atmosphere. Most of the irregular phenomena, however, remain
quite puzzling. Recent results obtained with rockets and satellites, and by
means of some new ground methods of research which will be considered at
a later stage, enabled to reach a better understanding of a number of basic
processes in the ionosphere and to form a clearer picture of the reasons for
the changes in the critical frequencies in the ionograms. One of the main
tasks was to obtain the vertical profiles of n..

15. Rocket measurements of electron and ion
concentration at altitudes of 60— 300km

The early methods of ionosphere sounding from the ground only yielded
the variation of n, in the maxima of the E, F,, and F, layers. The main
advantage of the rocket method is that it measures n, in a range of accurate-
ly known altitudes, thus yielding the vertical profiles of n.(k). Another
achievement of rocket measurements is that they provide more reliable data
on the altitudes of those layers which are picked up by the ground sounding
stations. Over 150 rocket measurements of »n, (k) profiles have been carried
out so far, both in the USSR (by K. I. Gringauz's group) and elsewhere. A new
technique was recently developed for the computation of the »n, (¢) profiles
from the ionograms. In this section, we present the main results relating
to the n, (2) profiles in different parts of the ionosphere and describe the
diurnal variation of these profiles, their dependence on latitude, on solar
and geomagnetic activity, and on other factors.

The D region

Let us consider the results of rocket (33 tests) and ground measurements
of n, at altitudes between 60 and 100km presented in /237/. It follows from
Kane's work /238/ that the electron collision frequencies used in the earlier
treatment of radio wave absorption in the D region were exaggerated. The
electron concentrations n, obtained with the use of new electron collision
frequencies, by ground methods of absorption, cross modulation, and partial
radio wave reflection virtually coincide with the values of r, obtained with
rockets by the method of wave propagation. The rapidly developing method
of rocket probe measurements for the D region still gives less reliable
results than the other methods.

A characteristic feature of the D region is the permanent irregular varia-
tion of n, which is superimposed on the regular daily, seasonal, and latitu-
dinal variations. The mean values of n, under characteristic conditions,
based on the results of rocket and ground measurements, are given in
Table 22. Analogous results for r, under quiet conditions were recently
obtained by other authors as well /239—241/.
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TABLE 22. Mean electron concentrations ne, cm > /237/

Altitude, km
60 65 70 75 80 85 90 95 100
Conditions
Polar night /242/ 5 10 15 20 22
Night 10 20 40 100 300 10° | 3-10°
Day (winter) 20 50 50 90 160 630 1600
Day (summer) 50 120 160 800 | 2-10% | 4-10% [1.5-10%| 3.10% | 610
Highly disturbed iono-
sphere 500 |1.5-10%|3-10% [ 4.10% | 6-10% [1.2-10* | 3.10% | 8.10% [1.2.10°

The regular variations of n. can be described as follows. At night r. is
1/10—1/30 of its daytime values. At high latitudes and during strong iono-
spheric disturbances (SID) entailing strong absorption of radio waves, n,
increases at all altitudes; below 90km, =, increases by a factor of 10. A
similar increase in n. is noted in the presence of the sporadic £, layer,
although only at altitudes around 85km. Slight seasonal variations in r, are
also observed (in summer n, is higher than in winter). All these factors
indicate that the electron concentiration in the D region undergoes definite
regular variations related to the effects of solar and corpuscular radiation
and to seasonal variations in the atmosphere.

The D region also shows irregular variations of the electron concentration
and formation of sporadic inhomogeneities in n,. The agent responsible for
the ionization of this part of the ionosphere, both in daytime and at night, can
thus be identified as variable and sporadic. The sporadic variations in n,
and the increase of n. during geomagnetic disturbances and near the auroral
latitudes reveal the significant role of the corpuscular radiation in the ioniz-
ation of the D region /237, 668—672/.

In distinction from the n. values, for which fairly complete data are avail-
able, the concentrations of positive and negative ions (r{ and n;) in the lower
ionosphere are quite uncertain to this day. Contradictory data on the values
of the ratio I"= n